
ar
X

iv
:1

40
5.

00
62

v1
  [

as
tr

o-
ph

.S
R

] 
 1

 M
ay

 2
01

4
Publications of the Astronomical Society of Australia (PASA)
c© Astronomical Society of Australia 2014; published by Cambridge University Press.
doi: 10.1017/pas.2014.xxx.

The Dawes Review 2: Nucleosynthesis and stellar yields of

low and intermediate-mass single stars

Amanda I. Karakas1, and John C. Lattanzio2
1Research School of Astronomy & Astrophysics, Australian National University, Canberra ACT 2611, Australia
2Monash Centre for Astrophysics, School of Mathematical Sciences, Monash University, Clayton VIC 3800, Australia

Abstract

The chemical evolution of the Universe is governed by the chemical yields from stars, which in turn is
determined primarily by the initial stellar mass. Even stars as low as 0.9M⊙ can, at low metallicity, contribute
to the chemical evolution of elements. Stars less massive than about 10M⊙ experience recurrent mixing
events that can significantly change the surface composition of the envelope, with observed enrichments
in carbon, nitrogen, fluorine, and heavy elements synthesized by the slow neutron capture process (the
s-process). Low and intermediate mass stars release their nucleosynthesis products through stellar outflows
or winds, in contrast to massive stars that explode as core-collapse supernovae. Here we review the stellar
evolution and nucleosynthesis for single stars up to ∼ 10M⊙ from the main sequence through to the tip of
the asymptotic giant branch (AGB). We include a discussion of the main uncertainties that affect theoretical
calculations and review the latest observational data, which are used to constrain uncertain details of the
stellar models. We finish with a review of the stellar yields available for stars less massive than about 10M⊙

and discuss efforts by various groups to address these issues and provide homogeneous yields for low and
intermediate-mass stars covering a broad range of metallicities.

Keywords: stars: AGB and post-AGB – nucleosynthesis – ISM: composition – Population II stars – stars:
mixing – chemical evolution

The Dawes Reviews are substantial re-
views of topical areas in astronomy,
published by authors of international
standing at the invitation of the PASA
Editorial Board. The reviews recog-
nise William Dawes (1762-1836), sec-
ond lieutenant in the Royal Marines
and the astronomer on the First Fleet.
Dawes was not only an accomplished
astronomer, but spoke five languages,
had a keen interest in botany, min-
eralogy, engineering, cartography and
music, compiled the first Aboriginal-
English dictionary, and was an outspo-
ken opponent of slavery.

1 Introduction

Stars with initial masses between about 0.8M⊙ and
10M⊙ dominate the stellar population in our Milky Way
Galaxy. This mass interval spans a huge range in stel-
lar lifetimes, from the longest lived low-mass stars, that
have existed for as long as our Galaxy (≈ 1.2× 1010

years) to the most massive of this range, whose lives
are over in the blink of a cosmic eye (. 20 million
years). These stars are numerous because of the shape
of the initial mass function which peaks at ≈ 1M⊙.
Their importance is underlined by that fact that they
experience a diversity of rich nucleosynthesis, mak-
ing them crucial contributors to the chemical evolu-
tion of elements in our Universe (e.g., Travaglio et al.
2001a; Romano et al. 2010; Kobayashi et al. 2011b).
When these stars evolve they lose mass through strong
stellar outflows or winds and it has been estimated that
they have produced nearly 90% of the dust injected into
the interstellar medium (ISM) of our Galaxy, with mas-
sive stars accounting for the rest (Sloan et al. 2008).
Furthermore, galaxies dominated by intermediate-age
stellar populations have a significant fraction of their
starlight emitted by low and intermediate mass stars,
especially when they evolve off the main sequence
to the giant branches (Mouhcine & Lançon 2002;
Maraston 2005; Maraston et al. 2006; Tonini et al.
2009; Melbourne et al. 2012).
For low and intermediate-mass stars the most im-

portant nucleosynthesis occurs when the stars reach
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2 Karakas & Lattanzio

the giant branches. It is during the ascent of the red
giant branch (RGB) that the first dredge-up occurs.
This changes the surface composition by mixing to the
surface material from the interior that has been ex-
posed to partial hydrogen (H) burning. It is also on
the upper part of the RGB where extra mixing pro-
cesses occur in the envelopes of low-mass giants. These
are processes not included in traditional calculations
which assume convection is the only mixing mechanism
present. Such processes may include meridional circu-
lation, shear mixing, and various hydrodynamic and
magnetic mixing processes. Empirically we know that
something occurs that results in further products of H-
burning nucleosynthesis becoming visible at the surface.
The more massive stars in our selected mass range

will also experience a second dredge-up, which occurs
following core helium (He) exhaustion as the star begins
its ascent of the giant branch for the second time, now
called the asymptotic giant branch, or AGB. It is on the
AGB where we expect the largest changes to the surface
composition. These are driven by a complex interplay
of nucleosynthesis and mixing. The nucleosynthesis is
driven by thermal instabilities in the He-burning shell,
known as shell flashes or thermal pulses. The products
of this burning, mostly carbon, may be mixed to the
stellar surface by recurrent convective mixing episodes.
These mixing episodes can occur after each thermal
pulse and are known as third dredge-up events.
Thermal pulses are responsible for a large variety

of stellar spectral types. Stars begin their lives with
an atmosphere that is oxygen rich, in the sense that
the ratio of the number of carbon to oxygen atoms
n(C)/n(O) is less than unity. Recurring third dredge-
up on the AGB can add enough carbon to the envelope
that the star becomes carbon rich with n(C)/n(O) ≥ 1,
hence becoming a “carbon star” (or C star). There are
many different types of C stars including both intrinsic,
meaning that they result from internal evolution (as de-
scribed above, e.g., C(N) stars) or extrinsic, where it is
mass transfer from a close binary C star that produces
n(C)/n(O) ≥ 1 in a star that is not sufficiently evolved
to have thermal pulses itself (e.g., CH stars and dwarf
C stars, Wallerstein & Knapp 1998). It is also the third
dredge-up that mixes to the surface the heavy elements
such as barium and lead that are produced by the slow
neutron capture process (the s-process). This can re-
sult in S-stars, barium stars and technetium-rich stars
(Wallerstein & Knapp 1998). Strong stellar winds then
expel this enriched material into the ISM, where it can
contribute to the next generation of star formation.
Intermediate-mass AGB stars may also experi-

ence hot bottom burning (HBB), where the bot-
tom of the convective envelope penetrates into the
top of the H-burning shell. Proton-capture nucle-
osynthesis occurs at the base of the mixed enve-
lope (Blöcker & Schoenberner 1991; Lattanzio 1992;

Boothroyd et al. 1995). Third dredge up operates
alongside HBB and this can lead to some interesting
results, such as substantial production of primary ni-
trogen, together with other hydrogen burning products
including sodium and aluminium.
The short lifetime of those AGB stars that experi-

ence HBB (τ . 100Myr) has implicated them as poten-
tial polluters of Galactic globular clusters (GCs), which
show abundance trends consistent with hot H burn-
ing (Gratton et al. 2004, 2012; Prantzos et al. 2007).
The ability of detailed models to match the observed
abundance trend depends on highly uncertain assump-
tions about the treatment of convection and mass loss
in stellar models (e.g. Fenner et al. 2004; Karakas et al.
2006a; Ventura & D’Antona 2009).
Not so long ago there was a belief that if you were

interested in the chemical evolution of the Galaxy, or in-
deed the Universe, then all you needed was yields from
core-collapse supernovae (SNe), and perhaps Type I su-
pernovae (e.g., Timmes et al. 1995). But with an in-
creased understanding of the breadth and depth of nu-
cleosynthesis in AGB stars has come clear evidence
that the picture is simply incomplete without them. It
has been shown by Kobayashi et al. (2011b) that AGB
models are essential to reproduce the solar system abun-
dances of carbon, nitrogen, and the neutron-rich iso-
topes of oxygen and neon. Similarly, Renda et al. (2004)
and Kobayashi et al. (2011a) showed the importance of
AGB stars for fluorine. Fenner et al. (2004) performed
a similar study for magnesium, highlighting the contri-
bution from intermediate-mass AGB stars of low metal-
licity to the chemical evolution of 25Mg and 26Mg. The
importance of AGB stars to understanding the compo-
sition anomalies seen in globular clusters is just another
reason why they are of such interest to contemporary
astrophysics.

1.1 Definitions and Overview of Evolution

We will here be concerned with stars with masses be-
tween about 0.8M⊙ and 10M⊙. Stars more massive than
this proceed through all nuclear burning phases and end
their lives as core-collapse supernovae. While these mas-
sive stars are relatively rare they inject considerable
energy and nucleosynthesis products into the galaxy
per event. For this reason they are extremely impor-
tant when considering the evolution of galaxies. Their
remnants are either neutron stars or black holes (for the
evolution and nucleosynthesis of massive stars we refer
the reader to Langer 2012; Nomoto et al. 2013).
Stars that will become AGB stars begin their jour-

ney with core H and He burning (and possibly C burn-
ing on the “super-AGB”; see below), before they lose
their outer envelopes to a stellar wind during the AGB
phase of stellar evolution. It is convenient to define
mass ranges according to the evolutionary behaviour
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Figure 1. Schematic showing how stellar mass determines the main nuclear burning phases at solar metallicity, as well as the fate of
the final remnant. This defines the different mass intervals we will deal with in this paper. Note that the borders are often not well
determined theoretically, depending on details such as mass loss and the implementation of mixing, for example. This is particularly
true for the borders around the region of the electron-capture supernovae. Likewise, all numbers are rough estimates, and depend on
composition in addition to details of the modelling process.

the stars will experience. The exact numerical values
will, of course, depend on the star’s composition and
possibly other effects (such as rotation, which we ignore
for now).
The definitions we will use are given below and shown

in Figure 1 for solar metallicity. A reduction in the
global stellar metallicity will shift the borders intro-
duced here to a lower mass (e.g., core C burning will
ignite at about 7M⊙ at Z = 10−4 instead of about 8M⊙

at Z = Z⊙ ≈ 0.014). We introduce some new nomencla-
ture in this diagram, while maintaining the definitions
of “low” and “intermediate” mass as given in the exist-
ing literature.

1.1.1 The Lowest Mass Stars

We define the “lowest mass stars” as those that burn
H in their core but take part in no further (significant)
nuclear burning processes.

1.1.2 The Low Mass Stars

We have defined “low-mass stars” to be those with ini-
tial masses between about 0.8 and 2M⊙ which experi-
ence He ignition under degenerate conditions, known as
the core He flash (Demarque & Mengel 1971; Despain
1981; Deupree 1984; Dearborn et al. 2006; Mocák et al.
2009). Stars more massive than this succeed in igniting
He gently. These low-mass stars will experience core
He burning and then all but the least massive of these
will go on to the AGB (without an appreciable sec-
ond dredge-up), ending their lives as C-O white dwarfs
(WDs, see Figure 1).

1.1.3 The Intermediate Mass Stars

We then enter the domain of “intermediate mass” stars,
a name well known in the literature. Here we have
broken this mass range into three distinct sub-classes,
based on C ignition and their final fate. We will only
use these new names when the sub-divisions are impor-
tant, otherwise we simply call them “intermediate-mass
stars”.

1.1.4 The Lower Intermediate Mass Stars

These stars are not sufficiently massive to ignite the C in
their core, which is now composed primarily of C and
O following He burning. We say the star is of “lower
intermediate mass”, being about 2–7M⊙. These stars
will proceed to the AGB following core He exhaustion,
and the more massive of them will experience the second
dredge-up as they begin their ascent of the AGB. They
will end their lives as C-O white dwarfs.

1.1.5 The Middle Intermediate Mass Stars

At slightly higher masses we find C ignites (off cen-
tre) under degenerate conditions. We have defined these
stars as “middle intermediate mass stars”. These stars
go on to experience thermal pulses on what is called
the “super-AGB”; they are distinguished from genuine
massive stars by the fact that they do not experience
further nuclear burning in their cores. Super-AGB stars
were first studied by Icko Iben and collaborators (e.g.,
Ritossa et al. 1996), and their final fate depends on the
competition between mass loss and core growth. If they
lose their envelope before the core reaches the Chan-
drasekhar mass, as is the usual case, then the result is
an O-Ne white dwarf.

PASA (2014)
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1.1.6 The Massive Intermediate Mass Stars

If, on the other hand, the core grows to exceed the
Chandrasekhar mass then these stars may end their
lives as electron-capture supernovae. Stars in this very
narrow mass range (perhaps less than 0.5M⊙) we shall
call “massive intermediate mass stars”.
It is still unclear what fraction of super-AGB stars

explode as electron-capture supernovae, the details be-
ing dependent on uncertain input physics and imple-
mentation choices (Poelarends et al. 2008). The exis-
tence of massive white dwarfs (Gänsicke et al. 2010),
with masses above the C-O core limit of ≈ 1.1M⊙ lends
some support to the scenario that at least some frac-
tion evade exploding as supernovae. The super-AGB
stars that do explode as electron-capture supernovae
have been proposed as a potential site for the forma-
tion of heavy elements via the rapid neutron capture
process (the r-process; Wanajo et al. 2009, 2011). A
review of this field is therefore particularly timely as
we are only now becoming aware of the nucleosynthesis
outcomes of super-AGB stars and their progeny (Siess
2010; Doherty et al. 2014a,b).

1.1.7 The Massive Stars

Stars with masses greater than about 10M⊙ we call
“massive stars” and these will proceed through Ne/O
burning and beyond, and end their lives as iron core
collapse supernovae. Note that there is a rich variety of
outcomes possible, depending on the way one models
mixing and other processes, and we do not show all of
the different sub-cases here. We have tried to maintain
the existing definitions in the literature, while adding
some divisions that we think are useful. We also reserve
the use of the word “massive” for those stars that end
their lives as supernovae, being either “massive interme-
diate stars” in the case of electron-capture supernovae,
or the traditional “massive stars” for the case of iron
core-collapse supernovae.

1.2 Stellar Yield Calculations

Stellar yields are an essential ingredient of chem-
ical evolution models. Prior to 2001, the only
stellar yields available for low and intermediate-
mass stars were for synthetic AGB evolution
models or from a combination of detailed and
synthetic models (van den Hoek & Groenewegen
1997; Forestini & Charbonnel 1997; Marigo 2001;
Izzard et al. 2004).
Synthetic AGB models are generally calculated by

constructing fitting formulae to the results of detailed
models, rather than by solving the equations of stellar
evolution. This approach was originally motivated by
the linear core-mass versus luminosity relation noted by
Paczyński (1970). It was soon realised that many other

important descriptors and properties of AGB evolution
could be similarly parameterised, saving the huge effort
that goes into a fully consistent solution of the equa-
tions of stellar evolution, with all of the important input
physics that is required (opacities, equations of state,
thermonuclear reaction rates, convective mixing, etc).
These models can be used to examine rapidly the effect
of variations in some stellar physics or model inputs.
One must remember of course that there is no feedback
on the structure. Any change that would alter the stel-
lar structure such that the parameterised relations also
change is not going to be included in the results. Nev-
ertheless, even within this limitation there are many
uses for synthetic models. Further, we are now start-
ing to see the next generation of synthetic codes. These
sophisticated codes are more like hybrids, combining
parameterised evolution with detailed envelope integra-
tions. An example is the Colibri code of Marigo et al.
(2013).
With the growth of cluster computing it is now com-

mon to have access to thousands of CPU nodes. It
is possible for stellar models of many different masses
and compositions to be calculated in detail on mod-
ern computer clusters. In this way we can obtain re-
sults from detailed models in reasonable times. The
first stellar yields from detailed AGB models were pub-
lished by Ventura et al. (2001) and Herwig (2004b)
but for a limited ranges of masses and/or metallici-
ties. The first stellar yields for a large range of masses
and metallicities from detailed AGB models were pub-
lished by Karakas & Lattanzio (2007), with an update
by Karakas (2010). In §5 we provide an updated list of
the latest AGB stellar yields that are available in the
literature.
In Figure 2 and in what follows we show stel-

lar evolutionary sequences that were computed using
the Mount Stromlo/Monash Stellar Structure code.
This code has undergone various revisions and up-
dates over the past decades (e.g., Lattanzio 1986, 1989,
1991; Frost & Lattanzio 1996b; Karakas & Lattanzio
2007; Campbell & Lattanzio 2008; Karakas et al. 2010,
2012). We will highlight particular improvements that
affect the nucleosynthesis in §3. We note that the stellar
evolutionary sequences described here are calculated us-
ing a reduced nuclear network that includes only H, He,
C, N, and O. The wealth of data on abundances from
stars necessitates the inclusion of more nuclear species.
Most of these are involved in reactions that produce
negligible energy (e.g., the higher order H burning Ne-
Na and Mg-Al reactions, Arnould et al. 1999). For this
reason, a post-processing nucleosynthesis code is usually
sufficient, provided there is no feedback on the structure
from the reactions not included in the evolutionary cal-
culations. This is indeed usually the case.
We take the results from our evolutionary cal-

culations and use them as input for our post-
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processing nucleosynthesis code Monsoon (Cannon
1993; Frost et al. 1998a) in order to calculate
the abundances of many elements and isotopes
(for a selection of recent papers we refer the
interested reader to Campbell & Lattanzio 2008;
Lugaro et al. 2012; Kamath et al. 2012; Karakas et al.
2012; Shingles & Karakas 2013; Doherty et al. 2014a).
In Monsoon we require initial abundances (usually
scaled solar) along with nuclear reaction rates and
β-decay lifetimes, and include time-dependent con-
vection using an advective algorithm. We couple the
nuclear burning with convective mixing in relevant
regions of the star. It is important to remember
that the results presented here depend on the in-
put physics and numerical procedure, with different
codes sometimes finding different results. For exam-
ple, the inclusion of core overshoot during the main
sequence and core He-burning will lower the upper
mass limit for a C-O core AGB star from ≈ 8M⊙

to ≈ 6M⊙ (e.g., Bertelli et al. 1986a,b; Lattanzio et al.
1991; Bressan et al. 1993; Fagotto et al. 1994).
The most recent reviews of AGB evolution and nucle-

osynthesis include Busso et al. (1999), with a focus on
nucleosynthesis and the operation of the s-process, and
Herwig (2005), who reviewed the evolution and nucle-
osynthesis of AGB stars in general, including a discus-
sion of multi-dimensional hydrodynamical simulations
relevant to AGB star evolution. Since 2005 there have
been many advances, including insights into AGB mass
loss provided by the Spitzer and Herschel Space Obser-
vatories, new theoretical models of AGB stars covering
a wide range of masses and compositions, and the publi-
cation of stellar yields from detailed AGB star models.
In this review we focus on theoretical models of low
and intermediate-mass stars and in particular on re-
cent progress in calculating AGB yields. Not only are
yields needed for chemical evolution modelling but they
are also needed to interpret the wealth of observational
data coming from current surveys such as SkyMapper
(Keller et al. 2007) and SEGUE (Yanny et al. 2009),
which are geared toward discovering metal-poor stars
in the Galactic halo. Future surveys and instruments
(e.g. the GAIA-ESO survey, HERMES on the AAT,
APOGEE, LAMOST) will also require accurate stellar
yields from stars in all mass ranges in order to disentan-
gle the Galactic substructure revealed through chemical
tagging (Freeman & Bland-Hawthorn 2002).
Finally we note that, as we will discuss in §2.2.4, there

is compelling evidence for some form of mixing on the
RGB that is needed explain the abundances seen at the
tip of the RGB. The standard models simply fail in this
regard. While the number of isotopes affected is reason-
ably small (e.g., 3He, 7Li, 13C) it is essential to include
the effect of this mixing in order to properly model the
chemical evolution of those few isotopes. Usually, a set

of stellar yields is calculated based on standard models,
which we know are wrong because they fail to match
the observed abundances along the RGB.

2 Evolution and Nucleosynthesis prior to the
Asymptotic Giant Branch

2.1 Illustrative Examples

In the following we describe the evolution and nucle-
osynthesis for representative low and intermediate mass
stars. All have a metallicity Z = 0.021. According to
the most recent solar abundances from Asplund et al.
(2009) the global solar metallicity is Z = 0.0142, which
makes these models slightly super solar, with a [Fe/H]
= +0.142.
To illustrate the evolution of low and intermediate-

mass stars we use new stellar evolutionary se-
quences with masses between 1M⊙ and 8M⊙ and
Z = 0.02 calculated with the same version of the Mt
Stromlo/Monash Stellar Structure code described in
Kamath et al. (2012). Within this grid of models, the
divide between low-mass stellar evolution and interme-
diate is at about 2M⊙ as we discuss below. These models
will also introduce the basic principles of the evolution
of all stars that evolve up to the AGB. The theoreti-
cal evolutionary tracks for a sample of these models are
shown in Figure 2 and include all evolutionary phases
from the zero age main sequence through to the AGB.
All stars begin their nuclear-burning life on the main

sequence, where fusion converts H to He in the stellar
core. The majority of a star’s nuclear-burning life is
spent on the main sequence, which is why most stars
in the night sky and most stars in a typical colour-
magnitude diagram are in this phase of stellar evolution.
The 1M⊙ model in Figure 2 burns H on the main

sequence via the pp chains. In contrast, the models
with M ≥ 2M⊙ shown in Figure 2 mostly burn H in the
core via CNO cycling. The higher temperature depen-
dence of the CNO cycles, with a rate roughly ∝ T 16−20

(compared to a rate approximately ∝ T 4 for the pp
chains at Z = 0.02), produces a steep energy generation
rate and results in the formation of a convective core.
It is convenient to divide the zero-age main sequence
(ZAMS) into an “upper” and “lower” main sequence,
which is reflected in slightly different mass-radius and
mass-luminosity relationships for these two regions. The
division between the two is instructive: stars on the
lower main sequence have convective envelopes, radia-
tive cores and are primarily powered by the pp chains.
Conversely, stars on the upper main sequence show ra-
diative envelopes, convective cores and are powered pri-

1where Z is the global mass fraction of all elements heavier than
H and He, with mass fractions X and Y respectively.

2using the standard spectroscopic notation [X/Y] =
log

10
(X/Y)∗ − log

10
(X/Y)⊙.

PASA (2014)
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6 Karakas & Lattanzio

Figure 2. A Hertzsprung-Russell (HR) diagram showing the evolutionary tracks for masses of 1, 2, 3, and 6M⊙ with a global metallicity
of Z = 0.02. The evolutionary tracks show the evolution from the ZAMS through to the start of thermally-pulsing AGB. The thermally-
pulsing phase has been removed for clarity. The location of the tip of the RGB is indicated by the asterisk.

marily through the CN (and ON) cycles. The dividing
mass between the upper and lower main sequence is at
about 1.2M⊙ for Z = 0.02.
The larger a star’s mass the larger is its gravity. Hence

it requires a substantial pressure gradient to maintain
hydrostatic equilibrium. The central pressure is there-
fore higher and in turn so is the temperature. This
means that more massive stars burn at much higher
luminosities and given that fusing four protons into one
4He nucleus produces a constant amount of energy, then
the duration of the H burning phase must be corre-
spondingly lower as the stellar mass increases. From a
quick inspection of Figure 2 it is clear that the 6M⊙

model is much brighter on the main sequence than the
2M⊙ model by almost two orders of magnitude. Core
H exhaustion takes place after approximately 1× 109

years (or 1Gyr) for the 2M⊙ model but only 53 million
years for the 6M⊙ model.
Following core H exhaustion the core contracts and

the star crosses the Hertzsprung Gap. Nuclear burning
is now established in a shell surrounding the contracting
4He core. Simultaneously, the outer layers expand and
cool and as a consequence become convective, due to an
increase in the opacity at lower temperatures. The star
runs up against the Hayashi limit, where the coolest
envelope solution corresponds to complete convection.
The star cannot cool further and it begins its rise up the
giant branch while the convective envelope grows deeper
and deeper (in mass). This is shown in Figure 3 for the
1M⊙ model. This deepening of the convective envelope
leads to mixing of the outer envelope with regions that
have experienced some nuclear processing, with the re-
sult that the products of H burning are mixed to the

surface. This is called the “first dredge-up”, hereafter
FDU.
The star is now very big (up ∼ 100 times its radius

on the main sequence) but most of the mass in the core
is within a small fraction of the total radius. A con-
sequence of this is that the outer layers are only ten-
uously held onto the star and can be lost through an
outflow of gas called a stellar wind. At present we do
not know how much mass is lost during the ascent of
the RGB. This may be perhaps as much as 30% of the
star’s total mass for the lowest mass stars that spend
the longest time on the RGB. Kepler data for metal-
rich old open clusters have provided some constraints,
with the amount of mass lost on the RGB estimated
to be less than results from applying the commonly
used Reimer’s mass-loss prescription (Reimers 1975;
Kudritzki & Reimers 1978; Miglio et al. 2012). While
there are refinements to the Reimer’s mass-loss law
(Catelan 2000; Schröder & Cuntz 2005, 2007) we are
still lacking a detailed understanding of the physical
mechanism responsible for mass loss on the RGB.
During the ascent of the RGB our low and

intermediate-mass stars experience the FDU, which we
will address in detail in §2.2. Simultaneously, the He
core continues to contract and heat and in the case of
low-mass stars becomes electron degenerate. Neutrino
energy losses become important, and since they are very
dependent on density, they dominate in the centre. This
produces a cooling and can cause the mass location of
the temperature maximum to move outward. The RGB
lifetime is terminated when the necessary temperatures
for central He ignition are reached, at about 100 mil-
lion K. For our low-mass stars the triple alpha reac-
tions are ignited at the point of maximum tempera-
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Figure 3. First dredge-up in the 1M⊙, Z = 0.02 model. The left panel shows the HR diagram and the right panel shows the luminosity
as a function of the mass position of the inner edge of the convective envelope. We can clearly see that the envelope begins to deepen
just as the star leaves the main sequence, and reaches its deepest extent on the RGB, marking the end of FDU. Further evolution sees
the star reverse its evolution and descend the RGB briefly before resuming the climb. This corresponds to the observed bump in the
luminosity function of stellar clusters (see text for details).

ture and under degenerate conditions (Despain 1981;
Deupree 1984).
The electron degenerate equation of state results in

the temperature and density being essentially decou-
pled. When He does begin to fuse into C, the energy
released does not go into expansion but stays as ther-
mal energy, raising the temperature of the plasma lo-
cally. This leads to a much higher burning rate and a
runaway results, leading to a violent and explosive He
ignition that is known as the “core He flash.”
The maximum initial mass for the core He-flash to

occur is about 2.1M⊙ at Z = 0.02 using the new grid
of models presented here, which include no convec-
tive overshoot (similar to the models of Karakas et al.
2002, where the maximum mass is at about 2.25M⊙).
This is the dividing line between low and intermedi-
ate mass stars. In contrast, models which include over-
shooting from the convective H-burning core find that
this division occurs at a lower mass of M ≈ 1.6M⊙

(Bertelli et al. 1986a).
For intermediate-mass stars, the cores are not de-

generate and He is ignited under quiescent conditions.
These stars often do not proceed as far up the RGB
as do low-mass stars, prior to He ignition. As a conse-
quence their RGB phase is shorter and the FDU phase
can be terminated relatively early for these more mas-
sive stars. This has consequences for colour-magnitude
diagrams and is demonstrated in Figure 2. For example,
the 2M⊙ model has a long RGB lifetime of ≈ 200× 106

years or 200 Myr. This means that while the mini-
mum effective temperature attained by the 2M⊙ red-
giant model is less (Teff ≈ 3600 K) than the 6M⊙ model
(Teff ≈ 4100 K), the peak RGB luminosity is similar, at
log10(L/L⊙) ≈ 3.2. This means that old low-mass RGB

populations are observable out to great distances (e.g.,
Galactic GCs and dwarf spheroidal galaxies, which are
dominated by old low-mass stars). Note the contrast
to the 3M⊙ model, which has a peak RGB luminosity
that is more than 10 times lower, at only 140L⊙ (due
to ignition of He under non-degenerate conditions).
Following core He ignition the star settles down to a

period of central He burning, where He burns in a con-
vective core and H in a shell, which provides most of
the luminosity. The Coulomb repulsion is larger for He
than for H and more particle (kinetic) energy is required
to sustain the triple-alpha process. This then requires
that the temperature is higher for He burning. Note also
that about a factor of 10 less energy is produced by
the triple alpha process per gram of fuel than during H
burning. The overall result is the core He burning phase
is shorter than the main sequence. For example, for the
2M⊙ model core He burning lasts 124 Myrs (a figure of
about 100 Myr is typical for low-mass stars), compared
to ≈ 13Myrs for the 6M⊙ model. Helium burning in-
creases the content of 12C, which in turn increases the
abundance of 16O from the reaction 12C(α, γ)16O.
The details of He burning are subject to uncertain-

ties that are all too often ignored or dismissed. We
have known for decades that the fusion of He into C
and O produces a discontinuity in the opacity at the
edge of the convective core (Castellani et al. 1971a).
This means that there is an acceleration at the edge
of the core. In other words there is no neutrally sta-
ble point which would be the edge of the core if one
were using the Schwarzschild or Ledoux criterion for
determining the borders of convective regions. The re-
sult is that the convective core grows with time. The
next complication is that the variation of temperature
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and density is such that there is a local minimum in
the radiative gradient in the convective region and this
causes the region to split into a convective core and a
“semi-convective”region (Castellani et al. 1971b).
This semi-convection extends the duration of the core

He burning phase by mixing more fuel into the core.
Star counts in clusters clearly show that observations
require this extension to the core He burning phase, and
models constructed without semi-convection are a poor
match (Buzzoni et al. 1983; Buonanno et al. 1985).
There is yet another complication that arises as the

star approaches the exhaustion of its core He sup-
ply. Theoretical models show that as the He con-
tent decreases, the convective core is unstable to rapid
growth into the semi-convective region. This results in
“breathing pulses” of the convective core (Gingold 1976;
Castellani et al. 1985). These mix more He into the core
and further extend the lifetime in this phase. While
this behaviour shows many of the signs of a numerical
instability, an analytic study by Sweigart & Demarque
(1973) showed that there is a genuine physical basis for
the instability, and indeed verified that it should only
occur when the central He mass fraction reduces below
about 0.12. Nevertheless, appealing again to star counts
as a proxy for timescales, the data seem to argue against
the reality of these pulses (Renzini & Fusi Pecci 1988;
Caputo et al. 1989, but see also Campbell et al. 2013).
This leaves us in a most unsatisfactory position. We

have an instability shown by models, which theory can
explain and indeed argues to be real, but that the data
do not support. Further, we have no obvious way to
calculate through this phase in a way that removes
the breathing pulses (although see Dorman & Rood
1993). What is worse is that the details of the evolu-
tion through this phase determine the size of the He
exhausted core and the position of the H-burning shell
as the star arrives on the early AGB. The star must
now rapidly adopt the structure of a thermally-pulsing
AGB star, by which we mean that burning shells will
burn through the fuel profile resulting from the earlier
evolution until they reach the thermally-pulsing AGB
structure. This results in removing some of the uncer-
tainty in the structure that exists at the end of core
He burning. But it is still true that the subsequent evo-
lution on the AGB is critically dependent on the core
size which is poorly understood because of uncertainties
during the prior core He burning phase.
Following exhaustion of the core He supply, low and

intermediate-mass stars proceed toward the red giant
branch, now called the “asymptotic giant branch” be-
cause the colour-magnitude diagrams of old clusters
show this population seemingly joining the first giant
branch almost asymptotically. A better name may have
been the less commonly used “second giant branch”,
but AGB is now well established.

For stars more massive than about 4M⊙ or with
H-exhausted core masses & 0.8M⊙ (depending on
the composition) the convective envelope extends
quite some distance into the H-exhausted region. It
usually reaches deeper than during the FDU (e.g.
Boothroyd & Sackmann 1999). This event is called the
“second dredge-up”, hereafter SDU. In both cases (FDU
and SDU) we are mixing to the surface the products
of H burning, so qualitatively the changes are similar.
However, there are substantial quantitative differences,
as we discuss below in §2.2.

2.2 First Dredge-Up

We have outlined the evolution of low and intermediate-
mass stars above. Now we look in more detail at the first
and second dredge-up prior to the thermally-pulsing
AGB. Figure 4 shows the different dredge-up processes
that stars experience as a function of their mass. It also
shows the rough qualitative changes in surface abun-
dances that result.

2.2.1 Abundance Changes due to FDU

The material mixed to the envelope by the FDU has
been subjected to partial H burning, which means it is
still mostly H but with some added 4He and the prod-
ucts of CN cycling. Figure 5 shows the situation for 2M⊙

model. The upper panel shows the abundance profile af-
ter the star has departed the main sequence and prior
to the FDU. We have plotted the major species and
some selected species involved in the CNO cycles. The
lower panel is taken at the time of the maximum depth
of the convective envelope. The timescale for convective
mixing is much shorter than the evolution timescale so
mixing essentially homogenises the region instantly, as
far as we are concerned.
Typical surface abundance changes from FDU are an

increase in the 4He abundance by ∆Y ≈ 0.03 (in mass
fraction), a decrease in the 12C abundance by about
30%, and an increase in the 14N and 13C abundances.
In Table 1 we provide the predicted post-FDU and SDU
values for model stars with masses between 1 and 8M⊙

at Z = 0.02. We include the He mass fraction, Y , the
isotopic ratios of C, N, and O, and the mass fraction of
Na.
The C isotopic ratio is a very useful tracer of stellar

evolution and nucleosynthesis in low and intermediate-
mass stars. Firstly, this is because the 12C/13C ratio
is one of the few isotopic ratios that can be readily
derived from stellar spectra which means that there
are large samples of stars for comparison to theoretical
calculations (e.g., Gilroy & Brown 1991; Gratton et al.
2000; Smiljanic et al. 2009; Mikolaitis et al. 2010;
Tautvaǐsienė et al. 2013). Second, the C isotope ratio
is predicted to vary significantly at the surface as a
result of the FDU (and SDU) as shown in Figure 6

PASA (2014)
doi:10.1017/pas.2014.xxx



AGB nucleosynthesis and yields 9

.oM/M2 3 4 5 6 7 8 9 10

??

M
aj

or
 M

ix
in

g 
or

 N
uc

le
os

yn
th

es
is

 E
ve

nt
s 

in
 o

rd
er

 o
f o

cc
ur

re
nc

e

1

Second Dredge−Up

Increase in 4He 13C 14N 17O 23Na

Extra−Mixing Process on RGB

Decrease in C12 7Li 16O 18O

Increase in 4He 13C 14N
17O 23Na

Increase in 4He, 14N and 23Na

First Dredge−Up

Decrease in C12 7Li 16O 18O

Thermal Pulses and Third Dredge−Up

Increase in 12C and s−process elements

Hot Bottom Burning

Burns 12C into 13C and 14N

Decrease H, 12C, 13C, 15N

Figure 4. A schematic diagram showing the mass dependence of the different dredge-up, mixing and nucleosynthesis events. The
species most affected are also indicated. The lower mass limits for the onset of the SDU, TDU, and HBB depend on metallicity and
we show approximate values for Z = 0.02. Note that the “extra-mixing” band has a very uncertain upper mass-limit, because the
mechanism of the mixing is at present unknown.

and in Table 1. This figure shows that the number
ratio of 12C/13C drops from its initial value (typi-
cally about 89 for the Sun) to lie between 18 and
26 (see also Charbonnel 1994; Boothroyd & Sackmann
1999). Comparisons for intermediate-mass stars are
in relatively good agreement with the observations,
to within ∼25% (El Eid 1994; Charbonnel 1994;
Boothroyd & Sackmann 1999; Santrich et al. 2013).
But the agreement found at low luminosities is not seen
further up the RGB (e.g., Charbonnel 1995), as dis-
cussed in §2.2.4.
In Figure 7 we show the innermost mass layer reached

by the convective envelope during FDU (solid lines)
and second dredge-up (dashed lines) as a function of
the initial stellar mass and metallicity. The deepest
FDU occurs in the Z = 0.02 models at approximately
2.5M⊙ with a strong metallicity dependence for models
with masses over about 3M⊙ (Boothroyd & Sackmann
1999). In contrast there is little difference in the
depth of the second dredge-up for models with &

3.5M⊙ regardless of metallicity. In even lower metallic-
ity intermediate-mass stars, the RGB phase is skipped
altogether because core He burning is ignited before the
model star reaches the RGB so that the first change to
the surface composition is actually due to the second
dredge up.
One check on the models concerns the predictions for

O isotopes. Broadly, the CNO cycles produce 17O but
significantly destroy 18O, with the result that the FDU
should increase the observed ratio of 17O/16O and de-
crease the observed ratio of 18O/16O (e.g., Table 1 and
Dearborn 1992). Spectroscopic data, where available,

seem to agree reasonably well with the FDU predic-
tions (Dearborn 1992; Boothroyd et al. 1994), but see
also §2.2.4.
The effect of the first dredge up on other elements

(besides lithium, which we discuss in §2.4 below) is rel-
atively minor. It is worth noting that there is some dis-
pute about the status of sodium. Figure 8 shows that
sodium is not predicted to be significantly enhanced
in low-mass stars by the FDU or by extra-mixing
processes (Charbonnel & Lagarde 2010) at disk metal-
licities. This agrees with El Eid & Champagne (1995)
who find modest enhancements in low mass (0.1 dex)
and intermediate mass (0.2–0.3 dex) stars. Observa-
tions are in general agreement with models with masses
& 2M⊙, where enhancements of up to [Na/Fe] . 0.3
are found in stars up to 8M⊙ at Z = 0.02 (Figure 8).
This result is confirmed by observations that show only
mild enhancements of [Na/Fe] . +0.2 (Hamdani et al.
2000; Smiljanic et al. 2009). But this is in contradic-
tion with other studies showing typical overabundances
of +0.5 (Bragaglia et al. 2001; Jacobson et al. 2007;
Schuler et al. 2009). The reasons for the conflicting re-
sults are not well understood; we refer to Smiljanic
(2012) for a detailed discussion of observational uncer-
tainties.

2.2.2 The Onset of FDU

Theoretical models must confront observations for us to
verify that they are reliable or identify where they need
improvements. In the current context there are two re-
lated comparisons to be made: the expected nucleosyn-
thesis, which we addressed above, and the structural
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Table 1 Predicted post-FDU and SDU values for model stars with masses between 1 and 8M⊙ at Z = 0.02. We include the helium
mass fraction, Y , the isotopic ratios of carbon, nitrogen, and oxygen, and the mass fraction of sodium. Initial values are given in the
first row.

Mass Event Y C/O 12C/13C 14N/15N 16O/17O 16O/18O X(23Na)

Initial 0.280 0.506 86.50 472 2765 524 3.904(−5)
1.00 FDU 0.304 0.449 28.26 884 2720 556 3.904(−5)

SDU 0.304 0.445 26.75 931 2617 560 3.911(−5)
1.30 FDU 0.303 0.392 24.07 1362 1989 627 3.941(−5)

SDU 0.303 0.390 23.43 1395 1977 629 3.942(−5)
1.50 FDU 0.300 0.362 22.31 1688 930.6 674 4.157(−5)

SDU 0.300 0.360 21.74 1736 913.8 678 4.165(−5)
1.90 FDU 0.292 0.343 21.46 1948 374.6 710 4.630(−5)

SDU 0.292 0.341 21.03 1994 372.2 714 4.638(−5)
2.00 FDU 0.292 0.326 20.49 2188 265.8 741 4.840(−5)

SDU 0.292 0.325 20.16 2224 265.2 743 4.844(−5)
2.25 FDU 0.291 0.320 20.15 2368 214.6 754 5.112(−5)

SDU 0.291 0.320 20.00 2385 214.4 754 5.114(−5)
2.50 FDU 0.294 0.320 19.89 2610 240.0 754 5.358(−5)

SDU 0.294 0.319 19.73 2633 239.4 756 5.363(−5)
3.00 FDU 0.300 0.322 19.57 2912 301.3 751 5.643(−5)

SDU 0.300 0.319 19.30 2970 294.7 755 5.666(−5)
3.50 FDU 0.298 0.323 19.43 2950 327.1 748 5.683(−5)

SDU 0.298 0.319 19.08 3051 309.1 756 5.752(−5)
4.00 FDU 0.293 0.332 19.56 2780 441.6 728 5.469(−5)

SDU 0.293 0.328 19.17 2892 415.6 737 5.553(−5)
4.50 FDU 0.293 0.325 19.18 2912 377.8 743 5.603(−5)

SDU 0.297 0.320 18.65 3147 357.9 755 5.791(−5)
5.00 FDU 0.291 0.324 19.06 2886 375.5 745 5.567(−5)

SDU 0.309 0.322 18.74 3289 367.5 751 5.962(−5)
5.50 FDU 0.289 0.324 18.98 2843 381.8 746 5.510(−5)

SDU 0.322 0.325 18.68 3542 379.3 747 6.223(−5)
6.00 FDU 0.289 0.324 18.90 2870 384.5 746 5.529(−5)

SDU 0.333 0.325 18.60 3798 381.5 747 6.472(−5)
7.00 FDU 0.291 0.324 18.68 3035 397.4 748 5.665(−5)

SDU 0.350 0.325 18.40 4275 395.4 750 6.885(−5)
8.00 FDU 0.296 0.324 18.47 3281 406.9 750 5.881(−5)

SDU 0.362 0.325 18.21 4675 406.4 637 7.205(−5)

aspects. In this section we look at the predictions for
the location of the start of FDU and in the next section
we compare the observed location of the bump in the
luminosity function to theoretical models.
During the evolution up the giant branch there are

three significant points, as illustrated in Figure 3:

• the luminosity at which the surface abundances
start to change;

• the maximum depth of the FDU;
• the luminosity of the bump.

Note that these are not independent – the maximum
depth of the FDU determines where the abundance dis-
continuity occurs, and that determines the position of
the bump. Similarly, the resulting compositions are de-

pendent on the depth of the FDU and we are not free to
adjust that without consequences for both the observed
abundances and the location of the bump.
The obvious question is how closely do these points

match the observations? Perhaps the best place to look
is in stars clusters, as usual. Gilroy & Brown (1991)
found that the ratios of C/N and 13C/13C at the on-
set of the FDU matched the models quite well, as re-
ported in Charbonnel (1994). Mishenina et al. (2006)
also looked at C/N and various other species, and the
data again seem to match models for the onset of the
FDU. Of course the onset is very rapid and the data are
sparse. This is also seen in the study by Chanamé et al.
(2005) who found that the C isotopic ratio in M67 fit-
ted the models rather well (see their Figures 13 and
14). For field giants (with −2 <[Fe/H]< −1) the data
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Figure 5. Composition profiles from the 2M⊙, Z = 0.02 model.
The top panel illustrates the interior composition after the main
sequence and before the FDU takes place, showing mostly CNO
isotopes. The lower panel shows the composition at the deepest
extent of the FDU (0.31M⊙), where the shaded region is the
convective envelope. Surface abundance changes after the FDU
include: a reduction in the C/O ratio from 0.50 to 0.33, in the
12C/13C ratio from 86.5 to 20.5, an increase in the isotopic ratio
of 14N/15N from 472 to 2188, a decrease in 16O/17O from 2765
to 266, and an increase in 16O/18O from 524 to 740. Elemental
abundances also change: [C/Fe] decreases by about 0.20, [N/Fe]
increases by about 0.4, and [Na/Fe] increases by about 0.1. The
helium abundance increases by ∆Y ≈ 0.012.

are not so good, with mostly lower limits for 12C/13C
making it hard to identify the exact onset of the FDU
(see Chanamé et al. 2005, Figure 16). Better data over
a larger range in luminosity in many clusters are needed
to check that the models are not diverging from reality
at this early stage in the evolution.
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dredge-up (blue dashed line).

2.2.3 The Bump in the Luminosity Function

We now move to an analysis of the luminosity function
(LF) bump. There is much more literature here, dat-
ing back to Sweigart (1978) where it was shown that
the bump reduced in size and appeared at higher lu-
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Figure 7. Innermost mass layer reached by the convective enve-
lope during the first dredge-up (solid lines) and second dredge-up
(dashed lines) as a function of the initial stellar mass and metal-
licity. The mass co-ordinate on the y-axis is given as a fraction of
the total stellar mass (Mdu/M0). From Karakas (2003).
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Figure 8. Predicted [Na/Fe] after the FDU and SDU for the
Z = 0.02 models.

minosities as either the He content increased or the
metallicity decreased. Indeed, at low metallicity (say
[Fe/H] . −1.6) it can be hard to identify the LF bump,
and Fusi Pecci et al. (1990) combined data for the GCs
M92, M15 and NGC 5466 so that they could reliably
identify the bump in these clusters (all of similar metal-
licity). Their conclusion, based on a study of 11 clusters,
was that the theoretical position of the bump was 0.4
mag too bright.
The next part of the long history of this topic was

the study by Cassisi & Salaris (1997) with newer mod-
els who concluded that there was no discrepancy within
the theoretical uncertainty. Idealized models show a dis-
continuity in composition at the mass where the convec-
tive envelope reached its maximum inward extent. But
in reality this discontinuity is likely to be a steep profile,

with a gradient determined by many things, such as the
details of mixing at the bottom of the convective enve-
lope. It is likely that gravity waves and the possibility
of partial overshoot would smooth this profile through
entrainment, and Cassisi et al. (2002) showed that such
uncertainties do cause a small shift in the position of the
bump but they are unlikely to be significant.
Riello et al. (2003) looked at 54 Galactic GCs and

found good agreement between theory and observation,
both for the position of the bump itself as well as the
number of stars (i.e., evolutionary timescales) in the
bump region. The only caveat was that for low metal-
licities there seemed to be a discrepancy but it was hard
to quantify due to the low number of stars available. A
Monte Carlo study by Bjork & Chaboyer (2006) con-
cluded that the difference between theory and obser-
vation was no larger than the uncertainties in both of
those quantities. In what seems to be emerging as a
consensus, Di Cecco et al. (2010) found that the metal-
poor clusters showed a discrepancy of about 0.4 magni-
tudes, and that variations in CNO and α-elements (e.g.,
O, Mg, Si, Ti) did not improve the situation. These au-
thors did point out that the position of the bump is
sensitive to the He content and since we now believe
that there are multiple populations in most GCs, this is
going to cause a spread in the position of the LF bump.
It would appear that a reasonable conclusion is

that the theoretical models are in good agreement,
while perhaps being about 0.2 magnitudes too bright
(Cassisi et al. 2011), except for the metal-poor regime
where the discrepancy may be doubled to 0.4 mag, al-
though this is plagued by the bump being small and
harder to observe. Nataf et al. (2013) find evidence for
a second parameter, other than metallicity, being in-
volved. In their study of 72 globular clusters there were
some that did not fit the models well, and this was al-
most certainly due to the presence of multiple popula-
tions. This reminds us again that quantitative studies
must include these different populations and that this
could be the source of some of the discrepancies found
in the literature.
The obvious way to decrease the luminosity of the

bump is to include some overshooting inward from the
bottom of the convective envelope. This will push the
envelope deeper and will shift the LF bump to lower
luminosities. Of course this deeper mixing alters the
predictions of the FDU; however it appears that there
is a saturation of composition changes such that the
small increase needed in the depth of the FDU does
not produce an observable difference in the envelope
abundances (Kamath et al. 2012, Angelou, 2013, pri-
vate communication and).

2.2.4 The Need for Extra-Mixing

We have seen that the predictions for FDU are largely
in agreement with the observations. However when we
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look at higher luminosities we find that something has
changed the abundances beyond the values predicted
from FDU. Standard models do not predict any further
changes on the RGB once FDU is complete. Something
must be occurring in real stars that is not predicted by
the models.
For low-mass stars the predicted trend of the post-

FDU 12C/13C ratio is a rapid decrease with increas-
ing initial mass as illustrated in Figure 6. Yet this does
not agree with the observed trend. For example, obser-
vations of the 12C/13C ratio in open metal-rich clus-
ters reveal values of . 20, sometimes . 10 (e.g., Gilroy
1989; Smiljanic et al. 2009; Mikolaitis et al. 2010) well
below the predicted values of ≈ 25− 30. The devia-
tion between theory and observation is even more strik-
ing in metal-poor field stars and in giants in GCs
(e.g., Pilachowski et al. 1996; Gratton et al. 2000, 2004;
Cohen et al. 2005; Origlia et al. 2008; Valenti et al.
2011).
The observed trend is in the same direction as the

FDU: i.e., as if we are mixing in more material that has
been processed by CN cycling, so that 12C decreases
just as 13C and 14N increase. Indeed, in some GCs we
see a clear decrease in [C/Fe] with increasing luminosity
on the RGB (see Angelou et al. 2011, 2012, and refer-
ences therein). If some form of mixing can connect the
hot region at the top of the H-burning shell with the
convective envelope then the results of the burning can
be seen at the surface. These observations have been

interpreted as evidence for extra mixing taking place
between the base of the convective envelope and the H
shell.
Further evidence comes from observations of the frag-

ile element Li (Pilachowski et al. 1993; Lind et al. 2009)
which essentially drops at the FDU to the predicted
value of A(Li)≈ 13, but for higher luminosities decreases
to much lower abundances of A(Li)≈ 0 to −1. Again,
this can be explained by exposing the envelope mate-
rial to higher temperatures, where Li is destroyed. So
just as for the C isotopes the observations argue for
some form of extra mixing to join the envelope to the
region of the H-burning shell (see also §2.4).
We discussed O isotopes earlier as a diagnostic of the

FDU. Although these ratios may not be so easy to de-
termine spectroscopically, the science of meteorite grain
analysis (for reviews see Zinner 1998; Lodders & Amari
2005) offers beautiful data on O isotopic ratios from
Al2O3 grains. We expect that these grains would be
expelled from the star during periods of mass loss and
would primarily sample the tip of the RGB or the AGB.
Some of these data show good agreement with predic-
tions for the FDU, while a second group clearly re-
quire further 18O destruction. This can be provided by
the deep-mixing models of Wasserburg et al. (1995) and
Nollett et al. (2003). Hence pre-solar grains contain fur-

3using the notation A(X) = log ǫ(X) = log 10(NX/NH) + 12 and
NX is the abundance (by number) of element X.
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ther evidence for the existence of some kind of extra
mixing on the RGB.
We note here that a case has been made for some

similar form of mixing in AGB envelopes as we discuss
later in §4.

2.2.5 The 3He problem

Another piece of evidence for deep-mixing concerns
the stellar yield of 3He, as discussed recently by
Lagarde et al. (2011, 2012). We now have good con-
straints on the primordial abundance of 3He, from up-
dated Big Bang Nucleosynthesis calculations together
with WMAP data. The currently accepted value is
3He/H = 1.00± 0.07× 10−5 according to Cyburt et al.
(2008) and 3He/H = 1.04± 0.04× 10−5 according to
Coc et al. (2004). This is within a factor of 2 or 3 of
the best estimates of the local value in the present in-
terstellar medium of 3He/H = 2.4± 0.7× 10−5 accord-
ing to Gloeckler & Geiss (1996), a value also in agree-
ment with the measurements in Galactic HII regions by
Bania et al. (2002). This indicates a very slow growth
of the 3He content over the Galaxy’s lifetime.
However, the evolution of low-mass stars predicts

that they produce copious amounts of 3He. This isotope
is produced by the pp chains and when the stars reach
the giant branches their stellar winds carry the 3He into
the interstellar medium. Current models for the chem-
ical evolution of the Galaxy, using standard yields for
3He, predict that the local interstellar medium should
show 3He/H ≈ 5× 10−5 (Lagarde et al. 2012) which is
about twice the observed value.
It has long been recognised that one way to solve

this problem is to change the yield of 3He in low-mass
stars to almost zero (Charbonnel 1995). In this case the
build up of 3He over the lifetime of the Galaxy will be
much slower. One way to decrease the yield of 3He is
to destroy it in the star on the RGB while the extra
mixing is taking place. We discuss this further in §2.3.

2.3 Non-convective mixing processes on the
First Giant Branch

2.3.1 The onset of extra mixing

So where does the extra-mixing begin and what can it
be? Observations generally indicate that the conflict be-
tween theory and observation does not arise until the
star has reached the luminosity of the bump in the LF.
This is beautifully demonstrated in the Li data from
Lind et al. (2009) which we reproduce in Figure 9 to-
gether with a theoretical calculation for a model of the
appropriate mass and composition for NGC 6397 (An-
gelou, private communication). The left panel shows the
measured A(Li) values for the stars as a function of
magnitude. The near constant values until MV ≈ 3.3
are perfectly consistent with the models. It is at this

luminosity that the convective envelope starts to pene-
trate into regions that have burnt 7Li, diluting the sur-
face 7Li content. This stops when the envelope reaches
its maximum extent, near MV ≈ 1.5. Then there is a
sharp decrease in the Li abundance once the luminos-
ity reaches MV ≈ 0, which roughly corresponds to the
point where the H shell has reached the discontinuity
left behind by FDU (see right panel). This is the same
position as the bump in the LF. Note that there is a
small discrepancy between the models and the data, as
shown in the figure and as discussed in §2.2.3.
This is the common understanding – that the

deep mixing begins once the advancing H shell re-
moves the abundance discontinuity left behind by
the FDU. The reason for this is that one expects
that gradients in the composition can inhibit mixing
(Kippenhahn & Weigert 1990) and once they are re-
moved by burning then the mixing is free to develop. It
was Mestel (1953) who first proposed that for a large
enough molecular weight gradient one could effectively
have a barrier to mixing (see also Chanamé et al. 2005).
This simple theory, combined with the very close align-
ment of the beginning of the extra mixing and the LF
bump, has led to the two being thought synonymous.
However we do note that there are discrepancies with
this idea. For example it has been pointed out by many
authors that there is a serious problem with the metal-
poor GC M92 (Chanamé et al. 2005; Angelou et al.
2012). Here the data show a clear decrease in [C/Fe]
with increasing luminosity on the RGB (Bellman et al.
2001; Smith & Martell 2003), starting at MV ≈ 1–2.
The problem is that the decrease begins well before the
bump in the LF, which Martell et al. (2008) place at
MV ≈ −0.5. This is a substantial disagreement. A sim-
ilar disagreement was noted by Angelou et al. (2012)
for M15 although possibly not for NGC 5466, despite
all three clusters having a very similar [Fe/H] of ≈ −2.
To be sure that we cannot dismiss this disagreement

lightly, there is also the work by Drake et al. (2011)
on λ Andromeda, a mildly metal-poor ([Fe/H] ≈ −0.5)
first ascent giant star that is believed to have recently
completed its FDU. It is not yet bright enough for the
H shell to have reached the abundance discontinuity left
by the FDU, but it shows 12C/13C . 20, which is below
the prediction for the FDU and more in line with the
value expected after extra mixing has been operating
for some time. We know λ Andromeda is a binary so
we cannot rule out contamination from a companion.
But finding a companion that can produce the required
envelope composition is not trivial. Drake et al. (2011)
also give the case of a similar star, 29 Draconis, thus ar-
guing further that these exceptions are not necessarily
the result of some unusual evolution. The problem de-
mands further study because the discrepancy concerns
fundamental stellar physics.
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2.3.2 Rotation

It is well known that rotating stars cannot simultane-
ously maintain hydrostatic and thermal equilibrium, be-
cause surfaces of constant pressure (oblate spheroids)
are no longer surfaces of constant temperature. Dy-
namical motions develop that are known as “merid-
ional circulation” and which cause mixing of chemical
species. It is not our intention to provide a review of ro-
tation in a stellar context. There are many far more
qualified for such a task and we refer the reader to
Heger et al. (2000), Tassoul (2007), Maeder & Meynet
(2010) and the series of eleven papers by Tassoul and
Tassoul, ending with Tassoul & Tassoul (1995). Note
that most studies that discuss the impact of rotation
on stellar evolution often ignore magnetic fields. Mag-
netic fields likely play an important role in the removal
of angular momentum from stars as they evolve (e.g.,
through stellar winds Gallet & Bouvier 2013; Mathis
2013; Cohen & Drake 2014).
Most of the literature on rotating stars concerns mas-

sive stars because they rotate faster than low and in-
termediate mass stars. Nevertheless, there is a sub-
stantial history of calculations relevant to our sub-
ject. Sweigart & Mengel (1979) were the first to at-
tempt to explain the observed extra mixing with merid-
ional circulation. Later advances in the theory of rota-
tion and chemical transport (Kawaler 1988; Zahn 1992;
Maeder & Zahn 1998) led to more sophisticated models
for the evolution of rotating low and intermediate mass
stars (Palacios et al. 2003, 2006).
With specific regard to the extra mixing problem on

the RGB, Palacios et al. (2006) found that the best ro-
tating models did not produce enough mixing to explain
the decrease seen in the 12C/13C ratio on the upper
RGB, above the bump in the LF. This is essentially
the same result as found by Chanamé et al. (2005) and
Charbonnel & Lagarde (2010). Although one can never
dismiss the possibility that a better understanding of
rotation and related instabilities may solve the prob-
lem, the current belief is that rotating models do not
reproduce the observations of RGB stars.

2.3.3 Parameterised models

With the failure of rotation to provide a solution to ex-
tra mixing on the RGB, the investigation naturally fell
to phenomenological models of the mixing. One main
method used is to set up a conveyor belt of material
that mixes to a specified depth and at a specified rate.
An alternative is to solve the diffusion equation for a
specified diffusion co-efficient D, which may be speci-
fied by a particular formula or a specified value.
It is common in these models to specify the depth

of mixing in terms of the difference in temperature be-
tween the bottom of the mixed region and some refer-
ence temperature in the H shell. The rates of mixing

are sometimes given as mass fluxes and sometimes as a
speed. These are usually assumed constant on the RGB,
although some models include prescriptions for varia-
tion. In any event, there is no reason to believe that the
depth or mixing rate is really constant. (Note also that
a constant mass flux requires a varying mixing speed
during evolution along the RGB, and vice versa!).
Smith & Tout (1992) showed that such simplified

models could reproduce the decrease of [C/Fe] seen
along the RGB of GCs, provided an appropriate choice
was made for the depth and rate of mixing. More so-
phisticated calculations within a similar paradigm are
provided by Boothroyd et al. (1994), Boothroyd et al.
(1995), Wasserburg et al. (1995), Langer & Hoffman
(1995), Sackmann & Boothroyd (1999), Nollett et al.
(2003), Denissenkov & Tout (2000), Denissenkov et al.
(2006), and Palmerini et al. (2009).
In summary, these models showed that for “reason-

able” values of the free parameters one could indeed
reproduce the observations for the C and O isotopic ra-
tios, the decrease in A(Li), the variation of [C/Fe] with
luminosity, and also destroy most of the 3He tradition-
ally produced by low-mass stars.

2.3.4 Thermohaline mixing

The phenomenon of thermohaline mixing is not new,
having appeared in the astrophysics literature many
decades ago (e.g., Ulrich 1972). What is new is the
discovery by Eggleton et al. (2006) that it may be the
cause of the extra mixing that is required on the RGB.
We outline here the pros and cons of the mechanism.
The name “thermohaline mixing” comes from its

widespread occurrence in salt water. Cool water sinks
while warm water rises. However warm water can hold
more salt, making it denser. This means it is possible to
find regions where warm, salty, denser water sits atop
cool, fresh, less dense water. The subsequent develop-
ment of these layers depends on the relative timescales
for the two diffusion processes acting in the upper layer
– the diffusion of heat and the diffusion of salt. For
this reason the situation is often called “doubly diffu-
sive mixing”. In this case the heat diffuses more quickly
than the salt so the denser material starts to form long
“salt fingers” that penetrate downwards into the cool,
fresh water. Figure 10 shows a simple example of this
form of instability.
We sometimes have an analogous situation in stars.

Consider the core He flash. The nuclear burning begins
at the position of the maximum temperature, which is
off-centre due to neutrino losses. This fusion produces
12C which has a higher molecular weight µ than the al-
most pure 4He interior to the ignition point. We have
warm, high µ material sitting atop cool, lower µ ma-
terial. We expect some mixing based on the relative
timescales for the heat diffusion and the chemical mix-
ing. Indeed, this region is Rayleigh-Taylor unstable but
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Figure 10. A simple experiment in thermohaline mixing that can be performed in the kitchen. Here some blue dye has been added to
the warm, salty water to make the resulting salt fingers stand out more clearly. This experiment was performed by E. Glebbeek and
R. Izzard, whom we thank for the picture.

stable according to the Schwarzschild or Ledoux criteria
(Grossman et al. 1993). This was in fact one of the first
cases considered in the stellar context (Ulrich 1972) al-
though it seems likely that hydrodynamical effects will
wipe out this µ inversion before the thermohaline mix-
ing can act (Dearborn et al. 2006; Mocák et al. 2009,
2010). Another common application is mass transfer in
a binary system, where nuclearly processed material (of
high µ) is dumped on the envelope of an unevolved
companion, which is mostly H (Stancliffe & Glebbeek
2008).
One rather nice way of viewing the various mixing

mechanisms in stars is given in Figure 11, based on Fig-
ure 2 of Grossman & Taam (1996). In the left panel we
give the various stability criteria and the types of mix-
ing that result, while the right panel also shows typ-
ical mixing speeds. In both panels the Schwarzschild
stability criterion is given by the red line, and it pre-
dicts convection to the right of this red line. The blue
line is the Ledoux criterion, with convection expected
above the blue line. The green lines show expected ve-
locities in the convective regions, while the brown lines
show the dramatically reduced velocities expected for
thermohaline or semi-convective mixing. For a general
hydrodynamic formulation that includes both thermo-
haline mixing and semi-convection we refer the reader
to Spiegel (1972) and Grossman et al. (1993), and the
series of papers by Canuto (Canuto 2011a,b,c,d,e).

Ulrich (1972) developed a 1D theory for thermoha-
line mixing that was cast in the form of a diffusion co-
efficient for use in stellar evolution calculations. This
assumed a perfect gas equation of state but was later
generalised by Kippenhahn et al. (1980). These two for-
mulations are identical and rely on a single parameter
C which is related to the assumed aspect ratio α of the
resulting fingers via C = 8/3π2α2 (Charbonnel & Zahn
2007b).
The relevance of thermohaline mixing for our pur-

poses follows from the work of Eggleton et al. (2006).
They found that a µ inversion developed naturally dur-
ing the evolution along the RGB. During main sequence
evolution a low-mass star produces 3He at relatively low
temperatures as a result of the pp chains. At higher
temperatures, closer to the centre, the 3He is destroyed
efficiently by other reactions in the pp chains. This sit-
uation is shown in the left panel of Figure 12, which
shows the profile of 3He when the star leaves the main
sequence. The abundance of 3He begins very low in the
centre, rises to a maximum about mid-way out (in mass)
and then drops back to the initial abundance at the
surface. When the FDU begins it homogenises the com-
position profile, as we have seen earlier and as shown
in the right panel of Figure 12, and this mixes a sig-
nificant amount of 3He in the stellar envelope. When
the H shell approaches the abundance discontinuity left
by the FDU the first reaction to occur at a significant
rate is the destruction of 3He, which is at an abundance
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Figure 11. These diagrams show the main stability criteria for stellar models, the expected kind of mixing, and typical velocities. The
left panel shows the Schwarzschild criterion as a red line, with convection expected to the right of the red line. The Ledoux criterion is
the blue line, with convection expected above this line. The green region shows where the material is stable according to the Ledoux
criterion but unstable according to the Schwarzschild criterion: this is semiconvection. The magenta region shows that although formally
stable, mixing can occur if the gradient of the molecular weight is negative. The bottom left region is stable with no mixing. The right
panel repeats the two stability criteria and also gives typical velocities in the convective regime (green lines) as well as the thermohaline
and semiconvective regions (the brown lines). This figure is based on Figure 2 in Grossman & Taam (1996).
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Figure 12. Abundance profiles in a 0.8M⊙ model with Z = 0.00015 (see also Figure 9). The left panel shows a time just after core
hydrogen exhaustion and the right panel shows the situation soon after the maximum inward penetration of the convective envelope.
At this time the hydrogen burning shell is at m(r) ≈ 0.31M⊙ and the convective envelope has homogenized all abundances beyond
m(r) ≈ 0.36M⊙. The initial 3He profile has been homogenised throughout the mixed region, resulting in an increase in the surface
value, which is then returned to the interstellar medium through winds, unless some extra-mixing process can destroy it first.

that is orders of magnitude higher than the equilibrium
value for a region involved in H burning. The specific
reaction is:

3He +3He → 4He + 2p

which completes the fusion of He. This reaction is un-
usual in that it actually increases the number of parti-
cles per volume, starting with two particles and produc-
ing three. The mass is the same and the reaction reduces
µ locally. This is a very small effect, and it is usually
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swamped by the other fusion reactions that occur in a
H-burning region. But here, this is the fastest reaction
and it rapidly produces a µ inversion. This should ini-
tiate mixing. Further, it occurs just as the H shell ap-
proaches the discontinuity in the composition left be-
hind by the FDU, i.e., it occurs just at the position
of the LF bump, in accord with (most) observations.
This mechanism has many attractive features because
it is based on well-known physics, occurs in all low-mass
stars and occurs at the required position on the RGB
(Charbonnel & Zahn 2007b; Eggleton et al. 2008).
Having identified a mechanism it remains to deter-

mine how to model it. Eggleton et al. (2006, 2008) pre-
ferred to try to determine a mixing speed from first
principles, and try to apply that in a phenomenological
way. Charbonnel & Zahn (2007b) preferred to use the
existing theory of Ulrich (1972) and Kippenhahn et al.
(1980). Both groups found that the mechanism had the
desired features, in that it began to alter the surface
abundances at the required observed magnitude, it re-
duced the C isotope ratio to the lower values observed,
and it destroyed almost all of the 3He produced in the
star, thus reconciling the predicted yields of 3He with
observations (Eggleton et al. 2006; Lagarde et al. 2011,
2012), provided the free parameter C was taken to be
C ≈ 1000. Further, mixing reduced the A(Li) values as
required by observation and it also showed the cor-
rect variation in behaviour with metallicity, i.e., the
final 12C/13C ratios were lower for lower metallicity
(Eggleton et al. 2008; Charbonnel & Lagarde 2010).
An extensive study of thermohaline mixing within ro-

tating stars was performed by Charbonnel & Lagarde
(2010). They found that thermohaline mixing was far
more efficient at mixing than meridional circulation, a
result also found by Cantiello & Langer (2010). Note
that the latter authors did not find that thermohaline
mixing was able to reproduce the observed abundance
changes on the RGB, but this is entirely due to their
choice of a substantially lower value of the free parame-
ter C (see also Wachlin et al. 2011). Cantiello & Langer
(2010) also showed that thermohaline mixing can con-
tinue during core He burning as well as on the AGB, and
Stancliffe et al. (2009) found that it was able to repro-
duce most of the observed properties of both C-normal
and C-rich stars, for the “canonical” value of C ≈ 1000.
The interaction between rotation and ther-

mohaline mixing is a subtle thing, yet both
Charbonnel & Lagarde (2010) and Cantiello & Langer
(2010) treated this crudely, by simply adding the
separate diffusion coefficients. This is unlikely to be
correct and one can easily imagine a situation where
rotation, or any horizontal turbulence, could decrease
the efficiency or even remove the thermohaline mixing
altogether. Indeed a later study by Maeder et al. (2013)
showed that simple addition of the coefficients was
not correct and these authors provide a formalism for

simultaneously including multiple processes. Calcula-
tions using this scheme have not yet appeared in the
literature.
For a more detailed comparison of predictions with

data, Angelou et al. (2011, 2012) decided to investi-
gate the variation of [C/Fe] with absolute magnitude
in GCs. The C isotopic ratio saturates quickly on the
RGB, whereas [C/Fe] and [N/Fe] continue to vary along
the RGB, providing information on the mixing over a
wide range of luminosity. They found good agreement
with the thermohaline mixing mechanism, again pro-
vided C ≈ 1000, although they also noted that stan-
dard models failed to match the FDU found in the more
metal-poor GCs, such as M92. This is not a failure of
the thermohaline mixing paradigm but of the standard
theory itself (as discussed earlier in §2.3.1).
Clearly the value of the free parameter C is cru-

cial. On the one hand, it is gratifying that so many
observational constraints are matched by a value of
C ≈ 1000. However, the value is not favoured a pri-
ori by some authors. We have seen that within the
formalism of the idealized 1D theory of Ulrich (1972)
and Kippenhahn et al. (1980), the value of C is re-
lated to the aspect ratio α of the assumed “fingers”
doing the mixing, with C = 8/3π2α2. If the mixing
is more “blob-like” than “finger-like” then α ≈ 1 and
C ≈ 20 rather than 1000. This was the case preferred by
Kippenhahn et al. (1980), in fact, whereas Ulrich (1972)
preferred fingers with α ≈ 5 leading to C ≈ 700, much
closer to the value of 1000 that seems to fit so many
constraints. We would caution against a literal inter-
pretation of the aspect ratio and finger-like nature of
the mixing. The 1D theory is very idealized and we feel
it is perhaps wise to remember that the diffusion equa-
tion is a convenient, rather than accurate, description
of the mixing.
Even if we assume that the mechanism identified by

Eggleton et al. (2006) is the one driving extra mixing, it
is unsatisfactory having an idealized, yet approximate,
theory that still contains a free parameter. We need
a detailed hydrodynamical understanding of the pro-
cess. Studies along these lines have begun but a discus-
sion of that would take us far afield from our main aim
in this paper. We refer the reader to the following pa-
pers for details: Denissenkov et al. (2009), Denissenkov
(2010), Denissenkov & Merryfield (2011), Traxler et al.
(2011), Rosenblum et al. (2011), Mirouh et al. (2012),
and Brown et al. (2013). Let us summarise by saying
that the models predict more blob-like structures, with
low values of α and C values too small to match the
observations. The stellar regime is difficult for simula-
tions to model accurately and the final word is not yet
written on the subject.
To summarise, thermohaline mixing occurs natu-

rally at the appropriate magnitude on the RGB and
it provides the right sort of mixing to solve many of
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the abundance problems seen on the RGB, as well
as the 3He problem. One area where the thermo-
haline mechanism is open to criticism is its predic-
tion that low-mass stars should almost completely de-
stroy 3He and yet there are known planetary nebu-
lae (PNe) with large amounts (i.e., consistent with
the standard models) of 3He present, as pointed out
by Balser et al. (2007, see also Guzman-Ramirez et al.
2013) immediately after the paper by Eggleton et al.
(2006). Charbonnel & Zahn (2007a) suggested that per-
haps an explanation could be related to magnetic fields
and identified the few percent of stars that do not show
decreased C isotopic ratios with the descendants of Ap
stars. They showed that remnant fields of order 104 –
105 Gauss, as expected from Ap stars when they become
giants, are enough to inhibit thermohaline mixing.

2.3.5 Magnetic Fields and Other Mechanisms

Despite its many appealing features, thermohaline mix-
ing still suffers from at least one major problem: hy-
drodynamical models do not support the value of C
required to match the observations. This leads to the
search for other mechanisms.
One obvious contender is magnetic fields (Busso et al.

2007) produced by differential rotation just below the
convective envelope. This can produce a toroidal field
and mixing by magnetic buoyancy has been investi-
gated by various authors (e.g., Nordhaus et al. 2008;
Denissenkov et al. 2009).
In contrast, Denissenkov & Tout (2000) suggested

that a combination of meridional circulation and turbu-
lent diffusion could produce the required mixing. These
authors found that the rotation rates required were rea-
sonable but we note that the best models of rotating
stars at present do not produce enough mixing.

2.4 Lithium

The behaviour of lithium is complex and deserves a
special mention. The main isotope of lithium, 7Li, is
destroyed by H burning at relatively low temperatures
(T & 2.5× 106K or 2.5 MK) and as such is observed to
be depleted during the pre-main sequence phase (see for
example, Yee & Jensen 2010; Eggenberger et al. 2012;
Jeffries et al. 2013). The FDU acts to further reduce
the surface lithium abundance through dilution with
material that has had its lithium previously destroyed.
It then appears to be further destroyed by extra mixing
above the bump on the RGB. The behaviour of Li in
the GC NGC 6397 was discussed earlier in §2.3 and is
shown in Figure 9.
The situation with Li is complicated by the exis-

tence of Li-rich K-giants (Charbonnel & Balachandran
2000; Kumar et al. 2011; Monaco et al. 2011). Approx-
imately 1% of giants show an enhancement of Li, some-
times a large enhancement to values greater than found

on the main sequence (say A(Li) > 2.4). While some
studies argue that these Li-rich giants are distributed
all along the RGB, others find them clustered pre-
dominantly near the bump. Palacios et al. (2001) sug-
gested that meridional circulation could lead to a “Li-
flash” that produces large amounts of Li that are only
present for a short time, making the Li-rich stars them-
selves relatively rare. Lithium production was found
in the parameterised calculations of extra mixing by
Sackmann & Boothroyd (1999), for the case where the
mixing (as measured by a mass flux in their case) was
fast enough. Denissenkov & Herwig (2004) also found
that Li could be produced through sufficiently rapid
mixing. Within the approximation of diffusive mixing,
they found that a value ofD ≈ 109cm2s−1 is required to
explain the usual abundance changes beyond the bump
on the RGB, but a value about 100 times larger was
shown to produce Li.
It seems natural that if the Li-rich stars really are

created at all points along the RGB then the cause
is most likely external to the star. If this requires
an increase in the diffusion coefficient then something
like a binary interaction or the engulfing of a planet
due to the growth of the stellar envelope may be in-
volved (Siess & Livio 1999a,b; Denissenkov & Herwig
2004; Carlberg et al. 2009, 2010).
Kumar et al. (2011) argue that in fact the Li-rich gi-

ants are predominantly clump stars, involved in core He
burning. They argue that the Li may be produced at the
tip of the giant branch at the core flash, and then given
the longer evolutionary timescales for core He burning,
the stars appear to be clustered around the clump (at
a similar luminosity to the bump). In addition to the
cases noted above that produce Li, we note here that
some implementations of thermohaline mixing also pro-
duce Li at the tip of the giant branch and that there is
evidence for Li-rich stars at this phase of the evolution
(Alcalá et al. 2011).

2.5 Second Dredge-Up

We have seen that following core He exhaustion the
star begins to ascend the AGB. If the mass is above
about 4M⊙ then the model will experience the SDU
where the convective envelope grows into the stellar in-
terior. In contrast to the FDU, the SDU goes deeper
and mixes material exposed to complete H burning. The
main changes are listed in Table 1 and include a sub-
stantial increase in the He content by up to ∆Y ≈ 0.1
as well as an increase in the 14N/15N ratio and the 23Na
abundance (Figure 6).
This huge increase in He is one of the reasons

why intermediate-mass AGB stars have been impli-
cated in the origin of the multiple populations observed
in Galactic GCs (D’Antona et al. 2002; Norris 2004;
Piotto et al. 2005). Increases in He and changes to the
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composition of the light elements C, N, and O are the
most likely cause of the multiple main sequence, sub-
giant, and giant branches observed in all clusters that
have Hubble Space Telescope photometry (e.g., for 47
Tucanae, NGC 6397, NGC 2808, M22; Milone et al.
2012a,c,b; Piotto et al. 2012)
Figure 6 illustrates the effect of the SDU on the

abundance of intermediate-mass stars of solar metal-
licity. Figure 7 shows that the depth reached by
the SDU is approximately the same for all the 5
and 6M⊙ models, regardless of the initial metallic-
ity (Boothroyd & Sackmann 1999). The effect of the
SDU on other elements is small. Boothroyd et al. (1994)
showed that the O isotope ratios are essentially un-
changed. Small decreases in the surface abundance of
fluorine may occur by at most 10% and sodium is
predicted to increase by up to a factor of ≈ 2 at
the surface of intermediate-mass stars that experience
the SDU (e.g., Figure 8 El Eid & Champagne 1995;
Forestini & Charbonnel 1997).

2.6 Variations at low metallicity

2.6.1 Curtailing First Dredge-Up

At metallicities of [Fe/H] . −1, the evolution of post
main sequence stars begins to significantly differ to
that found in disk or near-solar metallicity stars. For
intermediate-mass stars the necessary central temper-
atures for core He burning are reached while the star
crosses the Hertzsprung gap. This means that the
star will ignite He before evolving up the RGB and
as a consequence will not experience the FDU (e.g.,
Boothroyd & Sackmann 1999; Marigo et al. 2001). In
Figure 13 we show evolutionary tracks for models of
3M⊙ at a metallicity of Z = 0.02 and Z = 0.0001, re-
spectively. The lowest metallicity model skips the RGB
altogether. At a metallicity of Z = 0.001 or [Fe/H]
≈ −1.2 the upper mass limit that experiences the FDU
is 3M⊙, by a metallicity of Z = 0.0001 or [Fe/H]≈ −2.3,
this mass has been reduced to 2.25M⊙, and even at
that mass the maximum extent of the convective en-
velope only reaches a depth of ≈ 1M⊙ from the cen-
tre (compared to a Z = 0.02 model of 2.25M⊙ where
the FDU reaches a depth of ≈ 0.35M⊙ from the stellar
centre). Because the lower metallicity model is hotter
and has a larger core during the main sequence the
FDU still causes a 30% drop in the surface C abun-
dance (compared to a drop of 36% for the Z = 0.02
model). For intermediate-mass stars that do not ex-
perience a FDU, the second dredge-up event, which
takes place during the early ascent of the AGB, is
the first mixing episode that changes the surface com-
position (Boothroyd & Sackmann 1999; Chieffi et al.
2001; Marigo et al. 2001; Karakas & Lattanzio 2007;
Campbell & Lattanzio 2008).

2.6.2 The Core Helium Flash

Metallicity has an important consequence for stars that
experience the core He flash. Evolution at lower metal-
licities is hotter, owing to a lower opacity. This means
that the stars experience a shorter time on the RGB
before reaching temperatures for core He ignition and
therefore do not become as electron degenerate. This
means that the maximum mass for the core He flash
decreases with decreasing Z (Marigo et al. 2001). We
mentioned previously that at solar metallicity the max-
imum mass for the core He flash is 2.1M⊙, whereas
at [Fe/H] = −2.3 the maximum mass is 1.75M⊙, with
the 2M⊙ model experiencing a fairly quiescent He ig-
nition with only a moderate peak in the He luminosity
(Karakas & Lattanzio 2007; Karakas 2010).
There is now a fairly extensive literature on multi-

dimensional studies of the core He flash (Deupree
1984, 1986; Deupree & Wallace 1987; Deupree 1996;
Dearborn et al. 2006; Mocák et al. 2009). Early re-
sults from two-dimensional hydrodynamic simulations
(Deupree & Wallace 1987) suggest that the flash could
be a relatively quiescent or violent hydrodynamic
event, depending on the degeneracy of the stellar
model. Deupree (1996) finds for low-mass solar com-
position models, using improved but still uncertain in-
put physics, that the core flash is not a violent hydro-
dynamic event and that there is no mixing between
the flash-driven H-exhausted core and the envelope at
this metallicity. More recent multi-dimensional hydro-
dynamic simulations of the core He flash in metal-free
stars find that the He-burning convection zone moves
across the entropy barrier and reaches the H-rich layers
(Mocák et al. 2010, 2011).
For the present we assume that stars experiencing

the core He flash do not mix any products into their
envelope. This is in accord with standard models and
the observations do not disagree. We do note that this
is not necessarily true at lower metallicity, as we discuss
in the next section.

2.6.3 Proton Ingestion Episodes

The low entropy barrier between the He- and H-rich
layer can lead to the He flash-driven convective region
penetrating the inner edge of the (now extinguished)
H-burning shell. If this happens, protons will be in-
gested into the hot core during the core He flash. If
enough protons are ingested, a concurrent secondary
flash may occur that is powered by H burning and gives
rise to further nucleosynthesis in the core. The sub-
sequent dredge-up of matter enriches the stellar sur-
face with large amounts of He, C, N, and even possi-
bly heavy elements synthesised by the s process. There
has been an extensive number of studies of the core
He flash and resulting nucleosynthesis in low-mass,
very metal-poor stars (e.g., D’Antona & Mazzitelli
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Figure 13. Hertzsprung-Russell (HR) diagram showing the evolutionary tracks for 3M⊙ models of Z = 0.02 (black solid line) and
Z = 0.0001 (red dashed line). The low-metallicity model is hotter and brighter at all evolutionary stages and does not experience a
RGB phase or the first dredge-up.

1982; Fujimoto et al. 1990; Hollowell et al. 1990;
Schlattl et al. 2001; Picardi et al. 2004; Weiss et al.
2004; Suda et al. 2007; Campbell & Lattanzio 2008;
Suda & Fujimoto 2010; Campbell et al. 2010). The de-
tails of the input physics used in the calculations clearly
matter, where the low-mass Z = 0 models of Siess et al.
(2002) find no mixing between the flash-driven con-
vective region and the overlying H-rich layers. It has
been known for sometime that the treatment of the
core He flash in one-dimensional stellar evolutionary
codes is approximate at best, owing to the fact that
the core He flash is a multi-dimensional phenomenon
(Deupree 1996; Mocák et al. 2011). We deal more ex-
tensively with this in §3.8.

3 Evolution and Nucleosynthesis during the
Asymptotic Giant Branch

The mass of the H-exhausted core (hereafter core mass)
at the end of core He-burning is the prime determinant
of many important features of AGB evolution including
luminosity and nucleosynthesis (e.g., Dominguez et al.
1999; Imbriani et al. 2001; Straniero et al. 2003b;
Ekström et al. 2012; Halabi et al. 2012; Valle et al.
2013). When the star begins to ascend the AGB the
core becomes increasingly electron degenerate and the
star’s energy output is mostly provided by He burn-
ing, which proceeds through the material outside the
C-O core as a thin He-burning shell is established.
In intermediate-mass stars the H shell is extinguished,

which allows the inward movement of the convective
envelope and the SDU. It is at this time that middle
and massive intermediate-mass stars ignite C in the C-
O core, which results in an O-Ne core prior to the start
of the thermally-pulsing phase. While the evolution of
AGB stars with O-Ne cores (super-AGB stars) is quali-
tatively similar to C-O core AGB stars, we discuss these
objects separately in §3.9.
The He shell thins as the star evolves up the AGB

and eventually becomes thermally unstable. At the first
thermal instability of the He shell (also known as a
“thermal pulse” or “shell flash”) the star is said to
have entered the thermally-pulsing-AGB (or TP-AGB)
phase. The evolution along the AGB prior to the first
instability is referred to as the early AGB phase. The
structure of an AGB star, illustrated in Figure 14, is
qualitatively the same for all masses. We now focus on
the thermally-pulsing AGB phase of evolution, which
alters the surface abundances of the models in two dis-
tinct and important ways. The first is through the op-
eration of the third dredge-up (TDU), which can occur
periodically after each thermal pulse and is the mech-
anism for turning (single) stars into C-rich stars. The
second mechanism is hot bottom burning.

3.1 The thermally-pulsing Asymptotic Giant
Branch

Here we briefly review the main features of AGB
evolution. Previous reviews include Iben (1991),
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   core
CO degenerate

about 75%

Intershell region:

about 22%
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Flash−driven Convection

Helium burning shell

Hydrogen burning shell

Convective
Envelope

about 2%
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Figure 14. Schematic structure of an AGB star showing the electron-degenerate core surrounded by a helium-burning shell above the
core, and a hydrogen-burning shell below the deep convective envelope. The burning shells are separated by an intershell region rich
in helium (∼ 75%) and carbon (∼ 22%), with some oxygen and 22Ne. A super-AGB star has an O-Ne degenerate core otherwise the
qualitative schematic structure remains the same. From Karakas, Lattanzio, & Pols (2002).

Frost & Lattanzio (1996a), Wood (1997), Busso et al.
(1999), and more recently Herwig (2005).
The thermally-pulsing AGB phase of evolution is

characterised by relatively long periods of quiescent
H-shell burning, known as the interpulse phase, inter-
rupted by instabilities of the He-burning shell. Helium
burning is ignited at the base of the He-rich intershell
region (see Figure 14), which is composed of material
exposed to previous He-shell flashes plus the ashes of
H-shell burning which have accumulated over the pre-
vious interpulse phase. The He shell burns fiercely and
can produce & 108L⊙ for a short time. Figure 15 shows
the luminosities of the H and He shells, along with the
surface luminosity for a 6M⊙, Z = 0.02 model star dur-
ing the first 10 thermal pulses. This figure illustrates
the beginning of the TP-AGB phase where the strength
of thermal pulses grows with time owing to the overall
contraction of the H-exhausted core, which leads to hot-
ter, more electron degenerate conditions in the burning
shells. For the 6M⊙ model shown in Figure 15 the lu-
minosity produced by the He shell is already ≈ 106L⊙

by the third thermal pulse, a figure that grows to over
4× 108L⊙ by the final thermal pulses.
The energy produced by the flash powers a convec-

tive region which begins in the He-burning shell and ex-
tends almost all the way to the H-burning shell. This has
the effect of homogenising abundances in this region. In
Figure 16 we show the flash-driven convective regions
in the intershell during the first 5 thermal pulses of
the 6M⊙, Z = 0.02 model. The teardrop-shaped green

pockets represent flash-driven convection, which lasts
for . 102 years, depending on the core mass. Convec-
tion in the intershell retreats once the energy from the
thermal pulse starts to die down, in what is referred to
as the power-down phase. During power down, the huge
amount of energy produced by the thermal pulse does
not reach the stellar surface but goes into expanding the
star, which cools the material outwards of the He shell
and shuts off the H shell. The power-down phase is seen
in the decrease of the H-shell luminosity in Figure 15.
Note that while the H-shell luminosity drops by many
orders of magnitude, the surface luminosity is only seen
to dip by about 10% during the expansion stage.
The cooling of these inner layers leads to an increase

in the stellar opacity, which allows the base of the outer
convective envelope to move inwards in mass, interior
to the erstwhile H-burning shell, and to regions pre-
viously mixed by intershell convection. Hence material
from the interior, which has been exposed to He burn-
ing, is mixed into the envelope where it can be observed
at the surface. This phase is known as third dredge-up
and may occur after each thermal pulse.
In Figure 15 we show the evolution of the masses of

the H-exhausted core, of the He-exhausted core, and of
the inner edge of the convective envelope for the 6M⊙,
Z = 0.02 model during the first 10 thermal pulses. By
the third thermal pulse we can see a small temporary
decrease in the mass of the H-exhausted core, which is
seen more clearly in Figure 16. The decrease is caused
by the TDU, where the inner edge of the convective
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Figure 15. Evolution of the luminosities and core masses (in solar units) for a 6M⊙, Z = 0.02 model during the start of the TP-AGB.
Each panel shows the evolution during the first 10 thermal pulses. The panel (a) shows the surface (or radiated) luminosity (black
solid line), H-burning shell luminosity (blue dot-dashed line), and He-burning shell luminosity (red dashed line). Panel (b) shows the
masses of the H-exhausted core (black solid line), He-exhausted core (red dashed line), and the inner edge of the convective envelope
(blue dot-dashed line).

envelope penetrates into the top layers of the He inter-
shell. This mixes H into a H-poor region, reducing the
mass of the core while mixing the products of H and He
nucleosynthesis into the envelope. Following the third
dredge-up, the star contracts, the H-burning shell is re-
ignited and the star enters a new interpulse phase. The
cycle of interpulse–thermal pulse–power-down–dredge-
up may occur many times on the AGB, depending on
the initial mass, composition, and mass-loss rate. For
the 6M⊙, Z = 0.02 model, this cycle occurs 42 times
before the model experienced convergence problems of
the type discussed by Lau et al. (2012) and calculations
were terminated.

In summary, the AGB evolutionary cycle can be bro-
ken down into four distinct phases (Iben 1981):

1. Thermal pulse, which is when the He shell burns
brightly producing . 108L⊙ for a short time (≈
102 years). The energy drives a convective zone in
the He intershell.

2. The power-down phase when the He shell dies
down. The enormous amount of energy from the
thermal pulse drives an expansion of the whole star
and the H shell is extinguished.

3. Third dredge-up phase, which is when the outer
convective envelope may move inwards into regions
previously mixed by flash-driven convection. Car-
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Figure 16. Convective regions for the 6M⊙, Z = 0.02 model during the first five thermal pulses. The x-axis is nucleosynthesis time-step
number, which is a proxy for time. For each model, along the x-axis, a green dot represents a convective mass shell and a magenta dot
is a radiative shell. The dense magenta regions mark the H and He shells. The teardrop-shaped pockets correspond to the flash-driven
convective region that extends over most of the intershell. These have the effect of homogenising the abundances within the intershell.
For this model, the duration of the convective zones is about 25 years and the interpulse periods about ≈ 4000 years.

bon and other He-burning products are mixed to
the stellar surface.

4. The interpulse phase is the relatively long (≈
104 years) phase in between thermal pulses where
the H shell provides most of the surface luminosity.

3.2 Hot bottom burning

It has been known for some time that intermediate-
mass stars over about 5M⊙ develop deep convective en-
velopes with very high temperatures at the base, al-
lowing for nuclear burning and some energy genera-
tion (Scalo et al. 1975; Lattanzio 1992; Lattanzio et al.
1996). In fact, what happens is that the bottom of
the convective envelope is situated near the top of
the H-burning shell. The observational evidence that
HBB is occurring in intermediate-mass AGB stars came
from the lack of optically-bright C-rich stars in the
Magellanic Clouds (Wood et al. 1983). Many of these
luminous, O-rich stars were later found to be rich
in lithium (Smith & Lambert 1989, 1990a; Plez et al.
1993). The first detailed calculations were made in
the early 1990’s by Blöcker & Schoenberner (1991) and
Lattanzio (1992). Boothroyd et al. (1993) found that
HBB prevents the formation of a C-rich atmosphere by

burning 12C into 14N thus providing a mechanism for
the lack of bright C-stars in the Magellanic Clouds.
HBB can dramatically alter the surface composition.

This is because the temperature in a thin region at the
very base of the envelope, hereafter Tbce, can exceed
50× 106K (50 MK), which is hot enough for activa-
tion of the CNO cycle and also the Ne-Na and Mg-Al
chains (if the temperature is high enough). In the most
massive, lowest metallicity AGB models, and super-
AGB models, the temperature can exceed 100 MK
(e.g., Karakas & Lattanzio 2007; Ventura et al. 2013;
Doherty et al. 2014a).
The convective envelopes of AGB stars are well

mixed, with a convective turnover time of about 1 year,
which means that the whole envelope will be exposed
to the hot region at least 1000 times per interpulse pe-
riod. In Figure 17 we show the evolution of the tem-
perature at the base of the convective envelope for the
6M⊙, Z = 0.02 model. The temperature reaches a peak
of 82 MK at the 28th thermal pulse, before decreasing
to below 20 MK, at which point HBB has been shut
off. The decrease in temperature is caused by mass loss,
which slowly erodes the envelope. The minimum en-
velope mass required to support HBB is about 1M⊙,
depending on the metallicity.
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Figure 17. The evolution of the temperature at the base of the
convective envelope in the 6M⊙, Z = 0.02 model.

3.2.1 Dredge-up, HBB and the Brightest C Stars

Third dredge-up can continue after the cessation of
HBB, which allows the C abundance to increase instead
of being burnt to N. The envelope mass is relatively
small at this stage (. 1M⊙), which means that dilution
is also lower. It is possible the star will become C-rich
at the very tip of the AGB where C/O ≥ 1 (Frost et al.
1998a), depending on the number of TDU episodes af-
ter the end of HBB and the O abundance in the en-
velope (noting that some O can also be destroyed by
HBB). van Loon et al. (1999b) presented observational
evidence that supports this scenario, finding a sample of
very luminous, dust-obscured AGB stars in the Magel-
lanic Clouds. The existence of very bright, C-rich AGB
stars is also evidence that stars in this mass range ex-
perience TDU, at least down to the metallicities of the
Magellanic Clouds.

3.2.2 The Core-Mass vs Luminosity Relation

The surface luminosity will reach a maximum value dur-
ing the interpulse and this is reached just before the on-
set of the next thermal pulse. Paczyński (1970) was the
first to derive a linear relationship between the maxi-
mum surface luminosity during the quiescent interpulse
phase and the H-exhausted core mass

L/L⊙ = 59250 (MH/M⊙ − 0.522). (1)

Paczyński’s calculations infer that there is a maximum
luminosity an AGB model can have of 52021L⊙, de-
termined by the maximum possible core mass of ≈

1.4M⊙. Subsequent calculations of intermediate-mass
AGB stars revealed that hot bottom burning can
violate the conditions of the core-mass luminosity
relationship (Blöcker & Schoenberner 1991; Lattanzio
1992; Boothroyd & Sackmann 1992) and that an AGB
model can have luminosities larger than predicted by
Paczyński. The core-mass luminosity relationship on
the AGB is also a key ingredient in a synthetic AGB
model because it determines many fundamental fea-

tures of AGB evolution including the growth of the H-
exhausted core with time. The most accurate fits to the
core-mass luminosity relationship are those that include
a correction for the extra luminosity provided by HBB
(Wagenhuber & Groenewegen 1998; Izzard et al. 2004,
2006). In Figure 18 we show the core-mass luminosity
relationship for a selection of models at Z = 0.02. HBB
occurs in models with M ≥ 4.5M⊙ at Z = 0.02 and we
can see for these models that the luminosity strongly in-
creases with core mass before peaking and then declin-
ing. The decline is caused by mass loss, which reduces
the temperature at the base of the convective envelope
and in turn the luminosity from the CN cycle. In com-
parison, the lower mass AGB models do not experience
HBB and show a reasonably linear core-mass luminosity
relationship.

3.3 Third dredge up

The chemical enrichment at the surface of AGB stars
is governed by the TDU mixing event that follows
a thermal pulse. TDU is responsible for the largest
changes to the surface composition of low-mass AGB
stars and has important consequences for nucleosynthe-
sis in intermediate-mass AGB stars as well owing to the
production of primary C which is converted to primary
N by HBB.

3.3.1 The Dredge-Up Parameter

If there is dredge-up, then a fraction of the outer-most
part of the H-exhausted core will be mixed into the
envelope according to

λ =
∆Mdredge

∆Mcore
, (2)

where λ is the third dredge-up efficiency parameter,
∆Mdredge is the mass mixed into the envelope, and
∆Mcore is the amount by which the H-exhausted core
increases over the previous interpulse phase; see Fig-
ure 19. From the above definition, when λ = 1, the core
mass does not grow from pulse to pulse but remains con-
stant. The value of λ depends on physical parameters
such as the core mass and metallicity of the star. Ex-
actly how λ depends on these quantities is unknown and
reflects our lack of understanding about how convection
operates in stellar interiors. Different stellar codes pre-
dict different behaviour, a point we will come back to in
§4.1. Note that there is no a priori reason why λ cannot
exceed unity.
So in summary, AGB nucleosynthesis depends on

1. λ, the efficiency of third dredge-up;
2. Mmin

c , the minimum core mass at which the TDU
begins; this determines how many TDU episodes
will occur before mass loss removes the envelope;
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Figure 19. The definition of λ, shown schematically, where the
x–axis represents time and the y–axis represents the mass of the
H-exhausted core.

3. the size of the convective envelope, which sets the
level of dilution of each TDU episode;

4. the mass of the He intershell.

Karakas et al. (2002) provided the first parameteri-
sation of λ and Mmin

c as functions of the total mass,
envelope mass, and metallicity (see also Straniero et al.
2003a). The general trend is that λ increases with in-
creasing stellar mass, at a given Z. The parameter λ
also increases with decreasing metallicity, at a given
mass (e.g., Boothroyd & Sackmann 1988). Naively, this
means that it should be easier to make C stars in lower
metallicity or higher mass models. But there is also
a second reason why C-stars are more easily made at

lower metallicity. Carbon production is a primary prod-
uct of the triple-α process, and hence the C intershell
abundance does not depend on the global metallicity,
Z. In a low metallicity star the amount of C added per
pulse is roughly independent of metallicity, whereas the
amount of O that must be overcome to produce C > O
is lower. So fewer pulses are required to make a C-star.
This is true even for α-enhanced compositions where
[O/Fe] ≈ +0.4. As we note, stars of lower metallicity
are predicted to have deeper dredge-up which acceler-
ates the effect further. Both mechanisms act to make
C-stars easier to form at lower metallicities.
For intermediate-mass stars the situation is more

complex. Even though the calculations of Karakas et al.
(2002) predict larger values of λ, the effect of TDU is
mitigated by the mass of the He intershell which is
approximately a factor of 10 smaller in intermediate-
mass AGB stars compared to AGB stars of lower mass.
This means that even if λ ≈ 0.9, the amount of material
added to the envelope per TDU event (λ×∆Mcore) is
smaller by about an order of magnitude. Secondly, the
mass of the convective envelope is large in intermediate-
mass stars, which means that the material will be more
diluted. Finally, HBB will act to prevent the formation
of C-rich luminous AGB stars at the highest metal-
licities (e.g., Karakas et al. 2012), which is in agree-
ment with observations of O-rich luminous AGB stars
in our Galaxy (Garćıa-Hernández et al. 2006, 2013). So
even though the conventional wisdom is that C-star
production does not happen at intermediate-mass for
the above reason, calculations of low-metallicity (Z ≤
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0.001) intermediate-mass stars suggest that C-star for-
mation will occur before HBB ceases (Herwig 2004a,b;
Karakas 2010; Lugaro et al. 2012; Fishlock et al. 2014;
Straniero et al. 2014). This is driven by the combina-
tion of primary C production plus the effect of HBB
destroying some O.
It is important to know if the stellar models are pro-

viding an accurate description of the efficiency of mixing
in AGB stars. For example, the models of Karakas et al.
(2002) do not predict any TDU for models less than
2M⊙ at Z = 0.02 and quite efficient TDU for models
of intermediate-mass. While it is notoriously difficult
to determine the masses of stars in our Galaxy, obser-
vations suggest that the minimum initial stellar mass
for C-star formation is ≈ 1.5M⊙ (Wallerstein & Knapp
1998). The Large and Small Magellanic Clouds (LMC,
SMC, respectively) are the closest satellite galaxies of
our Milky Way and they both have thousands of known
C stars (Frogel et al. 1990; Groenewegen 2004). We
know the distances to these two galaxies reasonably
well, enabling us to construct C-star luminosity func-
tions (CSLFs).

3.3.2 The Carbon Star Luminosity Function and
other Observational Constraints

Is it possible to constrain the efficiency of third dredge-
up by using the CSLF of the LMC and the SMC? That
the stellar luminosity on the AGB is a nearly linear
function of the H-exhausted core mass (e.g., Equation 1
and Figure 18) has stimulated the development of syn-
thetic AGB evolution models, as a quick way of simulat-
ing populations of AGB stars. The main observational
constraint which models must face is the CSLF for the
Magellanic Clouds.
Synthetic AGB evolution calculations performed

by Groenewegen & de Jong (1993) and Marigo et al.
(1996), treat λ as a constant free parameter, cal-
ibrated by comparison with the CSLF. Synthetic
AGB calculations designed to reproduce the CSLF
in the LMC and SMC require an average λ =
0.5 and λ = 0.65 respectively, and Mmin

c ≈ 0.58M⊙

(Groenewegen & de Jong 1993; Marigo et al. 1999;
Izzard et al. 2004; Marigo & Girardi 2007). The values
for Mmin

c are lower than found in detailed models by
e.g., Karakas et al. (2002) and shown in Figure 20 and
the synthetic best fit values for λ are higher than those
found for the low-mass AGB models that become C-
rich (e.g., λ . 0.4 in Figure 20) unless considerable over-
shoot is applied (e.g., Herwig 2000; Cristallo et al. 2009;
Weiss & Ferguson 2009).
Stancliffe et al. (2005) were able to reproduce the

CSLF of the LMC by computing AGB models without
convective overshoot using the Cambridge STARS code,
which predicts deeper TDU at smaller core masses than
Straniero et al. (1997) or Karakas et al. (2002). How-
ever the CSLF in the SMC cannot be reproduced from

Figure 20. The minimum core mass for TDU (upper panel) and
the maximum value of λ plotted against initial mass for the Z =
0.008 models from Karakas et al. (2002). Only models with M ≥
1.9M⊙ become C-rich. Figure taken from Karakas et al. (2002).

detailed STARS models, indicating that the problem is
not yet fully solved.
Star clusters are ideal sites to constrain the TDU

in AGB stars as they contain stars of similar age
and metallicity. Open clusters of solar metallicity
in the Milky Way Galaxy can be used to study
the TDU and the growth of the core using ob-
servations of white dwarf masses in comparison to
theoretical models (Kalirai et al. 2014). Star clusters
in the Magellanic Clouds in particular prove very
valuable as they span a wide range of age, which
enables us to study the evolution of stars with
masses around 1.5 to 5M⊙ (e.g. Girardi et al. 1995,
2009; Maceroni et al. 2002; Mucciarelli et al. 2006;
Mackey et al. 2008; Milone et al. 2009).
The clusters NGC1978 and NGC1846 in the

LMC have been the subject of much study ow-
ing to the availability of accurate estimates of AGB
structural parameters such as pulsation masses, ef-
fective temperatures, and luminosity. Kamath et al.
(2010) obtained (current day) pulsation masses for
NGC 1978 (and the SMC cluster NGC 419), while
Lebzelter & Wood (2007) obtained masses for the
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LMC cluster NGC 1846. Abundance studies have also
been done (Ferraro et al. 2006; Mucciarelli et al. 2008;
Lebzelter et al. 2008; Lederer et al. 2009), along with
attempts to explain the observed C and O abundances
for NGC1978 and NGC1846 using stellar evolution
models (Lebzelter et al. 2008; Lederer et al. 2009).
Kamath et al. (2012) presented stellar models for

AGB stars in NGC1978, NGC1846, and NGC419 with
the aim of constraining the TDU and mass loss on the
AGB. The stellar evolution models were constrained to
reflect the observed AGB pulsation mass, cluster metal-
licity, giant branch effective temperature, M-type to C-
type transition luminosity and the AGB-tip luminos-
ity. A major finding from the study by Kamath et al.
(2012) is that a large amount of convective overshoot
(up to 3 pressure scale heights) is required at the base of
the convective envelope during third dredge-up in order
to get the correct O-rich to C-rich transition luminos-
ity. Such large overshoot leads to λ values in the range
0.66 to 0.82 for the best fitting models. The first shell
flashes with dredge-up occur for core masses of Mmin

c

≈ 0.56− 0.58M⊙. These values are much closer to the
those values above suggested by synthetic AGB models
to fit CSLFs and suggest that considerable convective
overshoot occurs in low-mass AGB stars (see also stud-
ies by Herwig et al. 1997; Herwig 2000; Cristallo et al.
2009; Weiss & Ferguson 2009; Karakas et al. 2010).
It is important to note that this overshoot is mea-

sured from the formal Schwarzschild boundary. We
know that this point is unstable to growth, but it
does form a convenient position from which to mea-
sure the required amount of overshoot. Knowing the
Schwarzschild boundary to be unstable has motivated
some authors to implement an algorithm to try to
search for a neutrally stable point (e.g. Lattanzio 1986).
We note that this was not able to reproduce the ob-
servations in Kamath et al. (2012), and further mixing
was required (although the required depth was not com-
pared to the position of the neutral point).
The large spread in the amount of overshoot required

to match the observations could be telling us that is not
the best way to quantify the required deeper mixing.
It may indicate a mass dependence, with lower masses
requiring deeper mixing. It is good to remember that
although we call this “overshoot” because it is mixing
beyond the Schwarzschild boundary, we are not iden-
tifying the cause of the deeper mixing as “convective
overshoot” in the usual sense, that is to say, the mix-
ing caused by conservation of momentum in the moving
gas, which causes it to cross the point of zero acceler-
ation (the Schwarzschild boundary). Rather, we mean
any process that mixes beyond the Schwarzschild bor-
der.

3.4 Nucleosynthesis during Asymptotic
Giant Branch Evolution

Thermal pulses and dredge-up may occur many times
during the TP-AGB phase. Each TDU episode mixes
12C from the He intershell into the envelope and this
has the effect of slowly increasing the C/O ratio of the
surface, illustrated in Figure 21 for models of 3M⊙ and
6M⊙ at Z = 0.02. Repeated TDU episodes can explain
the transition from M-type (C/O ≈ 0.5, similar to the
Sun) to C-type stars:

M → MS → S → SC → C, (3)

where SC-type stars have C/O of approximately
unity, and C-type stars have C/O > 1 by definition
(Wallerstein & Knapp 1998).
Many C stars also have surface enrichments of

heavy elements synthesized by the s-process (e.g., Zr,
Y, Sr, Ba, Tc; Smith & Lambert 1986; Smith et al.
1987; Smith & Lambert 1990b; Abia et al. 2002).
The element technetium has no stable isotopes. The
presence of this radioactive element in AGB star spec-
tra is a particularly important indicator of “recent”
s-process nucleosynthesis and mixing (Merrill 1952;
Little-Marenin & Little 1979; Smith & Lambert
1988; Vanture et al. 1991; Van Eck & Jorissen
1999; Lebzelter & Hron 2003; Vanture et al. 2007;
Uttenthaler 2013). This is because the half-life of 99Tc
(the isotope produced by the s-process) is 210,000
years, much shorter than the main-sequence lifetime of
low-mass stars.
While C and s-process elements are the most obvious

and easily verifiable examples of He-shell nucleosynthe-
sis and TDU, there are other elements that are produced
during thermal pulses including F, Na, 22Ne, and the
neutron-rich Mg isotopes. Some of these isotopes are
synthesized through a combination of H burning and
He burning (e.g., Na). Hot bottom burning occurs in
the most massive AGB stars and the main observable
product of H burning is N which is produced by the
CNO cycles, although other H-burning products may
also be made (e.g., Na, Al etc). The stellar yields of
intermediate-mass AGB stars are strongly dependent on
the complex interplay between HBB and TDU, as TDU
is a supplier of primary C and 22Ne. Overall, the TP-
AGB gives rise to a combination of H and He-processed
material that is expelled by the star as its envelope is
lost through stellar winds.

3.5 Nucleosynthesis via thermal pulses

A He-shell flash produces heat and mixing throughout
the intershell region, which is composed mostly of the
ashes of H-shell burning (≈ 98% 4He and 2% 14N). The
two main He-burning reactions are:
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Figure 21. The surface C/O ratio as a function of thermal pulse number for (a) a 3M⊙, Z = 0.02 model AGB star, and (b) a 6M⊙,
Z = 0.02 model. The lower mass 3M⊙ model does not experience HBB and becomes C-rich. In contrast, efficient HBB occurs for the
6M⊙ model and the C/O ratio never reaches unity. The C/O ratio is given by number, and the initial abundance is the solar ratio at
C/O = 0.506.

1. the triple-alpha process: effectively 3 4He →
12C; the main source of energy during thermal
pulses;

2. the 12C(α, γ)16O reaction, which requires a
reservoir of 12C for efficient activation; this re-
action produces negligible energy during shell
flashes.

During a thermal pulse some of the 4He in the shell
is converted into 12C by partial He burning, leaving the
composition of the well-mixed intershell approximately
70–75% 4He (by mass), 20–25% 12C and a few percent
16O (e.g., Figure 14). These approximate numbers re-
flect the intershell composition of canonical stellar evo-
lution models without overshoot into the C-O core. The
inclusion of overshoot into the core increases the inter-
shell composition of 12C and 16O as discussed in Herwig
(2000) and §3.5.3. There is a few percent (by mass)
of 22Ne and trace amounts of other species including
17O, 23Na, 25Mg, 26Mg, and 19F. Sodium and 27Al are
produced by H-burning during the preceding interpulse
phase but are not destroyed by α-capture reactions dur-
ing the thermal pulse. The exact composition of the He
intershell after a thermal pulse depends on the mass
and composition of the He shell before the pulse, the
duration of the shell flash, as well as the peak temper-
ature and density under which the burning takes place.
These quantities in turn depend on the stellar mass and
metallicity. The core contracts with time along the AGB
which means that the thermodynamic conditions of the
He shell become somewhat more extreme toward the
end of the TP-AGB compared to the beginning (e.g.,
higher temperatures and densities resulting from a thin-
ner, slightly more electron-degenerate shell).
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Figure 22. The C/O ratio versus the [F/Fe] abundance at the
surface of a 3M⊙, Z = 0.02 AGB model. Other products of he-
lium nucleosynthesis include 22Ne, and the final 22Ne/Ne ratio in
this model increases to ≈ 0.4 from 0.068 initially. The total Ne
abundance increases from log ǫ(Ne) = log10(Ne/H) +12 = 8.11 at
the main sequence to 8.33 at the tip of the AGB where He/H =
0.119, C/O = 1.74 (shown in Figure 21), 12C/13C = 119, 14N/15N
≈ 2500 and N/O = 0.40.

3.5.1 The carbon isotopic ratio: 12C/13C

The C isotope ratio 12C/13C is a useful probe of AGB
nucleosynthesis. Dredge-up increases the amount of
12C, so the ratio will increase from 12C/13C ≈ 10− 20
at the tip of the RGB to between 30 and >100, de-
pending on the number of TDU episodes and the initial
mass. For the 3M⊙ model star the predicted 12C/13C
ratio goes from ≈ 20 before the AGB to 119 at the tip
of the AGB.
The 12C/13C ratio has been observed in samples of

C-rich AGB stars (Lambert et al. 1986; Abia & Isern
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1997) as well as PNe (Palla et al. 2000; Rubin et al.
2004). The C isotopic composition of pre-solar main-
stream silicon carbide (SiC) grains, which are assumed
to form in the extended envelopes of C-rich AGB stars,
show a well defined distribution where 40 . 12C/13C .

100, which matches the ratios observed in C(N) stars
(e.g., Zinner 1998).
The 12C/13C ratios are difficult to measure in PNe,

with values spanning the range from ∼ 4, the equilib-
rium value of the CN cycle, to upper limits of ≈ 38
(Palla et al. 2000, 2002; Rubin et al. 2004). These ra-
tios are, in general, lower than measured in C-rich AGB
stars and lower than found in pre-solar SiC grains and
suggest efficient mixing of H-burning material with the
observed nebula. ALMA observations of R Sculptoris
however show the surprising result that the 12C/13C
ratio at the stellar photosphere is much lower, at 19,
compared to the ratio obtained in the present-day mass
loss (& 60; Vlemmings et al. 2013). These authors spec-
ulate that the lower C isotopic ratio is due to an em-
bedded source of UV-radiation that is primarily photo-
dissociating the 13CO molecule. This suggests that we
need to be wary of the ratios obtained from PNe, where
the star is a strong UV source illuminating the nebula.
The C and N abundances predicted by models do not

match those observed in AGB stars (e.g., Lambert et al.
1986; Abia & Isern 1997; Milam et al. 2009). In particu-
lar the observed 12C/13C ratios are lower than predicted
by standard AGB models (e.g., Forestini & Charbonnel
1997; Cristallo et al. 2009; Karakas 2010). For example,
standard AGB models predict that by the time C/O≥ 1
then 12C/13C ≥ 80, which is already close to the upper
limit observed in AGB stars or measured in SiC grains.
It is possible to match the observed N and C iso-

topic ratios by artificially lowering the 12C/13C ra-
tio at the tip of the RGB to values observed in
RGB stars (Kahane et al. 2000; Lebzelter et al. 2008;
Karakas et al. 2010; Kamath et al. 2012). By adopt-
ing a 12C/13C ratio of 12 at the tip of the RGB,
Kahane et al. (2000) found that they could match the
observed 12C/13C ratio of 45 for CW Leo. Similarly
Karakas et al. (2010) were able to reproduce the ob-
served 12C/13C ratios for most of the Galactic C-rich
stars. Whereas most C-rich AGB stars have 12C/13C
ratios between about 30 and 80, there is a small number
with 12C/13C ratios below 30 (e.g. Lambert et al. 1986;
Abia & Isern 1997) that cannot be explained using the
method above. That is, for a minimum 12C/13C ratio of
10 at the tip of the RGB the minimum predicted value
at the tip of the AGB is about 30 (depending on mass
and composition). A value lower than this will require
some form of extra mixing on the AGB.

3.5.2 Nitrogen isotopic ratios

Nitrogen isotopic measurements have been made for
a small number of evolved stars. Measurements were

made for the cool C star IRC+10216, where the
14N/15N ratio was estimated at > 4400 (Guelin et al.
1995; Kahane et al. 2000). A tentative value of ≈ 150
was made for the J-type star Y CVn (Olson & Richter
1979), and lower limits (along with two detections)
were obtained in eight C stars and two proto-PNe
(Wannier et al. 1991). In this last study six of the lower
limits (> 500) were significantly larger than the ratio
found in giant molecular clouds (330). Note that the
Wannier et al. (1991) 14N/15N abundance ratio for Y
CVn is 70, and for IRC+10216 it is 5300.
The most recent measurements by Hedrosa et al.

(2013) were made for a selection of AGB stars of type C,
SC, and J, where J-type C stars are defined mainly by
their low 12C/13C ratio and by the absence of s-process
elements (Wallerstein & Knapp 1998). While almost all
the data for C-type AGB stars show 14N/15N & 1000,
a few C-type AGB stars have N isotopic values close
to solar. These are difficult to reconcile with current
models because known mixing events either increase the
14N/15N ratio by mixing with regions that have expe-
rienced H burning (e.g. FDU, SDU with typical values
shown in Table 1 and extra mixing) or leave it largely
unchanged because the material mixed to the surface is
not primarily from H-burning regions (e.g., TDU). Fur-
thermore, some of the SC type AGB stars, which are
defined by having C/O ≈ 1, and presumably on an evo-
lutionary path that takes them from M-type (O-rich) to
C-type (C-rich) should have N isotopic ratios similar to
C-type AGB stars. Instead, Hedrosa et al. (2013) find
the SC-type AGB stars to be 15N-rich (with 14N/15N
. 1000), regardless of their C isotopic ratios. The reason
for this deviation between SC and C-type AGB stars is
unclear and difficult to understand from a theoretical
viewpoint. Furthermore, the J-type stars, whose origin
is already a mystery, show 14N/15N ratios . 1000. The
origin of the 15N enrichments is not clear but the only
way that this isotope can be produced in low-mass AGB
stars is via the CNO cycle reaction 18O(p,α)15N, which
can take place in the He-burning shell provided there is
a supply of protons (as discussed below in the context
of F production).

3.5.3 The Intershell Oxygen Abundance

The short duration of thermal pulses and the low C
content of the region means that the 12C(α, γ)16O re-
action produces negligible energy and does not produce
much 16O. Canonical stellar evolution calculations of
AGB stars find 16O intershell compositions of . 2% (by
mass, e.g., Boothroyd & Sackmann 1988; Karakas et al.
2010). Here by “canonical” we are referring to model
calculations with no convective overshoot of the flash-
driven convective pocket into the C-O core. Herwig
(2000) does include convective overshoot at the inner
border of the flash driven convective zone and finds that
some C and O from the C-O core is mixed into the in-
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tershell. This has the effect of increasing the C and O
intershell abundances to up to ≈ 40% and 20%, respec-
tively. The inclusion of such overshoot means that the
oxygen stellar yields from low-mass AGB stars may be-
come significant (Pignatari et al. 2013). We discuss this
further in §3.5.7.

3.5.4 Fluorine

Fluorine is produced through a complex series of re-
actions as outlined in detail by Forestini et al. (1992),
Mowlavi et al. (1996), Mowlavi et al. (1998) and more
recently by Lugaro et al. (2004). The main reaction
pathway involves the production of 15N which is burnt
to 19F via 15N(α,γ)19F. The difficulty here is in mak-
ing 15N which is destroyed by proton captures in the
CNO cycles, which means that the composition of the
He shell before a thermal pulse will be almost devoid of
this isotope. If protons can be produced by secondary
reactions (e.g., 14N(n,p)12C which itself requires free
neutrons) then the CNO chain reaction 18O(p,α)15N
can make 15N. Because F is produced in the He inter-
shell the composition in the envelope correlates with
the abundance of C and s-process elements, as shown
in Figure 22 (for C).
Fluorine has been observed in AGB stars in our

Galaxy and in Local Group Galaxies (Jorissen et al.
1992; Lebzelter et al. 2008; Abia et al. 2009, 2010),
PG 1159 post-AGB stars and PNe (Werner et al.
2005; Otsuka et al. 2008), and in barium stars
(Alves-Brito et al. 2011), which are hypothesised to
have received their C and Ba through mass transfer
from a previous AGB companion.
The observations of Jorissen et al. (1992) revealed

F abundances that were much higher than model
predictions (Forestini et al. 1992; Lugaro et al. 2004;
Karakas et al. 2008), especially for the SC type AGB
stars with C/O ≈ 1. A re-analysis of the F abun-
dance in three Galactic AGB stars (TX Psc, AQ Sgr,
and R Scl) by Abia et al. (2010) revealed the cause
of the discrepancy to be the model atmospheres used
in the original analysis, which did not properly take
into account blending with C-bearing molecules. The
new abundances are up to 0.8 dex lower, bringing the
models into agreement with the observations. Observa-
tions of F in the C-rich AGB stars in the LMC clus-
ter NGC 1846 however show a discrepancy with mod-
els (Lebzelter et al. 2008; Kamath et al. 2012), with the
observed F abundance increasing more strongly with
the C/O ratio than in the theoretical model. While ob-
servations of F in extra-galactic C stars showmost of the
stars to be F rich, the models over predict the amount
of C relative to the observations; see Abia et al. (2011),
who also suggested possible solutions including the hy-
pothesis that most of the C might be trapped in dust
grains.

3.5.5 Other Species in the Intershell

There is a wealth of other He-burning products
produced as a consequence of thermal pulses in-
cluding 19F, 22Ne, 23Na, 25Mg, 26Mg, and 27Al
(Forestini & Charbonnel 1997; Mowlavi 1999b; Herwig
2000; Karakas & Lattanzio 2003a,b; Lugaro et al. 2004;
Cristallo et al. 2009; Karakas 2010; Cristallo et al.
2011). The isotope 22Ne is produced by the reaction
14N(α, γ)18F, where 18F β-decays to 18O allowing for
the reaction 18O(α, γ)22Ne. The composition of 22Ne in
the intershell is fairly high, at ≈ 2%. This is because the
abundant 14N is completely converted into 22Ne during
a thermal pulse. The 22Ne abundance is predicted to
increase by almost an order of magnitude (∼ 1 dex) in
some AGB models (Karakas & Lattanzio 2003a). If the
22Ne abundance exceeds or is equal to the 20Ne abun-
dance we should expect an observable enhancement in
the elemental Ne composition. The intershell is also
enriched in 23Na and 27Al. Sodium and 27Al are not
He-burning products but are synthesised in the H shell
during the previous interpulse. Unlike other H-burning
products (e.g., 14N) these are left unburnt by the sub-
sequent TP and mixed into the envelope by the next
TDU episode.

3.5.6 Heavy Magnesium isotopes

If the peak temperature of the thermal pulse exceeds
300× 106K, the neutron-rich Mg isotopes, 25Mg and
26Mg, can be synthesised by the 22Ne(α, n)25Mg and
22Ne(α, γ)26Mg reactions. These two 22Ne +α reactions
have similar although uncertain rates at He-shell burn-
ing temperatures (Angulo et al. 1999; Karakas et al.
2006b; Longland et al. 2012; Wiescher et al. 2012).
Owing to the relatively high temperatures required
for these two reactions, they are predicted to oc-
cur efficiently in intermediate-mass AGB stars with
masses greater than about 4M⊙ depending on metallic-
ity (Karakas & Lattanzio 2003b; Karakas et al. 2006b).
The He intershell of lower mass AGB stars will only
reach 300 MK during the last few thermal pulses
(if at all). This means that the 22Ne(α, n)25Mg re-
action is only marginally activated near the end of
the AGB. The 22Ne(α, n)25Mg is particularly im-
portant because it produces free neutrons that can
be captured by iron-peak elements enabling the s-
process (Iben 1975; Wiescher et al. 2012). It is the
dominant neutron-producing reaction in the He and
C-burning regions of massive stars (The et al. 2007;
Heil et al. 2008; Pignatari et al. 2010) and the domi-
nant neutron source in intermediate-mass AGB stars
(Garćıa-Hernández et al. 2006; Karakas et al. 2012).
We will come back to this reaction when we discuss
s-process nucleosynthesis in §3.7.
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3.5.7 Planetary nebulae and post-AGB stars

Comparisons to observations of AGB stars and their
progeny can be made for many of the species considered
so far. Comparisons with Ne measured in PG 1159 stars
reveal good agreement with 22Ne intershell abundances
found in standard models (Werner & Wolff 1999). Neon
abundances can be reliably measured in PNe so ob-
servations of these objects can be used as a probe of
AGB nucleosynthesis. A correlation is observed to ex-
ist between the Ne/H and O/H abundance in PNe in
the Galaxy, LMC, SMC and M31, within a small but
probably real spread (Kaler 1978; Aller & Czyzak 1983;
Henry 1989; Dopita et al. 1997; Stasińska et al. 1998;
Leisy & Dennefeld 2006; Stanghellini et al. 2000, 2006;
Bernard-Salas et al. 2008). While AGB models can pro-
duce considerable 22Ne which results in an overall in-
crease in the elemental Ne abundance, this is predicted
to occur in only a narrow mass range and the over-
all agreement with the observations is good (Marigo
2001; Karakas & Lattanzio 2003a; Henry et al. 2012;
Shingles & Karakas 2013).
We can compare AGB predictions to the surface

abundance observations of PG 1159-type post-AGB
stars, which are thought to be in transition from central
stars of PNe to white dwarfs (Werner et al. 2009). These
H-deficient objects are quite rare, with only about
two dozen known, and their atmospheres are mostly
composed of He, C, and O (Werner & Rauch 1994;
Werner & Herwig 2006; Jahn et al. 2007; Werner et al.
2009). Spectroscopic observations of the PG 1159 cen-
tral stars reveal O mass fractions as high as 20%
(e.g., Werner & Herwig 2006) clearly at odds with stan-
dard stellar models. Spectroscopic observations of Ne
and F reveal abundances consistent with the models
(Werner & Wolff 1999; Werner et al. 2005). The diffu-
sive convective overshooting models of Herwig (2000)
have intershell abundances that are consistent with
the abundance patterns observed in PG 1159 central
stars (see also, e.g., Miller Bertolami & Althaus 2006;
Althaus et al. 2009), as discussed in §3.5.3. The degen-
erate thermal pulses found by Frost et al. (1998b) may
have a similar effect. In this case, deep third dredge-up
following the degenerate pulse can mix material from
the C-O core into the envelope, enhancing the envelope
in 16O.
There is other observational evidence for increased

O intershell content. The high [O/Fe] abundances
measured in post-AGB stars in the Galaxy and
Magellanic Clouds are difficult to reconcile with
standard O intershell abundances of 2% or less
(Van Winckel & Reyniers 2000; De Smedt et al. 2012).
In particular the low-metallicity SMC post-AGB star
J004441.04-732136.4 has a [Fe/H] ≈ −1.3, a low C/O
ratio of 1.9, combined with a high [O/Fe] ≈ 1.10. These
numbers cannot be explained by canonical stellar evo-

lution models as discussed in De Smedt et al. (2012),
which produce very high C/O ratios ≈ 20 at this low
metallicity. One way to reconcile the models and ob-
servations would be through changing the O intershell
abundances. Further evidence for non-standard inter-
shell compositions comes from the O isotope ratios
measured in evolved red giant stars (see discussion in
Karakas et al. 2010), which show an increase in the
16O/17O and 16O/18O ratios with evolution along the
AGB. The C/O and 12C/13C ratios measured in the C-
rich AGB stars in NGC 1978 are also difficult to recon-
cile with standard models and require higher O inter-
shell compositions of 15% (Kamath et al. 2012). One
source of uncertainty in these conclusions is the large
error bars present in the O isotopic data measured by
Harris, Lambert and collaborators (Harris et al. 1983;
Harris & Lambert 1984; Harris et al. 1985a,b, 1987;
Smith & Lambert 1990b).

3.6 Nucleosynthesis from Hot Bottom
Burning

H-burning occurs primarily via the CNO cycles but also
via the Ne-Na and Mg-Al chains if the temperature is
high enough. In this section we summarise the main
H-burning reactions and their products and review the
results of HBB that are predicted to be observed at the
surface of intermediate-mass AGB stars.

3.6.1 C, N, and O

In §2.2.1 we discussed the CNO cycle in the context
of FDU abundance changes. During HBB the tempera-
tures at the base of the convective envelope are higher
than in the H shell during the first ascent of the giant
branch, reaching Tbce & 100 MK in the lowest metallic-
ity, massive AGB stars (with C-O and O-Ne cores, e.g.,
Karakas & Lattanzio 2007; Ventura & D’Antona 2009;
Siess 2010; Doherty et al. 2014a). While these high tem-
peratures are normally associated with He burning, the
density at the base of the envelope is only a few grams
cm−3, much lower than in the H shell and other H-
burning regions (e.g., the central density in the Sun is
ρ⊙ ≈ 160 gram cm−3; at the base of the H shell the typ-
ical densities during the interpulse are ≈ 30− 40 gram
cm−3 in an intermediate-mass AGB star). This means
that higher temperatures are required for nucleosynthe-
sis and energy production than in a typical H-burning
environment and also partly explains why HBB is more
efficient at lower metallicities where the stars are more
compact.
During HBB the CN cycle, which results in an in-

crease in the abundance of 13C and 14N from the de-
struction of other CNO species, comes into equilibrium
quickly. The isotopes 12C and 15N are first destroyed
by the CN cycle and later the oxygen isotopes 16O and
18O are also destroyed to produce 14N. The abundance

PASA (2014)
doi:10.1017/pas.2014.xxx



AGB nucleosynthesis and yields 33

 2

 4

 6

 8

 10

 12

 14

 16

 18

 20

 0  5  10  15  20  25  30  35  40  45

12
C

/13
C

 r
at

io

Thermal pulse number

Initial 
12

C/
13

C ratio = 86.5 

-3.6

-3.5

-3.4

-3.3

-3.2

-3.1

 0  5  10  15  20  25  30  35  40  45

lo
g 

Y
( 

N
itr

og
en

 )

Thermal pulse number

Figure 23. The evolution of the 12C/13C ratio and the nitrogen
elemental abundance at the surface of the 6M⊙, Z = 0.02 model
during the TP-AGB. The ratio is given by number and the abun-
dance of nitrogen is in units of log10(Y ), where Y = X/A and X
is mass fraction and A is atomic mass.

of 17O can be enhanced by the CNO bi-cycle, depending
on the uncertain rate of the 17O + p branching reac-
tions whereas 19F is destroyed (e.g., Angulo et al. 1999;
Arnould et al. 1999; Iliadis et al. 2010).
In Figure 21 (b) we show the evolution of the C/O ra-

tio at the surface of a 6M⊙, Z = 0.02 model with HBB.
The C/O ratio stays below unity for the entire TP-AGB
phase and only starts to increase from C/O . 0.1 during
the final 8 thermal pulses, which is when HBB starts to
shut down owing to the erosion of the envelope by mass
loss. By the final calculated thermal pulse the C/O ratio
is just above the starting (solar) value of 0.5. The evo-
lution of the 12C/13C ratio and elemental N abundance
in Figure 23 also demonstrates efficient activation of the
CNO cycles. The 12C/13C ratio behaves similarly to the
C/O ratio and stays close to the equilibrium value of
≈ 3 for much of the TP-AGB. The N abundance is seen
to increase by almost an order of magnitude, more than
would be allowed if the initial C+N+O was consumed to
produce 14N. This is because primary 12C is mixed from
the intershell by the TDU into the envelope, where it is

converted into N. Note also that the 14N/15N ratio dur-
ing the TP-AGB is & 10, 000, reaching essentially the
CN cycle equilibrium value. The O isotopic ratios also
evolve, where the 16O/17O ratio increases with evolu-
tion to a final value of ≈ 465 whereas the 16O/18O ratio
increases to above 106 as almost all of the available 18O
is destroyed. The elemental O abundance in the 6M⊙

model only decreases however by ≈ 0.06 dex.

3.6.2 Ne, Na, Mg, and Al

In the left part of Figure 24 we show the reactions of
the Ne-Na chain (Rolfs & Rodney 1988; Arnould et al.
1999), where unstable isotopes are denoted by dashed
circles. The main result of the Ne-Na chain is the pro-
duction of 23Na at the expense of the Ne isotopes, pri-
marily 22Ne but also 21Ne, which is the rarest neon iso-
tope. The production of Na by the Ne-Na chain was
examined in detail by Mowlavi (1999b), who predicted
that AGB stars could play an integral role in the chem-
ical evolution of Na in the Galaxy.
The dominant 20Ne is not significantly altered by H-

shell burning, but the destruction of 23Na at temper-
atures over 90 MK can lead to a slight enhancement
in the 20Ne abundance. The rate of 23Na destruction is
important for determining Na yields (e.g., Iliadis et al.
2001; Izzard et al. 2007). Whether there is leakage out
of the Ne-Na chain into the Mg-Al chain depends on
the relative rates of the uncertain 23Na(p,α)20Ne and
23Na(p,γ)24Mg reactions. Hale et al. (2004) presented
revised rates of both of these reactions and found them
to be faster than previous estimates (e.g., Angulo et al.
1999; Iliadis et al. 2001) which had a significant impact
on Na yields from AGB stars as we discuss in §5.
Magnesium and aluminium are altered in the H-

burning shell via the activation of the Mg-Al chain,
whose reactions are shown on the right-hand side of
Figure 24. This series of reactions involves the radioac-
tive nuclide 26Al which has a ground state 26Alg with
a half-life of τ1/2 = 700, 000 years along with a short-
lived (τ1/2 = 6.35 s) isomeric state 26Alm. These have
to be considered as separate species since they are out
of thermal equilibrium at the relevant temperatures
(Arnould et al. 1999). Hereafter, when we refer to 26Al
we are referring to the ground-state, 26Alg.
The first isotope in the Mg-Al chain to be affected is

25Mg, which is burnt to 26Al. The β-decay lifetime of
26Al relative to proton capture generally favours proton
capture within the H-burning shell. This produces the
unstable 27Si which quickly β-decays (with a lifetime on
the order of a few seconds) to 27Al. The abundance of
26Mg is enhanced by the β-decay of 26Al in the H-shell
ashes. Proton capture on 24Mg requires higher temper-
atures than those required for the other reactions in
the Mg-Al chain but model predictions (e.g., Figure 25)
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Figure 24. Reactions of the Ne-Na and Mg-Al chains. Unstable isotopes are denoted by dashed circles. From Karakas & Lattanzio
(2003a) and based on a similar figure in Arnould et al. (1999).

suggest that this dominant isotope can be efficiently de-
stroyed by HBB.
In Figure 25 we show the evolution of various isotopes

involved in the Ne-Na and Mg-Al chains at the sur-
face of two models of 6M⊙. The upper panel shows the
predicted nucleosynthesis for the 6M⊙, Z = 0.02 model
we have been describing so far, which has a peak Tbce

of 82 MK. The lower panel shows results from a 6M⊙,
Z = 0.004 model which has a peak Tbce of 95 MK.While
the CNO isotopes for the 6M⊙, Z = 0.02 model (Fig-
ure 23) clearly show the effects of HBB on the predicted
surface abundances, the abundances of heavier isotopes
show only marginal activation of the Ne-Na and Mg-Al
chains. Most of the increase in 22Ne, 25Mg, and 26Mg
is from the TDU bringing He-shell burning products to
the surface. The slight increase in 27Al ([Al/Fe] ≈ 0.1 at
the tip of the AGB) is mostly from Al produced in the
H shell and mixed to the surface by the TDU and not
from HBB. Sodium barely increases from the post-SDU
value. In contrast, the lower metallicity 6M⊙ model,
which is not only hotter but more compact, shows con-
siderable destruction of 24Mg, an increase in 26Al which
can only come from H burning and the Mg-Al chains,
and variations in 25Mg and 26Mg consistent with HBB.
Sodium initially increases before being destroyed again
by proton-capture reactions.
There is a paucity of observational evidence for con-

straining stellar models of intermediate-mass stars dur-
ing their TP-AGB phase. This is partly because there
are few stars found at the AGB-luminosity limit near
Mbol ≈ −7 but also because of the complexity of the
model atmospheres required for the interpretation of

the spectra. Evolved intermediate-mass AGB stars are
long-period pulsators with low effective temperatures,
which means that the dynamics of the atmosphere
must be taken into consideraton (McSaveney et al.
2007). The few observations of stars in our Galaxy
suggest that most of them, even the optically ob-
scured stars, are O-rich and s-process rich which points
to both efficient HBB and TDU (Wood et al. 1983;
Garćıa-Hernández et al. 2006, 2013). In the Magellanic
Clouds, most of the bright AGB stars are also O-rich
but some dust-obscured objects are also C-rich as we
have already noted.
The study by McSaveney et al. (2007) obtained

abundances for a small sample of bright AGB stars for
comparison to theoretical models. The observations of
C, N, and O were a relatively good match to stellar evo-
lution models but no observed enrichments were found
for Na and Al. We note that the latest nuclear reaction
rates suggest much lower Na production than previously
calculated (Karakas 2010) so perhaps this is not surpris-
ing. Al production is also predicted to be highly metal-
licity dependent with little production in AGB stars
with [Fe/H] & −0.7 (Ventura et al. 2013).
Predictions such as those presented here (or by oth-

ers, e.g., Ventura et al. 2013) that intermediate-mass
AGB stars result in nucleosynthesis variations in the
Ne, Na, Mg, and Al isotopes are particularly useful for
comparison to GC abundance anomalies. All well stud-
ied GC show star-to-star abundance variations in C, N,
O, F, Na, and some show variations in Mg, Al and Si
(e.g., Gratton et al. 2004, 2012; Carretta et al. 2009;
Yong et al. 2013, and references therein) and only a
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Figure 25. The evolution of various species involved in the Ne-
Na and Mg-Al chains at the surface of the 6M⊙, Z = 0.02 model
(upper panel) and 6M⊙, Z = 0.004 model (lower panel) during
the TP-AGB. Time on the x-axis is scaled such that t = 0 is the
time at the first thermal pulse. Abundances on the y-axis are in
units of log10 Y , where Y = X/A, where X is mass fraction and A
is atomic mass. Both calculations used the same set of of reaction
rates and scaled solar abundances. The 6M⊙, Z = 0.004 model
has been described previously in Karakas (2010).

few GCs show variations in iron-peak and heavy ele-
ments (e.g., ω Cen and M22 Norris & Da Costa 1995;
Johnson et al. 2008; Da Costa & Marino 2011). The
lack of star-to-star variations in Fe and Eu have led
to the conclusion that core-collapse supernovae did
not play a role in the self enrichment of these sys-
tems and have suggested an important contribution
from intermediate-mass AGB stars. Globular cluster
star abundances show C and N are anti-correlated with
each other, as are O and Na, and (sometimes) Mg and
Al. That is the pattern expected if H burning at rela-
tively high temperatures has caused the observed abun-
dance patterns (Prantzos et al. 2007).

Figure 26. The evolution of stable Mg isotopes at the surface of
the 6M⊙, Z = 0.004 model during the TP-AGB. Time on the x-
axis is scaled such that t = 0 is the time at the first thermal pulse.
Abundances on the y-axis are scaled to the total Mg composi-
tion, Y (iMg)/{Y (24Mg)+Y (25Mg)+Y (26Mg)}, where Y = X/A,
where X is mass fraction and A is atomic mass. The initial Mg
isotopic ratios on the main sequence are solar: 24Mg/25Mg =
7.89 and 24Mg/26Mg = 7.17 (e.g., Asplund et al. 2009). By the
tip of the TP-AGB, the model ratios are 24Mg/25Mg = 0.11 and
24Mg/26Mg = 0.14 indicating that most of the 24Mg has been
destroyed by proton captures.

At the highest HBB temperatures, breakout of the
Mg-Al cycle can occur via the 27Al(p,γ)28Si reaction.
If this occurs then we would expect to see correla-
tions between enhanced Al and Si (Ventura et al. 2011).
Yong et al. (2008) find that N abundances in the giant
stars of the GC NGC 6752 are positively correlated with
Si, Al and Na, indicating breakout of the Mg-Al chain.
Carretta et al. (2009) also find a spread in the Si abun-
dances of the GCs NGC 6752 (see also Yong et al. 2013)
and NGC 2808, and a positive correlation between Al
and Si. Models by Ventura et al. (2011) show that the
most Al enriched models are also enriched in Si so it
seems that hot H burning can produce such a trend,
even if the site of the proton-capture nucleosynthesis in
GCs is still unknown.
It is possible to obtain isotopic ratios for Mg by us-

ing the MgH line (Guelin et al. 1995; Shetrone 1996a,b;
Gay & Lambert 2000; Kahane et al. 2000; Yong et al.
2003a,b, 2006; Da Costa et al. 2013). The Mg isotopic
ratios therefore become an important probe of the site
of the nucleosynthesis that has added to the chemi-
cal enrichment of GC systems. The GCs show an in-
triguing trend: the stars that are considered normal or
“not polluted” are (relatively) O-rich and Na-poor, and
sometimes Mg-rich and Al-poor. These stars show a
near solar Mg isotopic ratio. The stars that are con-
sidered “polluted” show O-depletions and sometimes
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Mg-depletions, are rich in Na and sometimes Al. For
those globular clusters that do show stars with varia-
tions in Mg and Al we find that 24Mg is depleted at the
expense of 26Mg with essentially no star-to-star varia-
tions in 25Mg (e.g., Da Costa et al. 2013).
In Figure 26 we show the evolution of the Mg isotopes

at the surface of a 6M⊙, Z = 0.004 ([Fe/H] ≈ −0.7)
AGB model. The metallicity of this model matches
some of the stars in ω Cen studied by Da Costa et al.
(2013) and the sole M 71 star analysed by Yong et al.
(2006), and may help reveal a trend with metallicity.
If we focus just on ω Cen, then at all metallicities
the stars show approximately solar ratios for 25Mg/Mg
≈ 0.1 (e.g., Fig 9 in Da Costa et al. 2013). In contrast,
24Mg/Mg shows a decrease with [Fe/H], while 26Mg/Mg
shows an increase, with the most extreme cases showing
24Mg/Mg ≈ 50 and 26Mg/Mg ≈ 40 at [Fe/H] ≈ −1.5.
At the metallicity of the 6M⊙ AGB model shown in
Figure 26 all observed ratios are again approximately
solar, in disagreement with model predictions.
What is particularly unusual about these observed

abundance ratios is: (1) at the low metallicities of the
GC stars examined to date, chemical evolution models
suggest a dominant contribution from core-collapse su-
pernovae that produce mostly 24Mg and there should be
almost no 25Mg or 26Mg (e.g., Kobayashi et al. 2011b).
That is, the normal stars should be completely domi-
nated by 24Mg (about 97% of the total Mg) and not
show a solar Mg isotopic ratio. (2) H burning in AGB
stars or massive stars, regardless of the stellar evolu-
tion code used, struggles to explain these isotopic ra-
tios and unchanging 25Mg abundances without resort-
ing to variations in reaction rates (Fenner et al. 2004;
Herwig 2004b; Decressin et al. 2007; de Mink et al.
2009; Ventura & D’Antona 2009). Parametric models
can explain the observed abundances but provide few
clues as to the physical site responsible (Prantzos et al.
2007). We note that reaction rates involving the Mg
and Al species are quite uncertain and the new reac-
tion rates presented by Straniero et al. (2013) may help
resolve the issue.

3.6.3 Lithium

The discovery that the brightest AGB stars are rich
in Li (Smith & Lambert 1989, 1990a; Plez et al. 1993;
Garćıa-Hernández et al. 2013) gave further credibil-
ity to the idea that HBB was actually occurring in
intermediate-mass AGB stars. The production of 7Li
is thought to occur via the Cameron-Fowler mechanism
(Cameron & Fowler 1971): Some 3He, created earlier in
the evolution (during central H-burning), captures an
α-particle to create 7Be. The 7Be can either 1) capture
a proton to complete the PPIII chain, or 2) capture an
electron to produce 7Li. Whether the 7Be follows path
1) or path 2) depends critically on the temperature of
the region. Owing to efficient mixing in the convective

Figure 27. The surface abundance of 7Li during the TP-AGB
phase for a 6M⊙, Z = 0.02 model. The units on the y-axis are
log10(n(Li)/n(H)+12) and time on the x-axis is scaled such that
t = 0 is the beginning of the TP-AGB. The lithium rich phase
lasts for about 200,000 years.

envelope, some of the 7Be is mixed into a cooler region
which prevents proton capture. The 7Be will undergo
electron capture instead, producing 7Li. The 7Li is also
subject to proton capture and is eventually mixed into
the hot temperature region and subsequently destroyed.
Once the envelope is depleted in 3He, 7Li production
stops. In Figure 27 we illustrate the evolution of 7Li at
the surface of a 6M⊙, Z = 0.02 model during the TP-
AGB. The Li-rich phase occurs when the abundance of
Li exceeds log ǫ(Li)& 2 and lasts for ∼200,000 years for
the 6M⊙, Z = 0.02 model shown in Figure 27.
Some approximation to time-dependent mixing is

required to produce 7Li in a HBB calculation be-
cause the nuclear timescale for the reactions in-
volved in the Cameron-Fowler mechanism is similar
to the convective turnover timescale (see Fig. 2 in
Boothroyd & Sackmann 1992). Stellar evolution calcu-
lations usually use the diffusion equation to approxi-
mate mixing in stellar interiors, although we warn that
this is only an approximation and that mixing is advec-
tive rather than diffusive.
Stellar evolution models are able to account for

the magnitude of the Li-enrichment observed in
intermediate-mass AGB stars, even though there are
considerable modelling uncertainties (van Raai et al.
2012; Garćıa-Hernández et al. 2013). Ventura et al.
(2000) were able to use the Li-rich phase of bright
intermediate-mass AGB stars in the Magellanic Clouds
as a constraint of mass-loss rates, which are a highly
uncertain but important ingredient in stellar evolution
modelling. Ventura et al. (2000) concluded that large
mass-loss rates of 10−4M⊙/year are required to fit the
observations of Li-rich AGB stars in the Magellanic
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Clouds. Using the Blöcker mass-loss rate (Blöcker 1995),
they were able to constrain the ηr parameter to ≈ 0.01,
where higher values of ≥ 0.05 lead to too high mass-
loss rates when compared to the population of optically
visible luminous, Li-rich AGB stars in the Magellanic
Clouds.

3.6.4 Type I planetary nebulae

Type I PNe are defined as a separate class
based on both abundances and morphology.
Peimbert & Torres-Peimbert (1987) originally de-
fined Type I PNe to have He/H > 0.125, N/O
> 0.5 and to show, in general, bipolar morphologies
(Peimbert 1978; Peimbert & Torres-Peimbert 1987;
Peimbert 1990). Kingsburgh & Barlow (1994) propose
a modified N threshold (N/O > 0.8) based on nuclear
processing constraints and find that Type I PNe
constitute about 16% of their sample. This fraction is
close to the fraction of bipolar PNe found by Manchado
(2003), at 17%. The bipolars are more or less the
same as the Type Is, with an average N/O = 1.3.
Note that selection effects are uncertain and can be
substantial (e.g., not accounting for selection effects,
roughly 23% of the PNe are Type I in the sample of
Sterling & Dinerstein 2008).
Type I PNe are associated with a younger, metal-

rich population that evolved from initial stellar masses
of 2–8M⊙ (Peimbert 1990; Corradi & Schwarz 1995;
Peña et al. 2013). The origin of Type I PNe has been
associated with intermediate-mass stars experiencing
HBB (Vassiliadis et al. 1996) but the large number
of Type I objects (roughly 17%), combined with the
very short post-AGB crossing time for M ≥ 4M⊙ stars
(e.g., Bloecker 1995) suggest that the initial progenitor
masses are closer to 3M⊙.
Standard AGB models of ≈ 3M⊙ do not produce

the high He/H and N/O ratios that are typical of
Type I PNe (e.g., Figure 22). While some Type I
PNe may be associated with binary evolution owing to
the high frequency of Type I objects associated with
non-spherical/elliptical morphologies (e.g., Shaw et al.
2006; Stanghellini & Haywood 2010) some fraction of
the Type I PNe will have evolved as essentially sin-
gle stars. Rotation rates peak in main sequence stars
of & 3M⊙ and it has been suggested that rotation-
ally induced mixing on the main sequence could be
one mechanism to increase the post-FDU He and N
abundance (Karakas et al. 2009; Lagarde et al. 2012;
Miszalski et al. 2012; Stasińska et al. 2013).

3.7 The slow neutron capture process

Most heavy nuclei with atomic masses greater than
A > 56 are formed by neutron addition onto abun-
dant Fe-peak elements. The solar abundance distribu-
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Asplund et al. (2009). The main features of the abundance distri-
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by neutron captures. These include elements heavier than zinc
and are highlighted in blue. Proton numbers are also given for a
selection of elements.

tion shown in Figure 28 is characterised by peaks that
can be explained by:

1. the slow neutron capture process, the s-process,
2. the rapid neutron capture process, the r-process,

The seminal papers by
Burbidge, Burbidge, Fowler, & Hoyle (1957) and
Cameron (1957) laid down the foundations for these
processes and Wallerstein et al. (1997) provides an
updated review (see also the reviews by Meyer 1994;
Busso et al. 1999; Herwig 2005; Lattanzio & Lugaro
2005; Käppeler et al. 2011).
During the r-process neutron densities as high as

Nn & 1020 neutrons/cm3 are produced. This means that
the timescales for neutron capture are much faster
than β-decay rates. The r-process will produce iso-
topes essentially up to the neutron drip line. These iso-
topes then decay to stable, neutron-rich isotopes once
the neutron flux is gone. Given the extreme condi-
tions required for the r-process, it has been hypothe-
sised to occur during supernovae explosions (Fryer et al.
2006; Wanajo et al. 2009, 2011; Arcones et al. 2007;
Arcones & Montes 2011; Winteler et al. 2012) but other
sites have also been proposed including colliding neu-
tron stars (Argast et al. 2004; Korobkin et al. 2012),
and black hole/neutron star mergers (Surman et al.
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2008). We refer to Meyer (1994), Arnould et al. (2007),
and Thielemann et al. (2011) for further details.
For the rest of this section we will concern ourselves

with the s-process, which occurs under conditions of rel-
atively low neutron densities (Nn . 108 neutrons/cm3).
In Figure 29 we show the typical path of the s-process
through a section of the chart of the nuclides around
the Zr to Ru region. During the s-process the timescale
for neutron capture is slower, in general, than the β-
decay rate of unstable isotopes. In Figure 29 we can see
that when neutrons reach a relatively short-lived iso-
tope, such as 95Zr with a half-life of approximately 64
days, the isotope will have time to decay to 95Mo in-
stead of capturing another neutron. The s-process will
therefore produce isotopes along the valley of β-stability
and is responsible for the production of roughly half of
all elements heavier than Fe.
While it is common to characterise elements as being

produced by one of the neutron-capture processes (e.g.,
Eu is an r-process element), we stress that most heavy
elements are produced in part by both the s and the
r-processes. However, there are some isotopes that are
only produced by the s-process (e.g., 96Mo in Figure 29)
because of shielding from the r-process, while some
neutron-rich isotopes cannot be easily reached by the
s-process (e.g., 96Zr). Some proton-rich heavy isotopes
cannot be reached by either the s- or r-process and are
usually rare in nature and a small component of the to-
tal elemental fraction. Examples include 92,94Mo, shown
in Figure 29, which together make up 24% of elemental
Mo in the solar system. Arlandini et al. (1999) used de-
tailed AGB stellar models to provide a breakdown of the
solar system isotopic abundance distribution according
to an origin in either the r- or s-process (their Table 2;
see similar breakdowns by Goriely 1999; Travaglio et al.
2004; Simmerer et al. 2004; Sneden et al. 2008). Exam-
ples of elements where the solar-system abundance frac-
tion is mainly produced by the s-process include Sr, Y,
Zr, Ba, La, and Pb, where 91% of solar-system Pb was
produced in the s-process (Table 3 in Travaglio et al.
2001a). Similarly some elements such as Ag, Xe, Eu are
predominantly produced by the r-process (e.g., 97% of
solar-system Eu, see Sneden et al. 2008).
In Figure 28 we show the distribution of elements

in our solar system using the latest set of solar abun-
dances from Asplund et al. (2009). We have highlighted
elements heavier than Fe in blue, and an examina-
tion of this figure shows peaks around Sr, Ba, and Pb
(corresponding to atomic masses 88, 137, 207 respec-
tively). These elements are dominated by nuclei with a
magic number of neutrons (n = 50, 82, 126). Note that
for lighter elements there are also peaks at n = 2, 8, 20,
and 28. A nucleus composed of a magic number of pro-
tons and a magic number of neutrons is very stable
and considered to be “doubly magic”. Examples include

16O with 8 protons and 8 neutrons, and 208Pb, with 82
protons and 126 neutrons. Supernovae produce a con-
siderable amount of 56Ni, which is doubly magic with
28 protons and 28 neutrons and eventually decays to
56Fe and is the cause of the Fe-peak seen in Figure 28.
The stability of nuclei with a magic number of nucle-
ons follows from the closed shells in the quantum me-
chanical model of the nucleus (Mayer 1950). In practice,
nuclei with a magic number of neutrons are more sta-
ble against neutron capture than surrounding nuclei be-
cause of their low neutron capture cross sections. These
nuclei act as bottlenecks and are consequently seen as
s-process peaks in the abundance distribution.
Theoretically there are two main astrophysical “sites”

of the s-process in nature. The first are AGB stars,
which are observationally and theoretically confirmed
as factories for the production of heavy elements. The
first evidence that stars and not the Big Bang are re-
sponsible for the production of elements heavier than
Fe came from observations by Merrill (1952) of radioac-
tive Tc in red giant stars. The second main s-process
site is massive stars, where the s-process occurs during
core He burning and in the convective C-burning shell,
prior to the supernova explosion (The et al. 2000, 2007;
Pignatari et al. 2010; Frischknecht et al. 2012). We will
concentrate on the s-process occurring in AGB stars.

3.7.1 Neutron sources in AGB stars

Neutron capture processes require a source of free neu-
trons, given that neutrons are unstable and decay in
about 15 minutes. There are two important neutron
sources available during He-shell burning in AGB stars:

1. 14N(α, γ)18F(β+ν) 18O(α, γ)22Ne(α, n)25Mg.
2. 12C(p, γ)13N(β+ν)13C(α, n)16O.

The 22Ne(α, n)25Mg reaction was first identified as
a neutron source for AGB stars by Cameron (1960).
The intershell region is rich in 14N from CNO cycling
and during a thermal pulse, 14N can suffer successive
α captures to produce 22Ne. If the temperature ex-
ceeds 300× 106 K, 22Ne starts to capture α particles to
produce 25Mg and 26Mg in almost equal proportions.
Neutrons are released by the 22Ne(α, n)25Mg reaction
during convective thermal pulses. Given the high tem-
peratures required for the 22Ne(α, n)25Mg to operate
efficiently, it is theoretically predicted to be effective in
AGB stars with initial masses & 4M⊙.
The observational data for the s-process mainly

comes from “intrinsic” low-mass AGB stars and their
progeny, with initial progenitor masses . 4M⊙. The
22Ne(α, n)25Mg is not efficient in these stars and
requires operation of the 13C(α, n)16O neutron source
instead. Observations come from stars with spectral
types M, S, SC, C(N), post-AGB stars and planetary
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Figure 29. Schematic showing the Zr to Ru region of the chart of the nuclides. Neutron number increases along the x-axis and proton
number on the y-axis. Unstable isotopes are shown as white squares with the half-life of the ground state. Stable isotopes are shown in
colour with the solar-system percentage shown (not all isotopes are shown, so the total may not sum to 100). The typical s-process path

that results from neutron densities typical of the 13C(α,n)16O neutron source is shown by the thick blue line. Under these conditions,
the isotope 96Zr is not reached by the s-process and is an r-process only isotope (in blue). Similarly, the isotope 96Mo is an s-only
isotope (in yellow) because it is shielded from the r-process by 96Zr. The isotopes that are not reached by neutron capture are shown
in pink and are produced either by proton addition or spallation under extreme conditions. The unstable isotope 99Tc is on the main
s-process path.

nebulae (Smith & Lambert 1986; Vanture et al. 1991;
Abia et al. 2001, 2002, 2008; Van Winckel & Reyniers
2000; Reyniers et al. 2007; Sterling & Dinerstein
2008; van Aarle et al. 2013). Extrinsic s-process rich
objects also provide a wealth of observational data
and include barium and CH-type stars, carbon en-
hanced metal-poor (CEMP) stars, dwarf C stars,
and some planetary nebulae (Luck & Bond 1991;
Allen & Barbuy 2006a,b; Allen & Porto de Mello
2007; Suda et al. 2008, 2011; Masseron et al. 2010;
Pereira et al. 2012; Miszalski et al. 2013). These
observations are consistent with theoretical mod-
els covering a broad range in metallicity and
mass (e.g., Hollowell & Iben 1988; Gallino et al.
1998; Goriely & Mowlavi 2000; Busso et al. 2001;
Lugaro et al. 2003; Karakas et al. 2007, 2009;
Cristallo et al. 2009, 2011; Karakas & Lugaro 2010;
Bisterzo et al. 2010, 2011, 2012; Lugaro et al. 2012;
Pignatari et al. 2013).
Efficient activation of the 13C(α, n)16O reaction re-

quires some 13C to be present in the intershell. CNO
cycling during the previous interpulse phase leaves a
small amount of 13C but not enough to account for the
s-process enrichments of AGB stars (e.g., Gallino et al.
1998; Karakas et al. 2007). For the 13C neutron source
to produce enough neutrons to feed the s-process there

has to be an additional source of 13C. This requires the
operation of both proton and α-capture reactions in the
He intershell, a region normally devoid of protons.
If some protons are mixed from the convective enve-

lope into the top layers of the He intershell then these
protons will react with the abundant 12C to produce
13C via the CN cycle reactions: 12C(p,γ)13N(β+ν)13C
(Iben & Renzini 1982b). This results in a thin layer
rich in 13C and 14N known as the “13C pocket”
(Iben & Renzini 1982a). Straniero et al. (1995) discov-
ered that the 13C nuclei then burns via (α,n) reactions
in radiative conditions before the onset of the next ther-
mal pulse. The neutrons are released in the 13C pocket,
and the s-process occurs between thermal pulses in the
same layers where the 13C was produced. When the
next convective thermal pulse occurs, it ingests this s-
element rich layer, mixing it over the intershell.
It does appear that there is a dichotomy in models

of the s-process in AGB stars. This arises because low-
mass models do not reach temperatures high enough to
activate the 22Ne source and as a consequence the 13C
neutron source is dominant. At a metallicity of Z = 0.02
the mass at which the importance of the two neutron
sources switch is ≃ 4M⊙ (Goriely & Siess 2004). This
dichotomy has important implications for the yields of
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s-process elements produced by AGB stars of different
mass ranges.
The 13C and the 22Ne neutron sources produce s-

process abundance distributions that are very differ-
ent from each other. There are two main reasons for
this. The first is that the 13C source operates over long
timescales (≈ 103 years), which means that the time
integrated neutron fluxes are high even if the peak neu-
tron densities are lower (. 107 neutrons/cm3) than for
the 22Ne source (Busso et al. 2001). This means the s-
process can reach isotopes beyond the first s-peak at
Sr-Y-Zr to Ba and Pb (Gallino et al. 1998). It is for this
reason that the 13C source is responsible for the produc-
tion of the bulk of the s-process elements in low-mass
AGB stars reaching, as mentioned above, up to Pb at
low metallicities (Gallino et al. 1998). In contrast, the
22Ne source operates on timescales of ≈ 10 years and
even though the peak neutron densities are high (up to
1015 neutrons/cm3) the time integrated neutron fluxes
are low and the s-process will not, in general, reach be-
yond the first s-process peak.
The second reason for the difference in the predicted

distribution is that branching points on the s-process
path are activated by the 22Ne source (Abia et al. 2001;
van Raai et al. 2012; Karakas et al. 2012). For exam-
ple, the amount of Rb produced during the s-process
depends on the probability of the two unstable nuclei
85Kr and 86Rb capturing a neutron before decaying.
These two isotopes therefore act as “branching points”
and the probability of this occurring depends on the lo-
cal neutron density (Beer & Macklin 1989). When the
22Ne source is active, branching points at 85Kr and 86Rb
are open and 87Rb is produced. In particular, more Rb
is produced relative to Sr (or Y or Zr). In constrast,
during the operation of the 13C neutron source these
branching points are not efficiently activated and the
ratio of Rb to Sr (or Y or Zr) remains less than unity.

3.7.2 The formation of 13C pockets

For the 13C(α, n)16O reaction to occur efficiently, some
partial mixing is required at the border between the
H-rich envelope and the C-rich intershell. This mixing
pushes protons into a C-rich region suitable for the pro-
duction of 13C. It is important that there are not too
many protons mixed into this region because then the
CN cycle goes to completion, producing 14N rather than
13C. Now 14N is a neutron poison, which means that it is
an efficient neutron absorber and will change the result-
ing abundance distribution. In the region of the pocket
where 14N is more abundant than 13C, no s-process nu-
cleosynthesis occurs because of the dominance of the
14N(n,p)14C reaction over neutron captures by Fe-seed
nuclei and their progeny.
In the intermediate-mass AGB stars that experience

HBB, the formation of a 13C pocket may be inhib-
ited by proton captures occurring at the hot base of

the convective envelope during the TDU, which pro-
duces 14N and not 13C (Goriely & Siess 2004). Ex-
tremely deep TDU may also inhibit the activation of
the 13C(α,n)16O reaction by penetrating into regions of
the stellar core with a low abundance of He (Herwig
2004a). Furthermore, a lack of Tc in the spectra of
intermediate-mass AGB stars that are rich in Rb is ob-
servational evidence that 13C pocket formation is inhib-
ited (Garćıa-Hernández et al. 2013).
The details of how the 13C pocket forms and its

shape and extent in mass in the He intershell are still
unknown. These are serious uncertainties and mostly
arise from our inability to accurately model convection
in stars (Busso et al. 1999). Various mechanisms have
been proposed including partial mixing from convective
overshoot (Herwig 2000; Cristallo et al. 2009, 2011), ro-
tation (Herwig et al. 2003; Piersanti et al. 2013), and
gravity waves (Denissenkov & Tout 2003).
Progress will come from continued 3-D hydrodynam-

ical simulations of the interface between the envelope
and the intershell of AGB stars. The first simulations
by Herwig et al. (2006) have provided some insight into
the nature of convection during thermal pulses but are
still too crude in space and time resolution, and cover
such a small amount of star time that we are still very
limited in any insights into the nature of 13C pocket
formation in low-mass AGB stars.
Models that include artificial 13C pockets produce

s-process abundance distributions that fit the obser-
vational data reasonably well. Free parameters allow
us to adjust the features of the mixing zone (e.g., the
shape of the 13C profile and its extent in mass) in order
to match the observations (Goriely & Mowlavi 2000;
Cristallo et al. 2009; Bisterzo et al. 2010; Kamath et al.
2012; Lugaro et al. 2012). Some of the best observa-
tional constraints come from post-AGB stars, where the
higher photospheric temperatures allow for more accu-
rate abundance determinations. Observations suggest
that stochastic variations in the size of the 13C pocket
in AGB stars are present. Bonačić Marinović et al.
(2007a) find that Galactic disk objects are reproduced
by a spread of a factor of two or three in the effectiveness
of the 13C pocket, lower than that found by Busso et al.
(2001), who needed a spread of a factor of about 20.
Comparisons to lower metallicity post-AGB stars in-
fer spreads of a factor of 3–6 (Bonačić Marinović et al.
2007b; De Smedt et al. 2012), while comparison to even
lower metallicity CEMP stars require spreads of up to a
factor of 10 or more (Bisterzo et al. 2012; Lugaro et al.
2012).
In summary, there is observational evidence that a

spread in effectiveness of the 13C pocket is needed in
theoretical models, but there is no consensus on how
large that spread actually is. This problem indicates a
significant lack of understanding of the mechanism(s)
responsible for the formation of 13C pockets in AGB

PASA (2014)
doi:10.1017/pas.2014.xxx



AGB nucleosynthesis and yields 41

-0.5

 0

 0.5

 1

 1.5

 2

 2.5

 3

 3.5

 30  40  50  60  70  80

[X
/F

e]

Atomic Number

2.5Msun, [Fe/H] = 0
2.5Msun, [Fe/H] = -2.3

Figure 30. Average abundance in the stellar wind (in [X/Fe])
for elements heavier than iron for AGB models of 2.5M⊙ at
two different metallicities: Z = 0.0001 using data published in
Lugaro et al. (2012), and new predictions for the Z = 0.02 model.
In both models the same size partially mixed zone is inserted into
the post-processing nucleosynthesis calculations to produce a 13C

pocket (see text for details). The average abundance is calculated
from the integrated yield of mass expelled into the interstellar
medium over the model star’s lifetime.

stars. In §4.5 we discuss other uncertainties related to
the modelling of the s-process in AGB stars such as
stellar rotation.

3.7.3 The s-process in low-mass AGB stars

We first define the s-process indices light “ls”
and heavy “hs”. We choose the three main ele-
ments belonging to the first s-process peak Sr, Y,
and Zr to define [ls/Fe]=([Sr/Fe]+[Y/Fe]+[Zr/Fe])/3,
and three main elements belonging to the sec-
ond s-process peak Ba, La, and Ce to define
[hs/Fe]=([Ba/Fe]+[La/Fe]+[Ce/Fe])/3. These are cho-
sen because data for these elements are often avail-
able in observational compilations e.g., CEMP stars (see
the SAGA database and other compilations, Suda et al.
2008, 2011; Frebel 2010; Masseron et al. 2010).
The “intrinsic” ratios [hs/ls] and [Pb/hs] reflect ra-

tios of elements only produced by AGB stars, differing
from e.g., [C/Fe] and [Ba/Fe], because Fe is not pro-
duced during AGB nucleosynthesis. These intrinsic ra-
tios move away from their initial solar values towards
their s-process values after a small number of thermal
pulses in low-mass AGB models (in intermediate-mass
models this is not necessarily the case owing to the large
dilution of the envelope). The intrinsic ratios are, in
a first approximation, independent of stellar modelling
uncertainties that affect comparison to the observations
including TDU, mass loss, stellar lifetime, and accretion
and mixing processes on a binary companion. Instead,

they mostly constrain the nucleosynthesis occurring in
the deep layers of the star.
We have seen that some partial mixing is as-

sumed to produce a 13C pocket that provides the
neutrons for low-mass stars. Some authors add a
partially mixed region by parameterising an over-
shoot zone where the mixing velocity falls to zero
(Herwig 2000; Cristallo et al. 2009, 2011). The models
by Bisterzo et al. (2010) instead artificially introduce a
13C pocket into a post-processing code. The details of
the pocket are free parameters and kept constant from
pulse by pulse. Starting from a “standard case” first
adopted by Gallino et al. (1998) in order to match the
s-process main component, Bisterzo et al. (2010) multi-
ply or divide the 13C and 14N abundances in the pocket
by different factors.
In our calculations the inclusion of the 13C pocket was

made artificially during the post-processing by forcing
the code to mix a small amount of protons from the
envelope into the intershell (e.g., Karakas et al. 2007;
Lugaro et al. 2012). We assume that the proton abun-
dance in the intershell decreases monotonically from the
envelope value of ≃ 0.7 to a minimum value of 10−4 at
a given point in mass located at “Mmix” below the base
of the envelope. This method is described in detail in
Lugaro et al. (2012) and is very similar to that used
by Goriely & Mowlavi (2000). The protons are subse-
quently captured by 12C to form a 13C-rich layer dur-
ing the next interpulse, where the 13C pocket is much
less than Mmix and is typically about 1/10th the mass
of the intershell region. In the calculations shown in
Figures 30 and 31 we set Mmix = 2× 10−3M⊙ and this
value is held constant for each TDU episode. For fur-
ther details on our method for introducing 13C pock-
ets we refer to Lugaro et al. (2004), Karakas (2010),
Karakas et al. (2007), and Kamath et al. (2012).
In Figure 30 we show s-process predictions from mod-

els of 2.5M⊙ at two different metallicities: [Fe/H] =
−2.3 and [Fe/H] = 0.0. In both models we manually
add a 13C pocket into the top layers of the He intershell
at the deepest extent of each TDU episode, as discussed
above. The operation of the 13C(α,n)16O reaction pro-
duces [hs/ls] ≥ 0 for low-mass AGB models, regardless
of metallicity and the size of the 13C pocket. For ex-
ample, for the 2.5M⊙ models shown in Figure 30 the
average [hs/ls] in the ejected wind is 0.20 and 0.58, for
the Z = 0.02 and Z = 0.0001 models, respectively. Fig-
ure 30 illustrates that the initial metallicity has a strong
impact on s-process abundance predictions, with signif-
icantly more Pb produced at lower metallicity.
The metallicity dependence arises because (most of)

the 13C nuclei needed for the 13C(α,n)16O are produced
from the H and He initially present in the model star,
which is fused into 12C and then to 13C. That is to say
that it is a primary neutron source, and is essentially
independent of the metallicity of the star, or in other
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Figure 31. Average abundance predicted in the ejected wind (in
[X/Fe]) for elements heavier than iron for AGB models of 2M⊙

and 6M⊙ at a metallicity of Z = 0.0001 ([Fe/H] = −2.3) using
data published in Lugaro et al. (2012). No 13C pocket is included
in the 6M⊙ model, while we set Mmix = 2× 10−3M⊙ in the 2M⊙

case (see §3.7.3 for details).

words, largely independent of [Fe/H]. These neutrons
are captured on the heavy-element seeds, whose num-
ber is roughly proportional to [Fe/H], which is again
roughly proportional to the metallicity Z.
This means that the number of time-integrated neu-

tron captures from the 13C source is proportional
to 13C/Z (Clayton 1988). Thus there are more neu-
tron captures, producing heavier elements, for stars of
lower [Fe/H] (Busso et al. 2001). This property allowed
Gallino et al. (1998) to predict the existence of low-
metallicity Pb-rich stars, which was confirmed by ob-
servations of Pb-rich CEMP stars (Van Eck et al. 2001,
2003). Note that for our 2.5M⊙ examples, the [Pb/hs]
ratio in the ejected stellar wind is−0.36 for the Z = 0.02
model and increases to 0.76 for the Z = 0.0001 model.
Here we have focused on predictions for AGB models
with [Fe/H] & −2.5; lower metallicity AGB models will
be discussed in §3.8.

3.7.4 The s-process in intermediate-mass AGB
stars

Wood et al. (1983) noted that the brightest, O-rich
AGB stars in the Magellanic Clouds exhibit strong
molecular bands of ZrO, indicating that the at-
mospheres of these stars are enriched in the s-
process element Zr. Garćıa-Hernández et al. (2006) and
Garćıa-Hernández et al. (2009) identified several bright,
O-rich Galactic and Magellanic Cloud AGB stars with
significant enrichments of the neutron-capture element
Rb. These observations support the prediction that

efficient TDU and HBB has occurred in these stars
(Garćıa-Hernández et al. 2007).
An enrichment in the element Rb over the

elements Sr, Y, and Zr is an important clue
that points toward the efficient operation of the
22Ne(α,n)25Mg neutron source in intermediate-mass
AGB stars (Truran & Iben 1977; Cosner et al. 1980;
Lambert et al. 1995; Abia et al. 2001; van Raai et al.
2012). Under conditions of high neutron densities two
branching points open that allow Rb to be synthe-
sised (van Raai et al. 2012). At Nn = 5× 108 n/cm3,
≈ 86% of the neutron flux goes through 85Kr allow-
ing for 85Kr(n, γ)86Kr(n, γ)87Kr that decays to 87Rb.
Note that 87Rb has a magic number of neutrons and
the probability to capture neutrons is extremely low.
Also, high neutron densities allow neutrons to bypass
the branching point at 85Kr and 86Rb, allowing for the
chain 86Rb(n, γ)87Rb. For this reason, the elemental
ratios of Rb/Sr and Rb/Zr are indicators of the neu-
tron densities, and have been used as evidence that the
13C(α, n)16O reaction is the major neutron source in
low-mass AGB stars (Lambert et al. 1995; Abia et al.
2001).
In Figure 31 we show the predicted s-process abun-

dance pattern from a 6M⊙, Z = 0.0001 AGB model
alongside predictions from a low-mass 2M⊙, Z = 0.0001
AGB model. The predictions for the 6M⊙ model are
typical of intermediate-mass AGB stars and the oper-
ation of the 22Ne neutron source in that elements at
the first peak around Rb dominate over elements at the
second peak, around Ba. This is in contrast to the s-
process abundance pattern from the 2M⊙ model, which
is typical of the 13C neutron source operating in a low-
mass, low-metallicity AGB model in that it produces
significant amounts of Sr, Ba, and Pb, where the aver-
age ejected [Pb/Fe] ≈ 3.2 (see also Figure 30).
The 6M⊙ model produces considerable Rb, where the

average [Rb/Fe] = 1.60 in the ejected wind, higher than
the neighbouring [Sr/Fe] = 1.4, which gives [Sr/Rb]
< 0. The s-process indicators, [hs/ls] and [Pb/hs] are
negative (−0.38 and −0.50, respectively for the 6M⊙,
Z = 0.0001 model), indicating that elements at the first
s-process peak around Rb-Sr-Y-Zr are predominantly
produced. Figure 31 highlights why it is important to
have s-process yields covering a large range in mass, not
just metallicity as shown in Figure 30.
There are few model predictions of s-process nucle-

osynthesis from intermediate-mass AGB stars, in con-
trast to the situation for lower mass AGB stars. This
is partly because the models experience many thermal
pulses and computations involving hundreds of isotopes
are particularly time-consuming. It is also because there
are few observational constraints that there is much
debate as to the occurrence (or not) of the TDU in
intermediate-mass AGB stars.
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The s-process predictions published for intermediate-
mass stars include the following works: Goriely & Siess
(2004), who studied the interplay between hot TDU
episodes and the s-process as a function of mass;
Karakas et al. (2009), who provided predictions up to
the first s-process peak for comparison to Type I PNe;
Lugaro et al. (2012) who provided predictions for a
mass grid (M = 1 to 6M⊙) at Z = 0.0001 (or [Fe/H] ≈
−2.3); Karakas et al. (2012) who extended the study to
Z = 0.02 for comparison to the Galactic OH/IR sample;
D’Orazi et al. (2013) who presented new predictions for
comparison to globular cluster stars; Pignatari et al.
(2013) who provided NuGrid s-process predictions from
a 5M⊙ model at two metallicities (Z = 0.02, 0.01); and
Straniero et al. (2014) who provide predictions for 4,
5, and 6M⊙ models at one metallicity (Z = 0.0003 and
[α/Fe] = +0.5). The models by Pignatari et al. (2013)
are calculated with the MESA stellar evolution code4

and include convective overshoot into the C-O core
and consequently have higher peak temperatures than
canonical models without such overshoot.

3.8 Proton ingestion episodes: PIEs

Stellar evolution at low metallicity presents a new phe-
nomenon, which we have briefly discussed in §2.6.3. We
saw that during the core flash in very low metallicity
models ([Fe/H] . −3) we can find contact between the
flash-driven convective region, which is rich in He, and
the H-rich envelope. There are two reasons why this
happens preferentially in lower metallicity stars: firstly,
the core flash is ignited far off centre, and relatively
close to the H-rich envelope. Secondly, there is normally
a substantial entropy gradient that acts to keep these
two regions separated. But at lower metallicity this gra-
dient is greatly reduced, enabling the two convective re-
gions to make contact. This results in H-rich material
being mixed down to temperatures where He is burn-
ing almost explosively, at T & 100MK. There are many
names for these events in the literature, some quite con-
voluted. We follow Campbell & Lattanzio (2008) and
refer generically to these events as “proton ingestion
episodes” or PIEs. We shall define two different kinds
below. We note in passing that 3D simulations show
that turbulent entrainment of material could produce
similar PIEs at higher metallicities (Mocák et al. 2008,
2009) although this is not found in simple 1D models.
It was realised some time ago that PIEs may

arise in the evolution of low mass and low metallic-
ity stars (D’Antona & Mazzitelli 1982; Fujimoto et al.
1990; Hollowell et al. 1990; Cassisi et al. 1996). Later
work studied how such events depended on the nu-
merical details (Schlattl et al. 2001) and the possi-

4MESA stands for “Modules for Experiments in Stellar Astro-
physics”: http://mesa.sourceforge.net/.

bility of explaining some of the abundances seen
in CEMP stars (Hollowell et al. 1990; Fujimoto et al.
2000; Chieffi et al. 2001; Schlattl et al. 2001, 2002;
Picardi et al. 2004; Weiss et al. 2004; Suda et al. 2004;
Lau et al. 2009) including possible s-process nucleosyn-
thesis (Goriely & Siess 2001).
A PIE is defined as any event that mixes protons

into a very hot region, typically at temperatures where
He burns, or is already burning. These naturally oc-
cur during a He flash which drives strong convection.
They could be He-core flashes or even He-shell flashes
on the AGB. When the H is exposed to very high tem-
peratures it produces a secondary “H-flash” and a PIE
results in a “dual-flash” event: a He-flash rapidly fol-
lowed by the initiation of a H-flash. Although both are
defined as PIEs, Campbell & Lattanzio (2008) distin-
guish between them according to whether the initiating
He flash is a result of a core flash or an AGB shell flash:
hence we have dual core flashes (DCFs) and dual shell
flashes (DSFs).
Note that PIEs are also seen in the “late hot

flasher” scenario (Sweigart 1997; Brown et al. 2001;
Cassisi et al. 2003) and the “born-again” or “(very)
late thermal pulse” scenario for explaining objects like
Sakurai’s Object (Iben et al. 1983; Asplund et al. 1997;
Herwig et al. 1999). We do not discuss these phenomena
here, but we remind the reader that the essential physics
is the same, involving dredge-up of CNO-processed ma-
terial to the surface and even neutron captures, as
we discuss below. For a comparison of nucleosynthe-
sis predictions in very late thermal pulses and data
from pre-solar grain analysis see Fujiya et al. (2013) and
Jadhav et al. (2013).
The largest uncertainty with calculating the evolution

during a PIE is how to handle the convective mixing.
This must be done in a time-dependent way because
the convective turnover timescale is close to the burning
timescale for H at the high temperatures found during
a PIE. Usually convective mixing is approximated by
solving a diffusion equation, and usually in 1D. Within
this approximation the diffusion coefficient D is naively
given by 1

3vl where v is the velocity of the blob and l
is its mean-free-path. These values are normally taken
from the Mixing-Length Theory. The results are to be
taken with all of the caveats that come with a literal in-
terpretation of this phenomenological theory. Note that
one of the assumptions of the Mixing-Kength Theory
is that nuclear burning is negligible in the blob of gas,
and this is clearly untrue in the present case.
Within the 1D diffusive mixing approximation the

protons are mixed down to a region where they burn
fiercely and generate essentially as much energy as the
He-burning reactions, which initiated the convection in
the first place. This leads to a split in the convective
zone: two separate convective burning shells develop,
the inner one burning He and the outer burning H, with
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the two separated by an initially narrow radiative re-
gion. Clearly the details of this process will depend on
how one calculates the burning and mixing, and that is
essentially a 3D process as we expect burning plumes to
develop, rather than strict spherical symmetry. Fortu-
nately, multi-dimensional hydrodynamical simulations
have progressed to the stage where exploratory calcu-
lations are possible (to see simulations of normal shell
flash convection see Herwig et al. 2006). We will discuss
this further below in §3.8.4.

3.8.1 Overview of 1D PIEs

Most calculations of PIEs have been done within the
paradigm of 1D models using the diffusion approxi-
mation for mixing (for some recent calculations please
see Campbell & Lattanzio 2008; Cristallo et al. 2009;
Lau et al. 2009; Campbell et al. 2010; Suda & Fujimoto
2010). Following the PIE, dredge-up mixes the prod-
ucts of H and He burning to the stellar surface, and the
surface layers of the models are dramatically enriched
in 12C and 14N. One of the motivations for the study
of such events initially was that they share some of
the characteristics of CEMP stars (see references given
above). Although there has been a reasonable number of
calculations of such events, most authors have stopped
their calculations after the PIE rather than go to the
end of the star’s evolution. It is only if that is done that
we can determine the yields for such stars (see §3.8.3).
Until we have reliable calculations of PIEs, it will be
hard to provide improved yields for stars undergoing
PIEs.
Campbell & Lattanzio (2008) calculated the com-

plete evolution for low and zero metallicity stars of low
mass, through to the end of the AGB phase, so that they
included the PIEs, third dredge-up, and HBB. They
were able to delimit regions in mass and metallicity
space where specific nucleosynthesis events dominate.
For example, the DCF dominate the nucleosynthesis
for M . 1.5M⊙ and [Fe/H] . −5. For higher metal-
licities, in the same mass range, the DSF dominates.
Increasing the mass allows for the TDU and HBB to be-
come active, and dominate the production of elements.
For [Fe/H] & −4 (with a slight mass dependence) the
DSF does not occur and normal AGB evolution results.
The various regions are shown in Figure 32 taken from
Campbell & Lattanzio (2008). Note that uncertainties
in the location of convective borders, in particular, have
a substantial effect on the borders of the various regimes
shown in the figure. Nevertheless, the agreement with a
similar plot in Fujimoto et al. (2000) is very good.

3.8.2 1D PIEs and the i-process

With protons and 12C in abundance one may ex-
pect neutrons to be present, provided by the 13C
neutron source. This indeed is the case, with calcu-
lations showing a “neutron super-burst” when con-

Figure 32. Models calculated by Campbell & Lattanzio (2008)
in the [Fe/H]-mass plane. Red crosses represent models where the
DCF dominates the nucleosynthesis. Filled blue triangles show
where DSFs dominate. Open blue circles indicate models that
experience DSFs, although they are not the dominant event for
those models. Green filled circles are used where TDU and HBB
on the AGB dominate the nucleosynthesis occurring. The models
for Z = 0 are plotted at the position of [Fe/H] = −8.

vection engulfs the long H tail left behind by the
H shell (Fujimoto et al. 2000; Iwamoto et al. 2004;
Campbell et al. 2010). This tail is longer than normal
because of the very low metallicity in these stars, which
means that the pp chains (showing a relatively low tem-
perature dependence) play a significant role in the H
burning, and the shell is more extended than is the
case when there are enough catalysts for efficient CNO
cycling (which has a much higher temperature depen-
dence). During the peak of the burst we find neutron
densities as high as 1015 neutrons cm−3 (Cristallo et al.
2009; Campbell et al. 2010; Herwig et al. 2011).
Similar, but not identical, results were found by

Cruz et al. (2013) and Bertolli et al. (2013). The neu-
tron densities are higher than expected for the s-
process, but well short of what is needed for the
r-process. These neutron exposure events have been
called the i-process, for “intermediate” neutron cap-
ture. These stars are of great interest to those trying
to understand the CEMP-r/s stars, which show evi-
dence of neutron capture nucleosynthesis that lies be-
tween the s- and r-process extremes (Lugaro et al. 2009,
2012; Bisterzo et al. 2012; Bertolli et al. 2013). The pat-
terns predicted by the models do a reasonably good
job of matching the observations, assuming that the ob-
served CEMP-r/s stars result from mass transfer in a
binary (with appropriate dilution). The fit is not per-
fect, however, with too much Ba (Campbell et al. 2010)
and N (Cruz et al. 2013) produced to match HE1327-
2326. Clearly the field is ripe for further study, but see
caveats concerning 1D models below. For a study of the
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(not insignificant) impact of nuclear uncertainties, see
Bertolli et al. (2013).

3.8.3 Yields from 1D PIEs

To the best of our knowledge, the only yields avail-
able at present for the complete evolution of low-mass
stars, including PIEs and later AGB phases, are those
given by Campbell & Lattanzio (2008) and Iwamoto
(2009). One reason for the dearth of such calculations
is the legitimate question over the validity of the 1D
and Mixing-LengthTheory (MLT) approximations used
in most calculations. Further there is the question of
mass-loss rates for low metallicity stars, although this
is mitigated somewhat by the fact that dredge-up events
produce substantial contamination of the envelope dur-
ing the star’s evolution. We are only now beginning to
develop hydrodynamical models that may be used for
guidance in such cases.

3.8.4 Multi-dimensional PIE calculations

Since PIEs clearly challenge the assumptions used in
most 1D stellar models, they have been the subject of
various multi-dimensional hydrodynamical calculations.
Extra motivation for this is the work of Herwig (2001)
who showed that he could match the observed evolu-
tionary timescale of Sakurai’s Object if the convective
timescale during the PIE was about 30 to 100 times
slower than predicted from the MLT.
The simulations performed with the Djehuty code

by Stancliffe et al. (2011) found significant inhomo-
geneities in the mixing process (see also Herwig et al.
2011), with plumes of H mixed all the way down to
the CO core where they burned rapidly. These calcu-
lations showed no sign of the split into two convective
zones that is a universal feature of 1D MLT calcula-
tions. Similarly, Mocák et al. (2010) found that a cal-
culation that started with a split convective zone soon
showed merging into one zone. The final word is yet
to be spoken, but a significant step forward was made
by Herwig et al. (2013). They found an initial period
showing one deep convective region, but that this soon
developed an entropy step that seems to divide two mix-
ing zones within a single convective zone. The mixing
between the zones seems to be inefficient but not neg-
ligible. Indeed, they may later separate, but we cannot
be sure because the 3D simulations covered only a rela-
tively short simulation time of∼ 10 hours. It is notewor-
thy that Herwig et al. (2011) found that such a history
of mixed regions was able to match the nucleosynthesis
of Sakurai’s object and that these new results are also
in agreement with the convection constraints imposed
by the evolutionary timescale of Sakurai’s object.
It is a common result from these hydrodynamical

models that the radial velocities of the material are
significantly higher than found in the MLT, by fac-
tors of 20–30. Whereas MLT predicts velocities of a

few km s−1 the simulations show spherically averaged
values of 10-20 km s−1 with individual plumes reaching
even higher velocities at times (Stancliffe et al. 2011;
Herwig et al. 2011). This seems to contradict the 1D
models of Herwig (2001) who could only match the ob-
served evolutionary timescale of Sakurai’s object by de-
creasing the MLT mixing efficiency by factors of 30-100.
But this need not be the case. Reducing the convec-
tive efficiency places the H-burning closer to the sur-
face, where the response time to thermal perturbations
is shorter. This was found to occur in the simulations
of Herwig et al. (2013), who found the position of the
split in the convective zone matched the location found
by the 1D code using the reduced convective efficiency.
Further, Herwig et al. (2011) showed that if there was
a single mixed zone for the first ∼ 900min of the simu-
lation, before the split into two zones occurs, then the
simulation was able to match the observed abundances
also.
In summary, it appears the PIEs are crucial events in

the nucleosynthesis of low mass, low metallicity stars.
They may be involved in explaining some of the obser-
vations of CEMP stars. However, we should have some
serious concerns about the reliability of the 1D models
during this phase. Although the deviations in tempera-
ture from spherical symmetry are small (Stancliffe et al.
2011) there are substantial inhomogeneities in the com-
position in the mixed regions. The details of the PIE
and how (and if) the resulting convective zone splits
into two require much further work. Significant work
has been done but we are only at the beginning, and are
still restricted by numerical resolution. Indeed, to the
best of our knowledge there is only one calculation that
has shown convergence of results with increasing resolu-
tion (Woodward et al. 2013), which is crucial for these
studies. Most calculations are almost certainly limited
by resolution in a way that has not been quantified. The
fact that these numerical simulations can only cover a
few hours of star time is another concern: we need to
be confident that the behaviour seen is representative of
the behaviour of the star over longer timescales. Much
work remains to be done, but at least it has started.

3.9 Beyond the AGB: Super-AGB stars

Stars in a relatively narrow mass range will ignite C
off-centre under degenerate conditions. These stars will
experience thermal pulses on the “super-AGB”. The up-
per mass limit for this range is set by those stars that
go on to burn Ne and heavier species, ending with an
iron core and dying as a core-collapse supernova (these
are the traditional “massive” stars. In the nomenclature
introduced in this paper the super-AGB stars are the
middle intermediate and massive intermediate stars, as
shown in Figure 1.
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These stars are particularly difficult to calculate
for many reasons, including high sensitivity to spatial
and temporal resolution, a large number of thermal
pulses (hundreds to thousands), and dramatically
different final fates (electron-capture supernova or
white dwarf) depending on the uncertain mass loss
and its importance compared to core growth. The
first studies of the evolution of super-AGB stars were
by Garcia-Berro & Iben (1994), Ritossa et al. (1996),
Garcia-Berro et al. (1997), Iben et al. (1997), and
Ritossa et al. (1999). These early calculations ignored
mass loss and looked only at solar compositions, as
is entirely appropriate for the first explorations. In
the last decade researchers have extended the inves-
tigations to cover a wide range of metallicities, now
that computers have enabled us to face the difficult
computational task these stars present. There has
been an increasing number of studies of super-AGB
stars in recent years (Gil-Pons & Garćıa-Berro 2002;
Gil-Pons et al. 2005, 2007; Siess 2007; Poelarends et al.
2008; Ventura & D’Antona 2009, 2010; Doherty et al.
2010; Ventura & D’Antona 2011; Ventura et al. 2011;
Karakas et al. 2012; Herwig et al. 2012; Doherty et al.
2014a; Gil-Pons et al. 2013; Ventura et al. 2013;
Jones et al. 2013; Doherty et al. 2014b).

3.9.1 Super-AGB Evolution

These calculations all agree qualitatively on the evolu-
tion of super-AGB stars, although there are substantial
and important quantitative differences. The stars ig-
nite C off-centre when the temperature reaches 600-650
MK, and develop a convective shell reaching outward
from the ignition point. After this C burning dies down
and contraction resumes, secondary convective zones
develop and the C burning eventually reaches the centre
where it ceases before consuming all of the C, leaving
a mass fraction of C of around 1%. Carbon burning
continues just outside the inner core generating more
convective flashes when regions of high C content are
traversed. At the completion of C burning we are left
with an O-Ne core surrounded by an inactive C-O shell,
as well as He- and H-burning shells and the large con-
vective envelope.
Quantitative details are harder to agree upon. This is

mostly due to uncertainties in how to treat convection
and semiconvection, as much during the core He burn-
ing phase as during C burning. It is the size of the C-O
core at the end of He burning that is the prime deter-
minant of super-AGB evolution during C burning. For
a comparison between different codes and the resulting
differences in evolution, and critical mass boundaries
(see Figure 1) we refer to Poelarends et al. (2008) and
Doherty et al. (2010).
During, or soon after, core C burning (which need

not go to completion) the star will experience sec-
ond dredge-up. This relatively simple event is much

more complicated in the case of super-AGB stars.
Sometimes, usually in the more massive models, we
find “corrosive” SDU, where the convection extends
inward of the He-burning shell with the result that
it dredges C (and sometimes O) to the surface
(Doherty et al. 2014a; Gil-Pons et al. 2013). Similarly
we can find “dredge-out” episodes, first encountered
by Ritossa et al. (1996), where H diffuses into a He-
burning convective zone. This mixes the H to extreme
temperatures, resulting in a H flash. Thus these dredge-
out events are another form of proton-ingestion episode
(Campbell & Lattanzio 2008). As expected, the details
of these events, and even their occurrence or not, de-
pend on the previous evolution, especially the mass of
the core, and how the borders of convection are treated.
Once the super-AGB stars settle on the TP-AGB

their evolution is similar to other intermediate-mass
AGB stars, showing recurring thermal pulses and HBB,
with the usual associated nucleosynthesis. The differ-
ences here are that the thermal pulses are not very
strong, reaching typically LHe ≃ 106L⊙ for models
without much dredge-up (e.g., Siess 2007, 2010), com-
pared with values more like 108L⊙ where there is deep
dredge-up in lower mass C-O core AGB stars. These
pulses have short duration, and the flash-driven convec-
tive pocket is only in existence for about 6-12 months.
The pulses repeat every 100 years or so with the re-
sult that the expected number of pulses can be hun-
dreds to thousands, depending on the uncertain mass-
loss rate. For this reason most of the calculations to date
do not cover the full evolution, but only a few pulses at
the start of the TP-AGB. Detailed models of the full
super-AGB evolution include Pumo et al. (2008), Siess
(2010), Karakas et al. (2012), Gil-Pons et al. (2013),
Ventura et al. (2013), and Doherty et al. (2014a,b).
Note that all authors find convergence difficulties

near the end of the evolution of intermediate-mass AGB
stars. Lau et al. (2012) attribute this to the opacity
bump produced by Fe, which has also been noted in
models of Wolf-Rayet stars by Petrovic et al. (2006)
(but not, apparently, by Dray et al. 2003). The con-
vergence problem is believed due to the disappear-
ance of a hydrostatic solution for large core masses,
when a region of super-Eddington luminosity devel-
ops (Wood & Faulkner 1986). Exactly how the star re-
sponds to this is uncertain. Lau et al. (2012) show that
there is not enough energy available to eject the en-
velope so after some dynamical motion the envelope
may again settle on the star and further evolution
may occur. For this reason Doherty et al. (2014a) and
Gil-Pons et al. (2013) provide yields for two cases: a)
assuming the envelope is ejected with the composition
it had when the instability developed, and b) assuming
that pulses similar to the last few continue until the en-
velope is removed by the stellar wind. Reality is likely
to lie somewhere between these two extremes.
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3.9.2 Third Dredge-Up

One area that requires further study is the occurrence,
or not, of third dredge-up in super-AGB stars. Siess
(2010) and Ventura & D’Antona (2011) find no dredge-
up in their detailed models, whereas Karakas et al.
(2012), Doherty et al. (2014a) and Gil-Pons et al.
(2013) do find reasonably efficient TDU. This is again
a sensitive function of mixing details and how the nu-
merical calculations are performed (Frost & Lattanzio
1996b). In any event, even if TDU is very efficient, as
measured by the dredge-up parameter λ, it is unlikely
to be very important for most species, because of the
masses involved.
In a typical low to intermediate-mass AGB star the

intershell region contains a mass within a factor of two
of mis ≈ 0.01M⊙ and the increase in core mass be-
tween thermal pulses is similar with ∆Mc ≈ 0.01M⊙.
Compare these with typical values found for super-
AGB stars, which are at least two orders of magnitude
smaller: mis ≈ 10−4M⊙ and ∆Mc ≈ 10−4 − 10−5M⊙.
Hence dredging up such a small amount, albeit over
many pulses, has only a small effect on surface abun-
dances. The total amount dredged to the surface is usu-
ally less than ≈ 0.1M⊙ (Doherty et al. 2014a). This has
a negligible effect, especially when one considers that
this material is diluted in a much larger envelope than
is the case for lower mass AGB stars.

3.9.3 Super-AGB Nucleosynthesis

The nucleosynthesis in super-AGB stars is again qual-
itatively similar to that in their lower mass AGB star
siblings. Here the intershell is very hot, where temper-
atures can reach well above 400MK, depending on the
initial mass and metallicity. This results is substantial
s-processing with α-captures on 22Ne providing the neu-
tron source. If the TDU proceeds as in the models of
Doherty et al. (2014a) then we expect this material to
be mixed to the surface. The sizes of the regions in-
volved, however, are small and from a chemical evo-
lution viewpoint any species that is primarily produced
by dredge-up is unlikely to be substantially produced by
super-AGB stars. (Note that this is not true at very low
metallicity, where the small amount of heavy elements
added to the surface can be a significant perturbation
on the original content.)
The other main nucleosynthesis pathway for AGB

and super-AGB stars is HBB. Indeed, for super-AGB
stars the temperature at the bottom of the convective
envelope can exceed 100MK which is high enough for
substantial and extensive H burning. We expect CNO
cycling, in near equilibrium conditions, as well as the
more exotic Ne-Na and Mg-Al chains to be very active.
Detailed calculations by Siess (2010) conclude that

these stars may produce significant amounts of 13C,
14N, 17O, 22Ne, 23Na, 25,26Mg, 26Al, and 60Fe. These

results were confirmed by Doherty et al. (2014a,b), and
Gil-Pons et al. (2013), who present yields for super-
AGB stars (see also Ventura et al. 2013).
It is because of their strong HBB that these

stars have been discussed frequently as being im-
plicated in explaining the chemical compositions of
globular clusters. There is an extensive literature on
the problem (Cottrell & Da Costa 1981; Pumo et al.
2008; Ventura & D’Antona 2009, 2010; D’Ercole et al.
2010, 2011; Ventura & D’Antona 2011; Ventura et al.
2011; D’Ercole et al. 2012; D’Antona et al. 2012;
Ventura et al. 2012, 2013; Doherty et al. 2014b). Al-
though super-AGB stars qualitatively have many of the
required properties for the polluters of GCs, there are
still substantial difficulties, and one has to tune many
inputs to get models that are close to the observations.
While super-AGB stars may be involved in the GC
abundance problems, they are not apparently the magic
bullet.

3.10 Final fates of AGB and Super-AGB
stars

The most massive AGB stars, the lower intermediate
mass stars, will end their lives as C-O white dwarfs
(Althaus et al. 2010). The super-AGB stars, however,
produce a richer variety of remnants (e.g., Jones et al.
2013). At the lower mass limit of stars that ignite C,
the ignition is in the outermost layers, and does not
proceed to the centre. This leads to a class of hy-
brid white dwarfs that we refer to as CO(Ne)s. In
these stars a C-O core is surrounded by a shell of 0.1–
0.4M⊙ that has seen C burning and is mostly O and
Ne. We note that the 8M⊙, Z = 0.02 model presented
here is an example of a CO(Ne), and these are also
found by other authors (Heger, private communication;
Ventura & D’Antona 2011; Denissenkov et al. 2013a).
Stars with more massive cores will undergo off-centre
Ne ignition with convective flashes (Ritossa et al. 1999;
Eldridge & Tout 2004).
Following core He-exhaustion, most of the middle and

massive intermediate-mass stars have core masses that
exceed the Chandrasekhar mass, which we take to be
MCh = 1.37M⊙ as determined by Miyaji et al. (1980),
Hillebrandt et al. (1984), and Nomoto (1984). The core
masses we find are typically 2–2.5M⊙. Following the
SDU (or dredge-out, if it occurs) the core mass is re-
duced to below the critical Chandrasekhar value. The fi-
nal fate of these stars is crucially dependent on SDU and
dredge-out, for if these do not reduce their core mass to
below MCh then the star will continue on through the
various nuclear burning stages and explode as an iron
core-collapse supernova; i.e. as a true massive star. If
the core mass is reduced sufficiently by SDU or dredge-
out then the fate depends on the competition between
core growth and mass loss. If the former dominates and
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Figure 33. Predicted final fates for the SAGB mass range, as
a function of metallicity Z. CC-SN refers to core collapse super-
novae and EC-SN refers to electron capture supernovae. The re-
gions of C-O, CO(Ne) and O-Ne white dwarfs are also indicated.
See text for details.

the core reaches MCh then an electron-capture super-
nova will result. If mass loss keeps the mass below the
critical value then the star ends as an O-Ne WD.
The existence of massive WDs in the Galaxy with

oxygen-rich atmospheres (Gänsicke et al. 2010) lends
credence to the idea that at least some of the super-
AGB stars avoid core-collapse supernova explosions.
Furthermore, there is evidence that some classical no-
vae explode in a binary where the compact com-
panion is an O-Ne WD (e.g., Jose & Hernanz 1998;
Denissenkov et al. 2013b).
Figure 33 is taken from Doherty et al. (2014, in prepa-

ration) and shows the predicted fate for models in the
AGB and SAGB mass-range. We note that these results
are in reasonably good agreement with other authors
(Siess 2007; Poelarends et al. 2008) given the sensitiv-
ity inherent in the calculations. We find the electron-
capture supernovae comprise just a few percent of all
supernovae in the metallicity range Z = 0.02 to 10−4.

4 Major uncertainties

The evolution and nucleosynthesis of low-mass and
intermediate-mass stars is significantly affected by nu-
merical modelling uncertainties as well as uncertainties
in the input physics. Here we review the main uncertain-
ties affecting AGB model calculations including convec-
tion, which affects the occurrence and efficiency of TDU,
and mass loss, which determines the AGB lifetime. We

also comment on uncertainties affecting s-process ele-
ment predictions.

4.1 Convection and the third dredge up

Dealing with convection in stellar interiors is one of the
major problems of stellar evolution modelling. There
are two main ways that convection affects AGB evolu-
tion and nucleosynthesis. The first is through the way
stellar evolution codes treat the interface between ra-
diative and convective regions within a stellar model
(Frost & Lattanzio 1996b; Mowlavi 1999a). The sec-
ond is how the temperature gradient affects the energy
transport in the convective regions.

4.1.1 Determining the Borders of Convection

We know from observations that AGB stars expe-
rience third dredge up. We unambiguously observe
C and Tc-rich AGB stars but we still (after 40
years) do not know at which initial stellar mass that
dredge-up begins. Circumstantial evidence suggests
that the minimum mass be about 1.5M⊙ in the Galaxy
(e.g., Wallerstein & Knapp 1998) but theoretical mod-
els mostly struggle to obtain enough TDU at this stel-
lar mass without the inclusion of some form of con-
vective overshoot (Herwig et al. 1997; Mowlavi 1999a;
Herwig 2000; Cristallo et al. 2009; Karakas et al. 2010;
Kamath et al. 2012).
Observations of external galaxies such as the LMC,

SMC, and dwarf spheroidal galaxies show higher num-
bers of C-stars than in our Galaxy (e.g., Zijlstra et al.
2006; Sloan et al. 2008, 2012), which is evidence that
it is easier to obtain TDU at lower metallicities, for
a given mass. On the other hand, Boyer et al. (2013)
found a lack of C stars in the inner metal-rich region of
M31, indicating that there is a metallicity ceiling for the
operation of TDU. Stellar evolution codes qualitatively
agree with these observations.
The main problem for calculating TDU is how we de-

termine the border between a convective and radiative
region. Applying the Schwarzschild criterion for convec-
tion (∇rad > ∇ad) is too simplistic because while the
accelerations of blobs at this border is zero, the veloc-
ities may be finite. This suggests that some overshoot
is inevitable and to be expected. The question then is
how much?
While the amount of convective overshoot can be con-

strained by considering various observations (Herwig
2000; Cristallo et al. 2009; Weiss & Ferguson 2009;
Kamath et al. 2012), this provides little insight into
the actual physics occurring in convective envelopes,
given the numerical differences between the various stel-
lar evolution codes. The fact that Kamath et al. (2012)
found such a diversity in the amount of overshoot re-
quired to match observations may indicate that this is
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not the best way to characterise the depth of mixing
required.
The problem of determining convective borders in

stellar interiors is surely also linked to the question of
13C pocket formation, which can be formed by the inclu-
sion of a partially mixed overshoot region, for example.
Uncertainties not only include the formation mechanism
but also the size of the pocket in the He intershell as
well as the shape. When more protons are added the
resultant 13C pocket is accompanied by a sizeable 14N
pocket, which acts as an efficient neutron absorber and
suppresses the s-process.
The way forward is to consider multi-dimensional

simulations which unfortunately have not yet advanced
sufficiently to answer the problem of overshoot or 13C
pocket formation.

4.1.2 Structural Changes from Convection

The second important way that convection affects mod-
els is the substantial effect on the structure of AGB
convective envelopes. The treatment of convection in
stellar envelopes determines surface properties such
as the luminosity and effective temperature and it
has an impact on the efficiency of hot bottom burn-
ing (Ventura & D’Antona 2005a). The most commonly
used treatment of convection is the Mixing-Length The-
ory which has a free parameter, the mixing-length pa-
rameter α, which is usually set by calibrating a 1M⊙,
Z = Z⊙ stellar model to the Sun’s present day radius.
The parameter α is then assumed to remain constant
throughout the star’s evolution, with the same value
used for all masses and metallicities.
However, AGB stars have very different envelope

structures to the shallow convection zone found in
our Sun. There is no good reason why the value of
α required to fit a standard solar model is appro-
priate for AGB stars. Furthermore Lebzelter & Wood
(2007) found evidence for α to increase with evolu-
tion along the AGB, which suggests that α should
not be constant. Increasing α leads to shallower
temperature gradients which produces higher lumi-
nosities and stronger burning in intermediate-mass
AGB stars (Ventura & D’Antona 2005a). Convective
models other than the Mixing-Length Theory are
also used, such as the Full Spectrum of Turbulence
(Ventura et al. 1998; Mazzitelli et al. 1999) applied by
e.g., Ventura & D’Antona (2005a).

4.2 Mass loss

Dealing with the extent and temporal variation
of mass loss in AGB stars is one of the main
uncertainties in stellar modelling (Blöcker 1995;
Habing 1996; Ventura & D’Antona 2005b). This is
because the mass-loss rates of AGB stars are very
uncertain and difficult to determine from obser-

vations without a priori assumptions about dust
mass and type, and/or radiative transfer modelling
(e.g., Bedijn 1988; Vassiliadis & Wood 1993; Habing
1996; van Loon et al. 1999a; Groenewegen et al.
2009a,b; Lagadec & Zijlstra 2008; Lagadec et al. 2010;
Guandalini 2010; De Beck et al. 2010; Riebel et al.
2012). Mass loss on the AGB determines the AGB
lifetime and the number of thermal pulses experienced
by TP-AGB models. This then limits the number of
TDU episodes and the duration of HBB; and hence
determines the level of chemical enrichment expected
from a population of AGB stellar models at a given
metallicity.
In order to calculate stellar yields, mass loss has

to be included in the calculation of AGB mod-
els. The available prescriptions are simple, param-
eterised formulae that result in mass being re-
moved from the envelope smoothly in time, in
contrast to observations which suggest that AGB
mass loss in real stars is clumpy and asymmet-
ric (e.g., Meixner et al. 1998; Dinh-V-Trung & Lim
2008; Olofsson et al. 2010; Wittkowski et al. 2011;
Paladini et al. 2012; Lombaert et al. 2013).
The upper part of the AGB in particular is dominated

by continuously increasing mass loss (Habing 1996). Ob-
servations indicate rates increase from 10−7M⊙ year−1

for short period Mira variables to ≈ 10−4M⊙ year−1 for
luminous long-period variables including OH/IR stars
and Miras (Groenewegen et al. 2009a; Justtanont et al.
2013). These winds are most likely dust and shock
driven (Winters et al. 2003), which leads to the star be-
coming completely enshrouded by dust and visible pre-
dominantly in the infra-red (Habing 1996; Uttenthaler
2013).
One of the biggest uncertainties is the rate of mass

loss from low-metallicity AGB stars. Based on theoret-
ical calculations, Mattsson et al. (2008) conclude that
low-metallicity C stars have similar mass-loss rates to
their metal-rich counterparts. Observations showed that
mass-loss rates in low metallicity C-rich AGB stars in
nearby galaxies are of a similar magnitude to AGB stars
in our Galaxy (e.g., Sloan et al. 2009; Lagadec et al.
2009).
The most widely used prescriptions in AGB evo-

lutionary calculations include the Vassiliadis & Wood
(1993) mass-loss law, based on empirical observations of
mass-loss rates in C and O-rich AGB stars in the Galaxy
and Magellanic Clouds; the Blöcker (1995) formula,
based on dynamical calculations of the atmospheres of
Mira-like stars; and the Reimer’s mass-loss prescrip-
tion (Reimers 1975; Kudritzki & Reimers 1978), even
though it was originally derived for first ascent giant
stars and does not predict a superwind (Groenewegen
2012). Both the Blöcker (1995) and Reimers (1975)
rates depend on an uncertain parameter η which typi-
cally takes values from 0.01 to 10 (Ventura et al. 2000;

PASA (2014)
doi:10.1017/pas.2014.xxx



50 Karakas & Lattanzio

Straniero et al. 1997; Karakas 2010). Ventura et al.
(2000) found η = 0.01 by calibrating their intermediate-
mass AGB models to Li abundances in the LMC.
Other mass-loss prescriptions for AGB stars

are available (e.g., Bedijn 1988; Arndt et al.
1997; Wachter et al. 2002; van Loon et al. 2005;
Wachter et al. 2008; Mattsson et al. 2010). Some of
these prescriptions are specifically for C-rich stars
e.g., Arndt et al. (1997) and Wachter et al. (2002)
and are not appropriate for bright intermediate-mass
AGB stars. The theoretical mass-loss rates from
Mattsson et al. (2010) for solar-metallicity C stars are
available as a FORTRAN routine that can be coupled
to a stellar evolution code.

4.3 Extra mixing in AGB stars

A case has been made for some form of slow non-
convective mixing to operate in AGB envelopes, in an
analogous situation to the extra mixing operating in
first giant branch envelopes (§2.2.4 and §2.3).
The evidence for deep mixing on the AGB comes

mainly from O and Al isotope ratios measured in pre-
solar oxide grains, which support the existence of such
extra mixing in low-mass (M . 1.3M⊙) AGB stars
(Busso et al. 2010; Palmerini et al. 2009, 2011). The C
isotopic ratios measured in AGB stars span a large
range, from very low 12C/13C ratios of ≈ 4 to a max-
imum of about 100 (Lambert et al. 1986; Abia & Isern
1997). The sample by Lambert et al. (1986) has an aver-
age value of 58 (without the J-type C stars whose origin
is unknown). The range of 12C/13C ratios in AGB stars
is similar to that measured in mainstream pre-solar sil-
icon carbide grains, with values between 40 . 12C/13C
. 100 with an average 12C/13C ≈ 60 (Zinner 1998). The
lowest values of the 12C/13C ratio in AGB stars suggest
that some small fraction of Galactic disk C-rich AGB
stars experience extra mixing. In §3.5.1 we summarise
the C isotope predictions from AGB models, including
the range expected when extra mixing occurs on the
first gaint branch.
Carbon-enhanced metal-poor stars that are s-process

rich presumably received their C, N and s-process
enrichments from a previous AGB companion and
their 12C/13C ratios are therefore an indicator of
extra mixing and nucleosynthesis in the AGB star.
The 12C/13C ratio has been measured in CEMP
stars covering a range of evolutionary phase, from
turn-off stars through to giants. Figure 7 from
Stancliffe et al. (2009) illustrates the observed C iso-
topic ratios of unevolved (log g ≥ 3) CEMP stars are
. 10 (e.g., Cohen et al. 2004; Sivarani et al. 2006;
Jonsell et al. 2006; Aoki et al. 2007; Beers et al. 2007;
Lucatello et al. 2011). Such low observed ratios are dif-
ficult to reconcile with standard AGB nucleosynthesis
models, which produce very high 12C/13C ratios (> 103)

at low metallicity (e.g., Karakas 2010; Cristallo et al.
2011; Lugaro et al. 2012). Such low 12C/13C ratios
could reveal a metallicity dependence to the extra-
mixing occurring in AGB envelopes.
Nitrogen abundances of CEMP stars also show a

spread that is not easily explained by canonical mod-
els as shown by the population synthesis study by
Izzard et al. (2009). Stancliffe (2010) studied thermo-
haline mixing in low-metallicity AGB models and found
it not strong enough to explain the low C isotopic ra-
tios. Clearly additional mixing – whatever the mech-
anism – is required in low-metallicity AGB envelopes,
but the need for extra mixing in solar-metallicity C-rich
AGB stars is more ambiguous as discussed in detail by
Karakas et al. (2010, but see Busso et al. 2010).

4.4 Low temperature Opacities

In recent years there has been considerable effort put
into developing accurate low-temperature molecular
opacity tables for stellar evolution calculations. The
opacity tables of Alexander & Ferguson (1994) and
later Ferguson et al. (2005) included the first detailed
treatment of the inclusion of molecules to the total opac-
ity at temperatures where T . 104K. These tables were
only available for solar or scaled-solar abundance mix-
tures. As we have seen, AGB stars experience multiple
mixing episodes that alter their envelope compositions,
such that the stars may become C and N-rich and in
some cases, the envelope C/O ratio can exceed unity.
Marigo (2002) showed that at the transition from

C/O < 1 to C/O ≥ 1 the dominant source of molec-
ular opacity changes from oxygen-bearing molecules
to C-bearing molecules. In AGB stellar models, this
change in opacity leads to a sudden decrease in the
effective temperature and subsequent expansion in ra-
dius. These changes to the stellar structure cause an
increase in the rate of mass loss. Marigo (2002) showed
that this resulted in shorter AGB lifetimes and there-
fore smaller stellar yields. AGB models with HBB can
also deplete C and O (while producing N), which causes
changes to the stellar structure and nucleosynthesis
(Weiss & Ferguson 2009; Ventura & Marigo 2009, 2010;
Fishlock et al. 2014). Despite claims to the contrary,
Constantino et al. (2014) showed that there was no
threshold in [Fe/H] below which the composition de-
pendent molecular opacities would not produce sig-
nificant changes. It is therefore necessary to use low-
temperature molecular opacity tables that follow the
change in C, N, and C/O ratio with time at all masses
and compositions.
Besides the scaled-solar tables from Ferguson et al.

(2005), other tables currently available for stellar evo-
lutionary calculations are 1) Lederer & Aringer (2009),
who account for an enhancement of C and N compared
to the initial abundance for various metallicities, and
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2) Marigo & Aringer (2009), who provide the ÆSOPUS
on-line downloadable tables5. These tables are available
for essentially arbitrary variations in C, N, and C/O
(including enhancements and depletions) for whatever
metallicity desired and for various choices of the solar
composition.

4.5 The s-process

While the formation mechanism of the 13C neutron
pocket is still the main uncertainty in the s-process
models, there are a number of further problems asso-
ciated with the s-process scenario discussed previously
in §3.7.
Lugaro et al. (2012) identified four different regimes

of neutron captures that can occur in theoretical AGB
models including: 1) the 22Ne(α,n)25Mg source operates
during convective thermal pulses, 2) the 13C(α,n)16O
reaction burns under radiative conditions, with the 13C
produced via the inclusion of a 13C pocket, 3) the
13C(α,n)16O reaction burns under convective conditions
during a thermal pulse, with the 13C produced via the
inclusion of a 13C pocket, and 4) the 13C(α,n)16O reac-
tion operates under convective conditions with the 13C
produced via the ingestion of a small number of protons
from the tail of the H shell during the thermal pulse.
The mass range at which these regimes occur is model

dependent as described in Lugaro et al. (2012). At the
metallicity considered in that study (Z = 0.0001) pro-
ton ingestion (Regime 4) dominates the s-process abun-
dance predictions at the lowest masses (M ≤ 1M⊙ at
Z = 0.0001) when no (or small) 13C pockets are present.
Proton ingestion is expected to be more important at
even lower metallicities, although the mass and metal-
licity range where proton ingestion occurs is still very
uncertain and may occur at solar metallicities under
specific conditions (e.g., Sakurai’s Object). Again, the
problem comes down to the treatment of convection and
convective borders in stars. The first multi-dimensional
studies are becoming available to guide the 1D models
(Stancliffe et al. 2011; Herwig et al. 2011, 2013).
For the first few pulses in low-mass stars, the temper-

ature in the intershell is not large enough for efficient
radiative burning of the 13C. Hence Regime 3, where
all or most of the 13C is burnt under convective condi-
tions during the next thermal pulse is possibly a com-
mon occurrence during the first few thermal pulses for
all low-mass AGB stars of . 2M⊙, regardless of Z (see
also Cristallo et al. 2009; Lugaro et al. 2012). The main
result of Regime 3 is that the overall neutron exposure
(i.e., total number of free neutrons) decreases owing to
ingestion of the neutron poison 14N alongside the 13C
from the H-shell ashes. Also during Regime 3 the neu-
tron density increases owing to the short timescale of

5http://stev.oapd.inaf.it/aesopus

thermal pulses (order 102 years) relative to radiative
burning during the interpulse (≈ 104 years).
The occurrence of 13C ingestion during thermal

pulses is strongly connected to the uncertainties related
to the onset of TDU in the lowest-mass AGB stars (e.g.,
the initial stellar mass for the onset of the TDU at a
given Z, the efficiency of TDU as a function of stellar
mass, core mass, metallicity; Frost & Lattanzio 1996b;
Straniero et al. 1997; Mowlavi 1999a; Karakas et al.
2002; Stancliffe & Jeffery 2007; Karakas et al. 2010).
If stars as low as ≈ 1.2M⊙ experience TDU at solar

metallicities then we expect Regime 3 to be dominant
in these stars for the first few thermal pulses, before
the He shell region has heated up to sufficient temper-
ature to ignite 13C(α,n)16O under radiative conditions.
If these stars only experience a few TDU episodes, then
this regime will dominate the stellar yields of s-process
elements.
All stars rotate but the effect of rotation on stellar

structure in general, and the s-process in particular,
is still poorly known. The angular velocity profile in-
side AGB stars may produce a strong shear instability
between the contracting core and the expanding enve-
lope. Unlike the (partial) mixing postulated to come
from overshoot during TDU, this shear layer does not
disappear at the end of TDU. This is expected to result
in continuous mixing of protons into the top layers of
the He intershell, resulting in the complete operation
of the CN cycle and the production of a higher abun-
dance of the neutron-poison 14N instead of 13C. This
has been shown to lower the neutron exposure and sup-
press the formation of s-process elements (Herwig et al.
2003; Piersanti et al. 2013). The effect of magnetic fields
(Suijs et al. 2008) and gravity waves may modify the
angular momentum in the star and reduce the mixing
between core and envelope but has not been considered
in detailed stellar evolution models so far.
We have mentioned convective overshoot at the bot-

tom of the thermal pulse in the context of O inter-
shell abundances. Such overshoot can lead to increased
temperatures and the activation of the 22Ne neutron
source at lower initial stellar mass than canonical mod-
els with no overshoot. While it has been shown for a
3M⊙ star that such overshoot produces Zr isotopic ra-
tios inconsistent with those measured in stardust grains
(Lugaro et al. 2003), other observations such as oxy-
gen in post-AGB stars suggest that such overshoot oc-
curs. While the first s-process yields from models with
overshoot into the C-O core are becoming available
(Pignatari et al. 2013) a comprehensive study on the
effect of such overshoot on the s-process is still lacking.
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4.6 Binary evolution

Most stars (roughly 60%) exist in binary or multiple
systems (Duquennoy & Mayor 1991). Not all stars in
binary systems (or higher order multiples) will be close
enough to interact and hence they will evolve essentially
as single stars. The fate of these stars and their contri-
bution to the enrichment of the Galaxy is determined
by their initial mass and metallicity. For binary stars
that are close enough to interact, there are many more
variables that determine the type of interaction includ-
ing the orbital parameters of the system and the mass
ratio between the two stars.
Possible interactions include mass transfer via Roche

Lobe Overflow (RLOF), which can lead to a common
envelope and possible stellar merger. For example, the
warm R-type C stars are all single stars which has led
various authors to propose that they must be the result
of stellar mergers (McClure 1997b; Izzard et al. 2007).
If the stars do not merge during the common envelope
phase the orbital period will be dramatically shortened,
allowing for later mass transfer. The details of common
envelope evolution are complex and not well understood
(e.g., Taam & Ricker 2010).
Regardless of the final outcome of the common enve-

lope, the evolution of the two stars will be significantly
altered from a single stellar evolution channel. Common
envelopes may truncate the evolution of the more mas-
sive star on the first giant branch, which means it will
never become an AGB star. Clearly the nucleosynthesis
yields will be significantly altered from the expectations
from single stellar evolution (Izzard 2004; Izzard et al.
2006).
Interactions can come in other forms. For example

if one of the stars is on the AGB and has a strong
wind, then some of that wind may be transferred to the
companion. That wind may then contain the products
of AGB nucleosynthesis, which will later be observed
on the surface of the lower mass companion. Stellar
wind accretion is thought to be the dominant mech-
anism to produce barium and CH-type stars (McClure
1983; McClure & Woodsworth 1990; McClure 1997a;
Boffin & Jorissen 1988; Han et al. 1995; Karakas et al.
2000; Izzard et al. 2010; Miszalski et al. 2013), as
well as carbon and nitrogen-enhanced metal-poor
stars (Beers & Christlieb 2005; Lucatello et al. 2005;
Izzard et al. 2009; Pols et al. 2012; Abate et al. 2013).

5 Chemical enrichment from AGB stars

Stellar yields are a key ingredient in models of the chem-
ical evolution of galaxies and stellar systems (Tinsley
1980; Gibson 1997; Romano et al. 2010; Nomoto et al.
2013). Core collapse supernova explosions release vast
quantities of α-elements (e.g., O, Mg, Si, Ti) and
Fe-peak elements into the Galaxy on relatively short

timescales (. 107 years). Classical nova explosions
(Romano & Matteucci 2003; Romano et al. 2010) and
rapidly rotating massive stars may also be an impor-
tant source of C, N and heavy elements at the ear-
liest times (Chiappini et al. 2003, 2006; Hirschi 2007;
Frischknecht et al. 2012).
Binary systems that explode as Type Ia supernovae

are also responsible for producing substantial metals,
mostly in the form of Fe (e.g., Seitenzahl et al. 2010), al-
though Type Ia explosions typically take place on much
longer timescales from a few hundred million years to
a few Gyr (Matteucci & Greggio 1986). There is ev-
idence that galaxies had a small number of prompt
Type Ia explosions, which take place on much shorter
timescales of ≈ 100 Myr since the beginning of star
formation (Bonaparte et al. 2013). Together, massive
stars, that explode as Type II supernovae, and Type
Ia supernovae dominate the chemical evolution of many
elements and for this reason AGB stars were until re-
cently largely ignored in models of chemical enrich-
ment (Matteucci & Francois 1989; Timmes et al. 1995;
Gibson 1997; Kobayashi et al. 2006).
However, low and intermediate-mass stars are a com-

mon inhabitant of galaxies and stellar systems and pro-
duce a copious amount of the gas and dust seen in the
interstellar medium. In the last decade there has been
considerable progress in our understanding of the nucle-
osynthesis of AGB stars. We now know that they pro-
duce considerable amounts of C, N, F, Na, the neutron-
rich isotopes of Ne, Mg, as well as Na, Al and heavy
elements produced by the s-process. For a complete pic-
ture of the chemical evolution of galaxies, stellar yields
from low and intermediate-mass stars must be included.

5.1 Stellar yields from AGB stars

Renzini & Voli (1981) produced the first set of stellar
yields from low to intermediate-mass stars. These CNO
yields were calculated with a fully synthetic evolution-
ary algorithm, which included HBB, TDU and mass
loss via the Reimers (1975) formula. Further contri-
butions using synthetic AGB models have been made
by Marigo et al. (1996), van den Hoek & Groenewegen
(1997), Marigo (2001), Izzard et al. (2004), and
Gavilán et al. (2005). The biggest difference between
the recent calculations listed above and those of
Renzini & Voli (1981) is in the improved parameterisa-
tions of the AGB phase of evolution, based on detailed
models with improved input physics. The latest syn-
thetic models also use parameterisations that depend
on the initial metallicity, which is something that Ren-
zini & Voli’s calculation did not do.
The increasing speed of modern computers means

that the problem of running large grids of stellar mod-
els becomes time consuming, rather than impossible.
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Table 2 List of AGB yields available. We only include detailed AGB evolutionary studies that include yields; not just surface abundance
predictions, and we include studies with more than one mass. We list the range of masses and metallicities for each study and we note
if they include s-process element predictions.

Reference Mass Range Metallicity Range s-process? Downloadable
(in M⊙) (in mass fraction, Z) tables?

Fenner et al. (2004) 2.5–6.5 [Fe/H] = −1.4 No No
Herwig (2004b) 2.0–6.0 1× 10−4 No Yes
Karakas & Lattanzio (2007) 1.0–6.0 1× 10−4, 4, 8× 10−3, 0.02 No Yes
Campbell & Lattanzio (2008) 1.0–3.0 Z = 0, [Fe/H] −6.5,−5.45,−4,−3 No Yes
Iwamoto (2009) 1.0–8.0 Z = 2× 10−5 No No
Karakas (2010) 1.0–6.0 1× 10−4, 4, 8× 10−3, 0.02 No Yes

Siess (2010)(a) 7.5–10.5 1× 10−4 to 0.02 No Yes

Cristallo et al. (2011)(b) 1.3–3.0 1× 10−4 to 0.02 Yes Yes
Ventura et al. (2013) 1.5–8.0 3× 10−4, 10−3, 0.008 No No

Gil-Pons et al. (2013)(c) 4.0–9.0 1× 10−5 No Yes
Pignatari et al. (2013) 1.5, 3.0, 5.0 0.01, 0.02 Yes Yes
Karakas et al. (2014) 1.7, 2.36 3, 6× 10−4 Yes Yes
Ventura et al. (2014) 1–8.0 4× 10−3 No No
Doherty et al. (2014a) 6.5–9.0 0.004, 0.008, 0.02 No Yes
Doherty et al. (2014b) 6.5–7.5 0.001, 1× 10−4 No Yes
Straniero et al. (2014) 4–6 0.0003, [α/Fe]=+0.5 Yes Yes

(a) Yields for six metallicities are provided with the range noted in the table.
(b) Yields for nine metallicities are provided with the range noted in the table.

(c) Downloadable tables are surface abundance predictions; yields are given in their Table 4.

There are now various compilations in the literature for
yields from detailed AGB stellar models. Table 2 com-
piles these yields along with the mass and metallicity
range, tells if they include predictions for s-process ele-
ments, and if downloadable yield tables are provided.
There are other studies of low and intermediate-mass

stars that include stellar yields but are not included in
Table 2 for the following reasons. Stancliffe & Jeffery
(2007) perform a detailed study of the uncertaities af-
fecting yields of low-mass AGB stars but only at one
mass (1.5M⊙, Z = 0.008). Church et al. (2009) present
full s-process yields but also only for one mass (3M⊙,
Z = 0.02). We include only the most recent stellar
yield predictions calculated by Ventura and collabo-
rators from 2013 and 2014. Earlier calculations (e.g.,
Ventura et al. 2001, 2002; Ventura & D’Antona 2008,
2009; Ventura & Marigo 2009; Ventura & D’Antona
2011) either use older input physics or cover a
smaller range in mass and metallicity. There are also
many papers that include surface abundances pre-
dictions for AGB models (a highly incomplete list
includes the following examples: Kahane et al. 2000;
Chieffi et al. 2001; Abia et al. 2002; Lebzelter et al.
2008; Weiss & Ferguson 2009; Campbell et al. 2010;
Bisterzo et al. 2010; Kamath et al. 2012; D’Orazi et al.
2013) but not stellar yields; these are not included in
Table 2.

The yields from Lagarde et al. (2011) are not in-
cluded in Table 2 because they only include one iso-
tope, 3He, although for a grid of low and intermediate-
mass models covering a large range in metallicity.
Charbonnel & Lagarde (2010) examine the effects of ex-
tra mixing and rotation on the light-element yields of
model stars up to 4M⊙ but only provide yields for 7Li;
we therefore do not include these in Table 2.
There are fewer yields for low-metallicity AGB stars

below [Fe/H] ≤ −3 because of the difficulty of calculat-
ing the stellar evolution owing to the added complexity
of proton ingestion episodes and mixing during the core
He flash. Iwamoto (2009) and Campbell & Lattanzio
(2008) present yields for low-metallicity AGB stars of
[Fe/H] ≤ −3, and Gil-Pons et al. (2013) provide sur-
face abundance predictions for intermediate-mass AGB
and super-AGB stars at Z = 10−5 between M = 4M⊙

to 9M⊙. Chieffi et al. (2001) present calculations of
Z = 0 intermediate-mass (4–8M⊙) AGB stars but no
tabulated yields. No yields of s-process elements are
available from very low-metallicity AGB models at the
present (although see Campbell et al. 2010; Cruz et al.
2013).
Ideally, chemical evolution modellers would like a self-

consistent set of AGB stellar yields covering a range in
mass from ≈ 0.8M⊙ to the limit for core collapse super-
novae, ≈ 10M⊙, for a broad range of metallicities, and
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for all elements from H through to Bi. In this context,
none of the AGB yield sets mentioned is complete.
Some of these studies provide yields for a limited

number of masses but for all elements up to bismuth
(e.g., Cristallo et al. 2011; Pignatari et al. 2013). The
yields by Siess (2010), Doherty et al. (2014a,b), and
Ventura et al. (2013) focus on light elements (up to
Fe) for the mass range of stars that become super-
AGB stars. The largest grid of detailed stellar yields
for low and intermediate-mass AGB stars in terms
of the range of masses (1–6M⊙), metallicities (Z =
0.0001, 0.004, 0.008, 0.02), and number of species (light
elements up to Fe) is still Karakas (2010) but the yields
of Ventura et al. (2013) cover almost the same range
of masses, elements and metallicities (but not including
solar).

5.2 Summary of elements produced by low
and intermediate-mass stars

The stellar yields shown here are calculated according
to

Mi =

∫ τ

0

[X(i)−X0(i)]
dM

dt
dt, (4)

where Mi is the yield of species i (in solar masses),
dM/dt is the current mass-loss rate, X(i) and X0(i)
refer to the current and initial mass fraction of species
i, and τ is the total lifetime of the stellar model. The
yield can be negative, in the case where the element is
destroyed, and positive if it is produced.

5.2.1 Lithium

It is still an open question whether low and
intermediate-mass stars contribute to the production of
7Li in the Galaxy (Romano et al. 2001; Travaglio et al.
2001b; Prantzos 2012). Prantzos (2012) concluded that
primordial nucleosynthesis can produce at most only
about 30% of the solar Li and that stellar sources (red
giants, AGB stars, novae) must be responsible for at
least half. Current stellar yields of Li from AGB stars do
not support this production. The stellar yields by e.g.,
Karakas (2010) show that only a narrow mass range
of intermediate-mass AGB stars produce more Li than
they destroy. This occurs when the Li produced from
HBB takes place at the period of highest mass loss. At
Z = 0.02 this occurs at ≈ 5M⊙. Super-AGB stars are
also a possible source of Li (Ventura & D’Antona 2010;
Ventura et al. 2013; Siess 2010; Doherty et al. 2014a).
There are many uncertainties involved in the pro-

duction of 7Li in AGB models, including the mass-
loss rates and the treatment of convective mixing
(Ventura & D’Antona 2005a,b; Iwamoto 2009). The
stellar Li content initially rises dramatically from pro-
duction through the Cameron-Fowler mechanism, but it
then decreases slowly as the Li is cycled through the hot

bottom of the envelope, resulting in its gradual destruc-
tion. Mass-loss rates for AGB stars, such as the formulae
given by Vassiliadis & Wood (1993) and Blöcker (1995),
have a superwind phase which occurs during the final
few thermal pulses. The superwind phase results in a
period of rapid mass loss, and most of the convective
envelope is lost during this time. Thus the composition
of the envelope at the start of the superwind phase criti-
cally determines the contribution that AGB stars make
to the enrichment of the interstellar medium. By ad-
justing the mass-loss formula, one can manipulate the
Li yield. In Figure 27 most of the 7Li has been destroyed
by the time the superwind phase starts. Other factors
that may influence the yields of Li include the presence
of a binary companion, rotation, and the efficiency of
extra mixing on the first and asymptotic giant branches
(Charbonnel & Lagarde 2010; Lagarde et al. 2012).

5.2.2 Carbon, Nitrogen, Oxygen

AGB stars are one of the most important sources of
12C in the Galaxy. An estimate of the contribution of
12C from AGB stars suggests that they produce roughly
one third of the Galaxy’s inventory of 12C, providing
roughly the same amount as core-collapse supernovae
and Wolf-Rayet stars (Dray et al. 2003). These quan-
titative estimates are hindered by uncertainties in the
depth and onset of the third dredge-up. Figure 34 shows
yields from Karakas (2010) for 12C, 14N, 17O, and 19F
for two metallicities. At Z = 0.02 production is dom-
inated by models of about 3M⊙, with no C produc-
tion for models below about 2.5M⊙. While it is diffi-
cult to determine masses for Galactic C stars, estimates
point to stars with initial masses as low as about 1.5M⊙

(Wallerstein & Knapp 1998) for the Galaxy. This sug-
gests that C production is underestimated in the yields
by Karakas (2010).
The isotopes 13C and 14N are produced by the CNO

cycles and mixed to the surface by first and second
dredge-up prior to the AGB, and by HBB during
the AGB. Figure 34 shows that the yields of N are
dominated by intermediate-mass stars that experience
HBB (see also Frost et al. 1998a; Chieffi et al. 2001;
Pols et al. 2012). Chemical evolution models with AGB
yields show that low-metallicity intermediate-mass stars
play an essential role in the production of N along
with massive rotating stars (e.g., Fenner et al. 2004;
Romano et al. 2010; Kobayashi et al. 2011b).
Canonical AGB models do not produce substantial

quantities of elemental O and stellar yields from such
models are generally negligible, except at the lowest
metallicities (e.g., at Z ≤ 10−4 Karakas & Lattanzio
2007; Campbell & Lattanzio 2008; Karakas 2010;
Cristallo et al. 2011). Intermediate-mass stars of low
metallicity can destroy a significant amount of 16O
by HBB such that the surface oxgyen abundance
decreases by 0.5–1.0 dex, depending on the stellar
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Figure 34. Stellar yields of 12C, 14N, 17O, and 19F as a function of the initial mass for models of Z = 0.02 (left-hand panels) and
Z = 0.0001 (right-hand panels) from Karakas (2010). The solid line and open circles show results for the updated yields; the dashed line
and closed circles show results from Karakas & Lattanzio (2007). The updated yields from Karakas (2010) use scaled-solar abundances,
whereas the yields from Karakas & Lattanzio (2007) used non-solar C, N, and O to reflect the composition of the LMC and SMC.
Reaction rates were also updated, which mostly affected 19F and 23Na. Also, we used Reimer’s mass loss on the AGB in the M ≥ 3M⊙,
Z = 0.0001 models from Karakas (2010), whereas in Karakas & Lattanzio (2007) we used Vassiliadis & Wood (1993) on the AGB.
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model (Ventura et al. 2013). The stellar yields by
Pignatari et al. (2013), which include diffusive convec-
tive overshoot into the C-O core, suggest that low-
mass AGB stars may be an important source of 16O in
the Universe. Chemical evolution models that use these
yields are needed to test the idea.
The only O isotope produced by canonical models is

17O which is produced by the CNO cycle during HBB.
Kobayashi et al. (2011b) examined the evolution of the
isotopic 16O/17O and 16O/18O ratios taking into ac-
count the contributions from Type II SNe and AGB
stars. It was found that while the solar 16O/18O ratio
is well matched by current yields, the present-day ratio
for 16O/17O was too low, indicating an over-production
of 17O by AGB models. This may put constraints on
the rates of the 17O + p reactions, which are uncertain
at stellar energies (e.g., Chafa et al. 2007; Sergi et al.
2010).

5.2.3 Fluorine

The cosmic origin of fluorine is not yet completely un-
derstood. Core collapse supernovae (Woosley & Weaver
1995) and stellar winds from Wolf Rayet stars
(Meynet & Arnould 2000) are both predicted to re-
lease F-enriched material into the ISM, alongside AGB
stars (Renda et al. 2004). Observationally, AGB stars
and their progeny (e.g., post-AGB stars, planetary
nebulae) are the only confirmed site of F production
(Jorissen et al. 1992; Werner et al. 2005; Zhang & Liu
2005; Pandey 2006; Schuler et al. 2007; Abia et al.
2010; Lucatello et al. 2011), with no clear indication for
enhanced F abundances resulting from the ν-process in
a region shaped by past SNe (Federman et al. 2005).
Recio-Blanco et al. (2012) noted that AGB stars are
likely the dominant source of F in the cool main-
sequence dwarfs they observed in the solar neighbour-
hood.
Figure 34 shows that F production is coupled with

C production. Observations also show a clear corre-
lation between [F/O] content and C/O in AGB stars
(Jorissen et al. 1992, and Figure 22). The stellar yields
follow a similar function in mass and metallicity space.
This means that the uncertainties that are the most
significant for C similarly affect F, although with the
added complication that the reaction rates involved in
F production in the He shell are rather uncertain as
discussed in §3.5.
Kobayashi et al. (2011a) provide the most recent es-

timates of the chemical evolution of F using updated
AGB yields as well as the latest ν-process yields from
core-collapse SNe (see also Sánchez-Blázquez et al.
2012). The model by Kobayashi et al. (2011a) was able
to reproduce the F abundances observed in field stars
covering a range of metallicities, with SNe dominating
production at the lowest metallicities (here using O as

Figure 35. Stellar yields of 23Na as a function of the initial mass
for models of Z = 0.004. The solid line and open circles show
results from Karakas (2010), while the dashed line and closed
circles show results from Karakas & Lattanzio (2007).

the tracer, [O/H] . −1.2), followed by a rapid increase
from AGB stars at around [O/H] ≈ −0.5.

5.2.4 From Neon to Iron

The yields of elemental Ne from AGB stars are gener-
ally small, except in the case when substantial 22Ne is
produced during thermal pulses (Karakas & Lattanzio
2003a). Kobayashi et al. (2011b) found that the contri-
bution of AGB stars was essential for matching the solar
Ne isotopic ratios (see also Gibson et al. 2005). With-
out AGB stars the contribution from SNe dominate and
produce too much 20Ne relative to the neutron-rich 21Ne
and 22Ne.
Intermediate-mass AGB stars produce some Na

via the Ne-Na chain (Forestini & Charbonnel 1997;
Mowlavi 1999b; Ventura et al. 2013), although produc-
tion is highly dependent on the uncertain rates of
the 23Na + p reactions (Hale et al. 2004; Izzard et al.
2007). The AGB models used by Fenner et al. (2004)
produced copious sodium and lead to much larger
[Na/Fe] abundances compared to observations of glob-
ular cluster stars (see also Gibson 2007). The stellar
models in Karakas (2010) produced between ∼ 6 to
30 times less Na compared to the stellar models in
Karakas & Lattanzio (2007) as a result of using up-
dated reaction rates. Figure 35 shows the difference for
the Z = 0.004 models. Using the updated yields from
Karakas (2010), Kobayashi et al. (2011b) found that
AGB stars do not noticeably affect the chemical evo-
lution of Na in the Milky Way Galaxy.
The yields of Na and Al from AGB stars are also crit-

ically dependent on model assumptions and in particu-
lar on the convective model and temperature structure
of the envelope (Ventura & D’Antona 2005a). While
the Na and Al yields of Karakas (2010) are reasonably
small, the yields from Ventura et al. (2013) suggest that
intermediate-mass AGB and super-AGB stars may be

PASA (2014)
doi:10.1017/pas.2014.xxx



AGB nucleosynthesis and yields 57

substantial producers of Na and Al at low metallicities
(Ventura et al. 2011).
The neutron-rich isotopes of Mg are produced by

intermediate-mass AGB stars alongside core collapse
SNe. The amounts of 25Mg and 26Mg produced by low-
metallicity intermediate-mass AGB stars can be enough
to affect the galactic chemical evolution of these iso-
topes. Fenner et al. (2003) found that the contribution
of AGB stars was essential to explain the Mg isotopic ra-
tios observed in cool evolved field stars (Gay & Lambert
2000; Yong et al. 2003b). Kobayashi et al. (2011b)
noted that their chemical evolution model predicted
higher than present-day solar ratios for 24Mg/25,26Mg
using yields from AGB stars and SNe and concluded
that AGB stars (or some other source, such as Wolf
Rayet stars) need to produce more 25Mg and 26Mg.
Phosphorus and Sc can also be produced in small

quantities by AGB stars as a consequence of neu-
tron captures in the He intershell (Smith et al. 1987;
Karakas et al. 2012). Most of the other intermediate-
mass elements including Si, Cl, Ar, K, Mn, are not
significantly produced by AGB nucleosynthesis except
for small isotopic shifts caused by neutron captures
(Karakas et al. 2009). The predicted isotopic shifts,
which include increases in the neutron-rich 29,30Si, can
be compared to measurements of the Si isotopes in pre-
solar silicon carbide grains. We refer to Lugaro et al.
(1999) and references therein for details (see also
Zinner et al. 2006; Zinner 2008; Lewis et al. 2013).

5.2.5 Heavy elements produced by the s-process

The contribution from AGB stars is crucial to under-
stand the origin and evolution of elements heavier than
iron. About half of all heavy elements are produced
by the s-process, and most of those elements are pro-
duced by AGB stars. One current uncertainty is the
Galactic epoch at which AGB stars begin contribut-
ing toward the bulk Galactic chemical evolution of el-
ements. Simmerer et al. (2004) suggested this epoch
occurred around [Fe/H] & −1, but that AGB stars
can contribute inhomogeneously (locally) from [Fe/H]
& −3. This is also the metallicity at which CEMP stars
with s-process elements become more common, com-
pared to the CEMP stars without neutron-capture ele-
ment overabundances, which dominate at lower metal-
licities (Beers & Christlieb 2005; Sneden et al. 2008;
Frebel & Norris 2013).
Unfortunately, stellar yields from AGB stars that

include predictions for heavy elements are even more
incomplete than for light elements. The yields by
Cristallo et al. (2011) include a complete network of el-
ements to Bi for masses to 3M⊙, these were extended
to 4, 5, and 6M⊙ AGB models for one metallicity
(Z = 0.0003) by Straniero et al. (2014); Pignatari et al.
(2013) include yields for three AGB masses at two
metallicities (Z = 0.01 and 0.02); and Fishlock et al.

(2014, in preparation) present yields for M = 1M⊙ to
7M⊙ at one metallicity, Z = 0.001. Lugaro et al. (2012)
present tables of stellar abundance predictions as a
function of thermal pulse number from models from
0.9M⊙ to 6M⊙ for only one metallicity (Z = 0.0001
or [Fe/H] = −2.3). The predictions from Lugaro et al.
(2012) are not included in Table 2 because integrated
yields are not provided.
For super-AGB stars the situation is even worse.

The only s-process calculations currently published are
for a single 9M⊙, Z = 0.02 model in Karakas et al.
(2012) and only for a limited nuclear network up to
Mo. No yield tables were included with that study.
Wanajo et al. (2011) calculate r-process yields from
electron-capture SNe, which have evolved from super-
AGB stars with massive O-Ne cores.
There have been various chemical evolution mod-

els that focus on the evolution of the neutron-capture
elements and the contribution of AGB stars (e.g.,
Raiteri et al. 1999; Travaglio et al. 1999, 2001a, 2004;
Fenner et al. 2006; Serminato et al. 2009; Hansen et al.
2013). In these models, the yields of s-process elements
are included by extrapolating from the existing models,
especially for intermediate-mass AGB stars where there
are no or few existing theoretical predictions.
We comment on the production of s-process ele-

ments from intermediate-mass AGB stars. While the
contribution from low-mass AGB stars to the chem-
ical evolution of Ba and Pb is well supported by
models and observations (Travaglio et al. 2001a), the
contribution from intermediate-mass AGB stars has
for some time been seen as minimal. For example,
Travaglio et al. (2004) estimate that intermediate-mass
stars contribute ≈ 8, 6, 6, 1, and 5% toward the solar-
system composition of Sr, Y, Zr, Nb, and Mo, re-
spectively. However, observational evidence suggests
that intermediate-mass AGB stars produce substantial
amounts of Rb (Garćıa-Hernández et al. 2006). Chem-
ical evolution models are required, with a complete set
of intermediate-mass and super-AGB yields, to quanti-
tatively assess the impact of intermediate-mass stars on
the chemical evolution of Rb.
We finish with a discussion of another uncertainty

on stellar yield predictions: the effect of helium enrich-
ment. Karakas et al. (2014) study the effect of helium
enrichment on AGB evolution and nucleosynthesis for
two masses (M = 1.7, 2.36M⊙) at two metallicities ap-
propriate for the GC ω Centauri (Z = 0.0003, 0.0006,
which is roughly [Fe/H] ≈ −1.8 and −1.4, respectively).
An increase of ∆Y = 0.10 at a given mass decreases the
yields of C by up to ≈ 60%, of F by up to 80%, and the
yields of the s-process elements Ba and La by ≈ 45%.
The main reason is that an increase of ∆Y = 0.10 leads
to roughly a factor of 3 decrease in the amount of
dredged up material during the AGB. The lifetimes of
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He-enriched models are significantly shorter than their
counterparts with primordial He content, which means
that they will contribute to the chemical evolution of a
system sooner.
It may not be enough to simply evolve grids of stel-

lar evolutionary sequences covering a range in mass and
metallicity. Variations in the helium mass fraction have
a significant impact on the stellar yields and may be
an important third parameter. This reminds us of the
days before the primordial He abundance was deter-
mined, and stellar models were typically published with
a spread of Y values.

6 Summary and outlook

Stellar yields are a key ingredient in chemical evolution
models. Low and intermediate mass stars are an inte-
gral part of galaxies and help shape their evolution, gas
and dust content, as well as their integrated light. Even
stars as low as 0.9M⊙ can, at low metallicity, contribute
to the chemical evolution of elements. The days of only
considering supernovae are over. However, for low and
intermediate-mass stars to be included, theoretical pre-
dictions from stars covering a large range in mass and
metallicity need to be calculated.
In this review we have discussed the various mixing

processes that affect the surface composition and yields
of stars less massive than about 10M⊙. These recurrent
mixing events can significantly change the surface com-
position of the envelope, with the richest nucleosynthe-
sis occurring during the AGB phase of evolution. AGB
stars are observed to show enrichments in C, N, F, and
heavy elements synthesized by the s-process. AGB stars
release their nucleosynthesis products through stellar
outflows or winds, in contrast to massive stars that ex-
plode as core-collapse SNe.
Supercomputers have allowed the calculation of stel-

lar yields from detailed (but still single!) AGB models
covering large ranges in mass and composition. While
significant progress has been made over the past decade,
there are still crucial gaps, especially for elements pro-
duced by the s-process for all mass and metallicity
ranges. This is mostly because many nuclear species (on
the order of hundreds) are required to accurately model
the s-process and the computational time required is
still significant (e.g., months of supercomputer time on
a single CPU is required for an intermediate-mass AGB
model of low metallicity).
Gaps in our knowledge are also apparent for AGB

stars of very low metallicity (e.g., [Fe/H] ≤ −3). More
theoretical effort is needed to address these gaps, espe-
cially because current and new surveys (e.g., SEGUE,
GALAH, APOGEE, and GAIA-ESO) will provide spec-
tra of hundreds of thousands of stars in all regions of
our Milky Way Galaxy including in the metal-poor halo.
These huge surveys are going to drive dramatic im-

provements in the reliability of stellar models, by pro-
viding data that shows inconsistencies and errors in our
current understanding. Detailed nucleosynthesis models
of AGB stars and SNe at low metallicity will be required
in order to disentangle their history or to provide insight
into the nature of the Galaxy at the earliest times.
Many significant uncertainties affect the stellar yield

calculations, such as convection and mass loss, and
these in turn affect the accuracy and reliability of
chemical evolution model predictions. Convection has
proven to be a persistent problem in 1D stellar evo-
lution calculations. While we have better observations
with which to constrain convection and convective
borders in AGB models to calibrate any given stel-
lar evolution code, we are only slowly improving our
understanding of the physics of convection in stellar
interiors (Meakin & Arnett 2007; Arnett et al. 2009;
Viallet et al. 2013).
The Spitzer Space Telescope has provided important

insight into the nature of mass loss in evolved stars.
We have learnt that mass-loss rates are not necessarily
smaller at low metallicity owing to the copious dredge-
up of primary C. We also presumably have a better
understanding of the theory of mass loss, at least for
C-rich AGB stars and progress is being made for O-rich
AGB stars as well.
Non-standard physics such as rotation and thermo-

haline mixing are now starting to be included in stellar
evolutionary calculations and the first yields are appear-
ing, albeit only for a small number of isotopes. Chemical
evolution calculations using these yields show the im-
portance of these physical phenomena on the evolution
of light species such as 3He, 7Li, and the C isotopes. Ide-
ally these calculations should be extended to include all
species affected by extra mixing.
Where will we be in the next 5 to 20 years? Future

effort must go into understanding how convection op-
erates in stellar interiors. This is singly the most im-
portant and crucial uncertainty and one that requires
multi-dimensional calculations on supercomputers. Ad-
vances driven by supercomputers will reveal insights
into the nature of 13C pocket formation in low-mass
AGB stars as well as help solve the puzzle of the O
abundances observed in post-AGB stars (e.g., is there
really overshoot into the C-O core?). We still have some
way to go to unravel these puzzles!
Supercomputers will also help drive advances in our

understanding of rotation and magnetic fields in stellar
interiors, as well as non-convective extra mixing pro-
cesses. While progress has been made in understand-
ing how thermohaline mixing operates in red giant en-
velopes, we still do not know if thermohaline mixing
is efficient in AGB stars. Some form of non-convective
mixing is needed to drive changes that we know occur
in the envelopes of low-metallicity AGB stars (e.g., low
observed 12C/13C ratios compared to AGB yields).

PASA (2014)
doi:10.1017/pas.2014.xxx



AGB nucleosynthesis and yields 59

The greatest understanding of mass loss from evolved
stars will be driven by observations from e.g., ALMA
and JWST. ALMA is already starting to probe the
clumpy nature of mass loss from evolved stars and su-
pergiants. While thermonuclear reaction rates are prob-
ably the least of our worries for low and intermediate-
mass stars, we know that some key rates (e.g., those that
destroy 23Na and the neutron-producing reactions) are
still highly uncertain and can effect stellar yields. New
experimental facilities such as the Facility for Rare Iso-
tope Beams being built at the University of Michigan
will provide new experimental data.
Stellar yields from populations of binaries covering a

range of metallicities are desperately needed. Most stars
are in binaries and many will interact. The interactions
can lead to dramatic outcomes such as Type Ia SNe,
which play an essential role in chemical evolution (and
cosmology), but also less energetic outcomes such as no-
vae, symbiotic stars, barium and CH stars, and CEMP
stars. Binary evolution will also change the yields from
a single stellar population but exactly how still needs
to be determined.
In the next 10 years there will be an explosion of new

stellar abundance data driven by new surveys and in-
struments (e.g., the GALAH survey using HERMES on
the AAT, the GAIA-ESO survey, LAMOST, APOGEE
etc). These data will help answer big questions facing
astronomy including how stars evolve and produce ele-
ments and how the elements are ejected to enrich the
Universe, as well as questions related to the forma-
tion and evolution of galaxies. These tremendous in-
vestments in astronomical infrastructure will pay the
largest dividends when augmented by complementary
theoretical and modelling research.
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Mouhcine, M. & Lançon, A. 2002, A&A, 393, 149

Mowlavi, N. 1999a, A&A, 344, 617

—. 1999b, A&A, 350, 73

Mowlavi, N., Jorissen, A., & Arnould, M. 1996, A&A,
311, 803

—. 1998, A&A, 334, 153

Mucciarelli, A., Carretta, E., Origlia, L., & Ferraro,
F. R. 2008, AJ, 136, 375

Mucciarelli, A., Origlia, L., Ferraro, F. R., Maraston,
C., & Testa, V. 2006, ApJ, 646, 939

Nataf, D. M., Gould, A. P., Pinsonneault, M. H., &
Udalski, A. 2013, ApJ, 766, 77

PASA (2014)
doi:10.1017/pas.2014.xxx



AGB nucleosynthesis and yields 67

Nollett, K. M., Busso, M., & Wasserburg, G. J. 2003,
ApJ, 582, 1036

Nomoto, K. 1984, ApJ, 277, 791

Nomoto, K., Kobayashi, C., & Tominaga, N. 2013,
ARA&A, 51, 457

Nordhaus, J., Busso, M., Wasserburg, G. J., Blackman,
E. G., & Palmerini, S. 2008, ApJL, 684, L29

Norris, J. E. 2004, ApJL, 612, L25

Norris, J. E. & Da Costa, G. S. 1995, ApJ, 447, 680

Olofsson, H., Maercker, M., Eriksson, K., Gustafsson,
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Crucillá, V., Gulino, M., Hammache, F., Hons, Z.,
Irgaziev, B., Kiss, G. G., Kroha, V., Lamia, L., Piz-
zone, R. G., Puglia, S. M. R., Rapisarda, G. G., Ro-
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Liebendörfer, M., Rauscher, T., Winteler, C.,
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